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ABSTRACT OF DISSERTATION

First Steps in the Small-Scale Structure Formation in the Universe:
The Emergence of Galaxies
Galactic morphology in the contemporary universe results from the convergence of a long
list of physical processes, not all of them yet fully understood and quantified. The universe
exhibits a hierarchical structure: galaxies grow being immersed in dark matter (DM) halos,
which in turn are fed by diffuse and filamentary accretion. I use a suite of very highresolution zoom-in cosmological simulations of galaxies in order to study the assembly of
galaxies at high redshifts, 𝑧 ≧ 2, to quantify the role of environment and of the parent DM
halos in this process. My models have been chosen to lie within similar mass DM halos,
log (𝑀v𝑖𝑟 /𝑀⊙ ) ∼ 11.65±0.05, which have been selected at the final redshifts of 𝑧f = 6, 4, and
2. Moreover, I have employed DM halos residing in high and low density environments in
the universe, and invoked two different galactic wind feedbacks, for the future comparison.
These preferences allows me to analyze how a different growth rate of these DM halos
propagates down to galaxy scales, affecting their basic parameters. I model and analyze the
morphology of the central, most massive galaxies in the parent DM halos, and determine
the basic properties of these galaxies. I perform the decomposition of galaxies into the
basic components: disks, bulges, and spheroids. Furthermore, I evaluate the properties
of stellar bars which develop in these objects. Finally, this ulta-high resolution simulation
data allows me to investigate the penetrating cold accretion filaments feeding the central
galaxies.
My main results can be divided into three groups. For galaxies, I find that (1) Although
they evolve in different epochs, their global parameters (e.g., baryonic masses and sizes)
remain within a narrow range. The galactic morphology, kinematics and stellar populations
differ substantially, yet all of them host sub-kiloparsec stellar bars; (2) The star formation
rates (SFRs) appear higher for larger 𝑧f , in tandem with their energy and momentum
feedback; (3) The stellar kinematics allowed separation of bulge from the stellar spheroid.
The existence of disk-like bulges has been revealed based on stellar surface density and
photometry, but displayed a mixed disk-like and classical bulges based on their kinematics.
The bulge-to-total mass ratios appear independent of the last merger time for all 𝑧f . The
stellar spheroid-to-total mass ratios of these galaxies lie in the range of ∼ 0.5 − 0.8; (4)
The synthetic redshifted, pixelized and point-spread-function (PSF)-degraded James Webb
Space Telescope (JWST) images allow to detect stellar disks at all 𝑧f . Some bars disappear

in degraded images, but others remain visible; (5) Based on the kinematic decomposition,
for stellar disks separated from bulges and spheroids. we observe that rotational support
in disks depends on the feedback type, but increases with decreasing 𝑧 f ; (6) Finally, the
Atacama Large Millimeter/Submillimeter Array (ALMA) images detect disks at all 𝑧 f , but
their spiral structure is only detectable in 𝑧f = 2 galaxies. We also find that the galaxies
follow the Tully-Fisher relation most of their evolution, being separated only by the galactic
wind feedback.
For stellar bars, my conclusions are that (1) The high-𝑧 bars form in response to various
perturbations, namely, mergers, close flybys, cold accretion inflows along the cosmological
filaments, etc.; (2) These bars account for a large-mass fraction of the parent galaxies;
(3) The bars display large corotation-to-bar size ratios and are weaker compared to their
low-redshift counterparts, by measuring their Fourier amplitudes; (4) High-𝑧 bars are very
gas-rich, and (5) Their pattern speed evolution does not exhibit the monotonic decline with
time as a result of braking against the DM, as at low 𝑧; (6) The bar properties, including
their stellar population (star formation rates and metal enrichment) depend sensitively on
the prevailing feedback; (7) Finally, we find that bars can weaken substantially during
cosmological evolution, becoming weak oval distortions — hence bars are destroyed and
reformed multiple times unlike their low-z counterparts. Moreover, in all cases, the bars in
our simulations have been triggered by interactions.
For accretion flows onto the DM halos and galaxies, I have analyzed the thermodynamic
and kinematic properties of cold gas accretion in filaments, from about three virial radii of
the host DM halos and down to the circumgalactic regions, deep inside the halos. I have
calculted the radial profiles of density, temperature, metallicity and the infall velocity of
the filamentary gas. Specifically, I have focused on the dissolution of filaments inside the
innermost ∼ 30 ℎ−1 kpc, where the flow is subject to the Kelvin-Helmholtz instability due
to the velocity gradient between the filament core and its envelope. This instability leads
to ablation of the filament and generates turbulence in the region. I have quantified this
turbulence, which can affect also the gas motions in the underlying galactic disks.
KEYWORDS: dark matter, galaxy evolution, high-redshift galaxy, stellar bars, large-scale
structure
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Contours define the number density of stars on Φ − 𝜖 plane. Right: Cylindrical
radius, 𝑅, in the 𝑥𝑦-plane in the comoving frame versus 𝜖. Contours define the
number density of stars on the 𝑅 − 𝜖 plane. More details in Figure 2.11 and in
the text. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .
Bulge-disk kinematic decomposition of the Z2LCW model at 𝑧f = 2 (additional
details in Fig. 2.10 and in the text). The colors correspond to stellar ages. Shown
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𝑧f = 6. Shown are models Z6LCW and Z6LVW (top), and Z6HCW and and
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Z6HVW (bottom). The vertical lines in the upper right corner, 𝑟 ∼
represent the stars found in substructures that after some time dissolve in the
halo and contribute to the halo stellar population. All in comoving coordinates.
Colors represent stellar ages given in Myr. More details in the text. . . . . . .
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Chapter 1 Introduction and Motivation

1.1

Galaxy Morphology and the Hubble Fork

Galactic morphology is a classical subject with a rich history in astronomy, which began
with the earliest observations of galaxies, and continues to the modern day as one of the
major methods we study galaxies. It allows to describe galaxy properties and is suggestive of various processes or stages of galaxy evolution. The scientific goal of the galactic
morphology studies has been to understand the dynamical and secular mechanisms which
underline the galaxy growth. That galaxy morphology is changing over cosmological
time has become evident fairly well from the quantitative analysis of galaxy populations
at various redshifts, as shown in Table 1.1(e.g., Delgado-Serrano et al., 2010). However,
understanding the cause for this evolution associated with an emergence of new morphological types of galaxies is still incomplete and requires a combined effort of observers and
theorists.
With the big technological improvements during the 20th century, more and more
details of the galaxy morphological structure have been detected. In 1926, Edwin Hubble
has published his now famous morphological classification of observed galaxies, so-called
Hubble classification, which introduced the “Tuning Fork” diagram separating galaxies into
two main types: ellipticals and disks. A further division of disk galaxies has been made,
which divided the disk galaxies into two subclasses, depending on the presence or absence
of galactic bars (see Figure 1.1).
The Hubble Fork diagram has classified successfully most of the visually observed
galaxies. But further observations discovered ’Irregular’ galaxies, which can not be fitted
into the elliptical/spiral scheme. Holmberg (1958) found that most ellipticals are massive
and red, and experience little star formation, while most disk galaxies are less massive,
bluer and consequently display more ongoing star formation. This difference between
disk and elliptical galaxies has opened a list of additional important parameters which
characterize galaxies (e.g., Roberts et al., 1963, 1994; Conselice et al., 2006a; Allen et al.,
2006). These additional parameters provide important clues to understanding the physics
of galaxy formation and evolution. For example, the local environment of galaxies is found
to strongly correlate with a galactic morphology (e.g., Dressler , 1984). While attempts
have been made to explain the galactic properties on physical grounds, it still remains
unclear how the structural properties of galaxies are related to their formation history. And
the relative abundance of various morphological types of galaxies remains unexplained in
the contemporary universe, even less so at other redshifts. Galaxy observations at higher
redshifts are more scarce, and so we know even less about the galaxy evolution and galactic
morphology when our universe was younger.
Furthermore, the Tuning Fork diagram has emphasized the importance of barred disk
galaxies, where spiral arms start from the ends of the stellar bar instead of the central regions
of galaxies. These bars clearly dominate the morphology of disk galaxies, often driving
the associated spiral structure (e.g., Kormendy , 1979; Kormendy & Norman , 1979). It
is clear from general dynamical considerations that stellar bars play an important role in
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Figure 1.1: The original Hubble (1936) ‘tuning fork’ classification (left), and a schematic
of the revised tuning fork outlined in the Hubble Atlas (Sandage 1961; Buta et al. 2007).
Table 1.1: Fraction of the different morphological galaxy types for local (𝑧 = 0) and distant
(𝑧 = 0.6) samples (Delgado-Serrano et al., 2010). a Fractions in the peculiar class constitute
addition of the fractions of peculiar subclasses.
Type
E
S0
Spiral
Peculiara :
P/Irr
P/Tad
P/Mer
P/C

Local (𝑧 = 0)
Total (%) Quiescent (%)
3±1
3±2
15±4
14±4
72±8
76±10
10±3
7±3
4±2
2±1
0±0
0±0
4±2
4±2
2±1
1±1

Starburst (%)
0±0
20±10
55±17
25±11
15±9
0±0
5±5
5±5

Total(%)
4±1
13±2
31±7
52±9
26±7
6±3
20±6
0±0

Distant (𝑧 = 0.6)
Quiescent (%) Starburst (%)
11±3
0±0
33±6
0±0
31±6
31±8
25±5
69±12
21±5
29±8
0±0
10±5
4±2
30±8
0±0
0±0

the evolution of galaxies, and especially in redistribution of the angular momentum there.
However, observational detection of bars at high redshifts is more difficult.
1.2

Morphology: Measurement Methods

The classic approach towards measuring the structural details of galaxies is through their
apparent visual morphology. The major system of classification was developed by Hubble
(1926), De Vaucouleurs (1959), Sandage (1961) and Sandage (1975). Modern reviews
of galaxy classification by eye into visual types can be found in Buta (2013).
The deficiency of visual morphology measurements is that visual classifications can
only be applied to few limited and well defined classes: spirals, ellipticals, and irregular/peculiars. Usually, galaxies are too faint to be seen in detail at high redshifts, and,
therefore, it is not easy to determine which class they belong to. Nearly all deep Hubble
Space Telescope (hereafter HST) imaging starting from its earliest days (e.g., Dressler ,
1984; van den Bergh , 1996) perform visual morphological classification, and it has continued with the later deeper HST observations, including those that sample the rest-frame
optical band redshifted to the near-infrared band (e.g., Mortlock et al., 2013; Lee et al.,
2013). Although some obvious methods to how these classifications can be applied to
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higher redshifts galaxies exist, it is difficult to disentangle the observed changes due to the
redshift effects from the actual evolution.
Therefore, parametric measurements can be better in some cases. The first parametric
method to quantify the galaxy morphology was introduced through the use of integrated
light profiles of galaxies. These profiles are simply measured by calculating the average
light intensity of a galaxy at a given radius, and then determined how this intensity changes
as a function of the galactic radius. This approach was first used by De Vaucouleurs (1948),
who measured the light from elliptical galaxies by photometric observations with different
apertures, and applied some fitting thereafter. A more general and practical form was given
by Sersic (1963), using the surface brightness profiles for different types of galaxies, i.e.,
𝐼 (𝑟) = 𝐼e 𝑒 −𝑏n [(𝑅/𝑅e )

1/𝑛 −1]

(1.1)

where, 𝐼e and 𝑅e are the effective surface brightness at the effective radius, and 𝑛 is the
Sersic index. The standard canonical benchmarks are that the de Vaucouleurs profile in
elliptical galaxies is given by 𝑛 = 4, and for exponential disks by 𝑛 = 1.
Sérsic profile is widely used to describe the nearby galaxies (e.g., Kormendy et al., 2009),
and more recently has been applied to distant galaxies as well (e.g., Kormendy Djorgovski
, 1989; Allen et al., 2006; Simard et al., 2011). Recently two-dimensional profile fitting
with various forms such as the Sérsic, exponential and de Vaucouleurs profiles, has been
used by the GALFIT code (Peng et al., 2002), and by the GIM2D code (Simard et al.,
2011). These codes use a fast method for measuring the light profiles and radii of many
galaxies at once, and help to better understand the evolution of galactic morphology. These
parametric measurements can be applied to different light components at high redshifts as
well, although these codes may have limitations. For example, these codes have buildin radial fitting profiles associated with a fixed isophote ellipticities, which obviously
oversimplifies the fitting.
1.3

Key Factors Determining the Galactic Morphology

One of the ultimate goals of studying the galaxy morphology is to trace evolution of their
structural parameters over the cosmic time, and using this as a method to decipher the
galaxy evolution. It is difficult to apply this approach because many factors exist that can
affect the morphology of a galaxy.
1.3.1

Star Formation Rate

The star formation in galaxies serves as a critical evolutionary parameter because galaxies
are made of stars. Actually, star formation is also one of the major criteria for galaxy
classification along the Hubble sequence. Star formation has been used to classify spiral
galaxies into various classes (e.g., van den Bergh , 1976; Elmegreen & Elmegreen , 1987).
The integrated star formation density evolution of galaxies in the universe has been
studied in detail. Studies of integrated star formation density evolution of galaxies show
that the star formation rate increases from a low initial value at 𝑧 > 6 to the peak around
𝑧 ∼ 2, and declines thereafter. At higher redshifts, 𝑧 > 1, a well defined relation exists
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between the star formation rate and the stellar mass of a galaxy. For example, higher mass
galaxies have a higher rate of star formation (e.g., Noeske et al., 2007; Bauer et al., 2011).
This is important, as galaxies at different redshifts with very different star formation rates
can have very different morphologies. One example can be brought up, local galaxies with
the star formation appear clumpier and more asymmetric than those without star formation.
Furthermore, there are also morphological 𝐾-correction effects1, namely, the star forming
galaxies have a smaller difference in their morphologies between UV through optical and
near-infrared bands (e.g., Windhorst et al., 2002; Taylor-Mager et al., 2007). This means
that at shorter wavelengths, the morphologies are directly tracing the distribution of star
formation. At wavelengths longer than the Balmer break2, stars of different ages constitute
a mixture: older-age stars dominate the spectral energy distributions (SEDs) at longer
wavelengths. In addition, such galaxies as sub-mm sources and ultra-luminous infrared
galaxies (ULIRGs), which are very dusty, can have a significant UV and optical light being
absorbed (e.g., Calzetti et al., 2000).
Star formation will not only affect morphology qualitatively but also its quantitative
structure. For example, a strong correlation has been observed between the clumpiness
index (S) and the H𝛼 line equivalent width (Conselice , 2003). Clumpiness index (S) can be
also used as a measure of star formation and galactic asymmetry values correlate strongly
with (B-V) color for nearby galaxies (Conselice et al., 2000). Moreover, the Spitzer Space
Telescope imaging shows more asymmetric and clumpy light distribution within H𝛼 images
of nearby galaxies (e.g., Bendo et al., 2007).
1.3.2

Galaxy Interactions and mergers

Galaxy merging is one of the most important events that can affect the galactic morphology
directly. Nearby galaxy mergers (e.g., Joseph & Wright , 1985; Sanders & Mirabel , 1996)
as well as those observed in numerical simulations (e.g., Mihos & Hernquist , 1996) show
that during the merging process galaxies often become very peculiar and distorted, which
indicates a strong correlation between the galaxy morphology and the galaxy interactions.
Numerical simulations have shown that strong interactions and mergers can destroy galactic
disks, trigger formation and destroy stellar bars, and convert disk galaxies into elliptical
ones.
1.3.3

Galactic Properties

Many of galaxy characteristics can be explained by their main property, the total mass
(Caon et al., 1993; Disney et al., 2008). Caon et al. (1993) found that there exists a strong
correlation between an elliptical galaxy light profile shape and the absolute magnitude (𝜇 𝐵 )
of a galaxy3. It has been shown that in average galaxies with a higher concentration of light
1 The

𝐾-correction "corrects" for the fact that sources observed at different redshifts are, in general,
compared with standards or each other at different rest-frame wavelengths. It is part of the relation between
the emitted- or rest-frame absolute magnitude of the source in one broad photometric bandpass to the
observed-frame apparent magnitude of the same source in another broad bandpass.
2 The Balmer jump, or discontinuity, or Balmer break is the difference of intensity of the stellar continuum
spectrum on either side of the limit of the Balmer series of hydrogen, at approximately 364.5 nm.
3 Absolute magnitude of a galaxy is its luminosity on the logarithmic scale
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are more massive, based on stellar and total mass (e.g., Conselice , 2003)). In addition,
the light concentration also correlates with the stellar bulge fraction of the galactic disk:
the more concentrated a galaxy is, the less likely it will contain a significant disk (e.g.,
Conselice , 2003).
By using the Sloan Digital Sky Survey (SDSS), Strateva (2001) have shown that non-star
forming galaxies are more concentrated than star forming blue systems. Similar correlation
has been found convincingly by others (e.g., Allen et al., 2006; Conselice et al., 2006a).
The light concentration for elliptical galaxies also correlates with the mass of the central
supermassive black hole (e.g., Graham et al., 2002; Savorgnan et al., 2013).
1.3.4

The Role of Galactic Environment

In the local universe, the environmental differences (e.g., in overdensity) can affect the
galactic morphology (e.g., Dressler , 1984; Postman et al., 2005). Populations of galaxies
differ in clusters of galaxies and in the field. Galaxies residing in the high density regions
tend to be early-type and non-star forming galaxies (e.g., Dressler , 1984; Gomez et al.,
2003; Blanton & Moustakas , 2009). On the other hand, galaxies in the low density region
tend to have fewer classical bulges or being elliptical galaxies (e.g., Kormendy et al., 2010).
Comparing the local density to that of the average density in the universe at a specific
redshift, one can distinguish between overdensities and field environments. Observations
of overdensities at high redshifts already provide some interesting conclusions. Tasca et al.
(2009) have examined the morphology-density relationship for about 100,000 galaxies in
the COSMOS survey, and found that the morphology-density relation evolves slightly with
redshift, becoming flatter at higher redshifts (e.g., Grutzbauch et al., 2009). Specifically,
for galaxies with stellar masses above 1010.6 M⊙ , galactic morphologies appear to be more
sensitive to the stellar mass as the critical factor rather than overdensity. Galaxies at 𝑧 > 1
in high density environments show signs of a faster increase of the galaxy size with redshift
in comparison to galaxies in the field environment e.g., Cooper et al., 2012; Lani et al.,
2013. For galaxies at higher redshifts, 𝑧 > 2, numerical simulations can serve as a good
alternative due to the limited observational data, and having a strong predictive power to
advance our knowledge prior to availability of observations.
1.3.5

The Focus of This Thesis

In my doctoral research work, I have focused on galaxy formation and evolution at high
> 2, corresponding to a relatively short period of time, ∼ 3.4 Gyr, after the Big
redshifts, 𝑧 ∼
Bang. At these high redshifts, the universe differed substantially from the current universe.
Many gas dynamical processes have been much more intensive because the gas dominated
the baryonic content. The rate of star formation was higher, and probably peaked around
𝑧 ∼ 2. The buildup of galaxies has been much more intense because of filamentary and
diffuse accretion proceeded at substantially higher rates, and so the galaxy mergers and
interactions. All these processes had a large impact on galactic morphologies. While
these galaxies will be observed and analyzed in the next decade, numerical simulations
appear to be mature to model them already, using powerful supercomputers. These issues
have motivated me in my work which is divided into three chapters: chapter 2 is analyzing
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the evolving morphology of high-redshift galaxies and their appearance in the newest
instruments, e.g., the JWST and ALMA. Chapter 3 deals with triggering and destruction
of stellar bars at these redshifts, and chapter 4 attempts to investigate the grey zone of the
contemporary astrophysics — the cosmological filaments penetrating the DM halos and
fueling the central galaxies with gas for the ongoing star formation within the first 3.45 Gyr
after the Big Bang.
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Chapter 2 Emergence of Galactic Morphologies at Cosmic Dawn: Input from
Numerical Modeling

2.1

Summary

We employ a series of high-resolution zoom-in cosmological simulations to analyze the
> 2. We choose halos
emerging morphology of main galaxies in dark matter halos at 𝑧 ∼
of similar masses, l𝑜𝑔 𝑀v𝑖𝑟 /M⊙ ∼ 11.65 ± 0.05, at the target redshifts 𝑧f = 6, 4 and
2. The rationale for this choice allows us to analyze how the different growth rate in
these halos propagates down to galaxy scales, affecting their basic parameters. Halos
were embedded in high/low overdensity regions, and two versions of a galactic wind
feedback were employed. Our main results are: (1) Although our galaxies evolve in
different epochs, their global parameters remain within narrow range. Their morphology,
kinematics and stellar populations differ substantially, yet all host sub-kpc stellar bars; (2)
The star formation rates appear higher for larger 𝑧f ; (3) Bulges and stellar spheroids were
separated by stellar kinematics, disky bulges were revealed using the Sersic method and
photometry.The bulge-to-total mass ratios appear independent of the last merger time for
all 𝑧f . The spheroid-to-total mas ratios lie within ∼ 0.5 − 0.8; (4) The synthetic redshifted,
pixelized and PSF-degraded JWST images allow detection of stellar disks at all 𝑧f . (5) Based
on the kinematic decomposition, rotational support in disks depends on the feedback type,
but increases with decreasing 𝑧f ; (6) Finally, the ALMA images detect disks at all 𝑧f , but
spiral structure is detectable in 𝑧f = 2 galaxies. Moreover, galaxies follow the Tully-Fisher
relation, being separated only by the galactic wind feedback.
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2.2

Introduction

Understanding galaxy evolution lies at the forefront of the contemporary astronomy research.
Observations have continuously pushed the detected galaxy redshift limit, which now stands
at 𝑧 ∼ 11 (e.g., Oesch et al., 2016), by applying mostly two methods — searching for Ly 𝛼
emitters (LAEs) and Lyman Break galaxies (LBGs) (e.g., Cassata et al., 2011; Konno et
al., 2014; Madau & Dickinson, 2014; Bouwens et al., 2015; Harikane et al., 2018; Ono et
al., 2018). Most of the surveys of high-𝑧 galaxies detect only the brightest galaxies (e.g.,
Förster-Schreiber et al., 2006; Genzel et al., 2008), but using gravitational lensing and other
techniques, fainter galaxies can be targeted (e.g., Kawamata et al., 2016; Bouwens et al.,
2017; Lotz et al., 2017; Ishigaki et al., 2018; Shibuya et al., 2021).
Galactic morphology in the contemporary universe results from the convergence of a
long list of physical processes, not all of them yet understood and quantified. Among these
are the role of environment and the parent DM halos, as well as the stellar and the AGN
feedback, local and global instabilities in the stellar and gaseous disks, and origin of stellar
bulges and bars.
In this work we investigate the emergence of galactic morphologies at the Cosmic Dawn,
> 2, i.e., when the age of the universe was about 3.45 Gyr. Using very highat redshifts 𝑧 ∼
resolution zoom-in simulations, We focus on galaxy evolution within similar mass dark
matter (DM) halos, log 𝑀v𝑖𝑟 ∼ 11.65 ± 0.05 M⊙ , terminating their evolution at three target
> 6, and
redshifts, 𝑧f = 6, 4 and 2. This evolution encompasses the reionization epoch, 𝑧 ∼
the subsequent time period of ∼ 2.5 Gyr, when the star formation in the universe peaks.
Overall, evolution for 𝑧 ∼ 9 − 2 is analyzed.
Our choice of the DM halo masses is based on a number of factors: (1) avoiding lowmass galaxies which cannot form sustainable galactic disks on one hand, and avoiding the
high mass halos and galaxies which would be exceedingly rare at these redshifts, on the other
hand; (2) Similar mass halos at different redshifts grow at different rates — an effect which
is expected to propagate down to galactic scales and which we plan to analyze; (3) Focusing
on similar mass halos at different redshifts allows us to single out two processes, the effect
of environment and that of the stellar feedback; (4) Moreover, such DM halos are expected
to host galaxies with stellar masses of and in excess of 1010 M⊙ being most hospitable to
developing stellar bars as observed in the contemporary universe (e.g., Gadotti, 2009); (5)
Most importantly, these halos growth is expected to contain 𝐿∗ galaxies at 𝑧 = 0, so their
comparison with the present day galaxies is the most optimal one.
To some extent, we are still testing the simplest scenario of galactic structure formation
when the disk component is produced by a diffuse accretion and the stellar spheroid origin
results from the mostly dissipationless mergers in the hierarchical universe (e.g., White
& Rees, 1978). Yet, some significant details of this scenario are still elusive, and we are
unable to provide a quantitative explanation to the Hubble Fork diagram in the contemporary
universe (e.g., Scannapieco et al., 2009; Romano-Díaz et al., 2009; Crain et al., 2015; Schaye
et al., 2015; Vogelsberger et al., 2018a,b; Pillepich et al., 2019).
Numerical simulations have been indispensable in understanding the formation of realistic galaxies and determining the emerging morphologies, using both large computational
boxes to quantify statistical properties of samples of galaxies, and by means of the zoom-in
simulations of individual objects. The large box simulations have allowed to focus on the
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evolution of scaling relations, but their mass and spatial resolution are often insufficient to
follow the dynamics of the inner region of galaxies (e.g., Vogelsberger et al., 2014; Schaye
et al., 2015; Nelson et al., 2018, 2019). On the other hand, zoom-in simulated galaxies and
halos can deal only with a small number of objects due to the associated heavy computational load (e.g., Navarro & White, 1994; Springel et al., 2008; Romano-Díaz et al., 2009;
Guedes et al., 2011; Pallottini et al., 2017). Modeling galaxy evolution at high redshifts
is challenging, as it requires substantially higher mass and spatial resolutions. However,
insufficient resolution at high redshifts can result in a skewed evolution of galaxies at low
redshifts, including the effect of stellar bars on this evolution.
Our suite of high-resolution zoom-in cosmological simulations explores different ways
to characterise the morphologies, which for various reasons are not observed at low redshifts.
This exploratory work attempts a number of options to quantify and compare the set of
parameters which define the galactic morphology at ∼ 1 − 3 Gyr after the Big Bang. We
follow the assembly of DM halos, which are not the most massive at these redshifts. Halos
with this mass range are smaller than the Milky Way halo only by a factor of 2.5 at 𝑧 = 0
(e.g., Posti & Helmi, 2019). They are not common at redshifts 2, and become progressively
rare towards 𝑧f = 6.
In the local universe, observations have detected a trend towards an organized galactic
rotation above the stellar masses of log 𝑀∗ ∼ 9 − 9.5 M⊙ (e.g., Kassin et al., 2012; Simons
et al., 2015, 2017; El-Badry et al., 2018; Pillepich et al., 2019), thus reflecting transition
to the Tully-Fisher (TF) relation (e.g., Tully & Fisher, 1977). Lower mass galaxies show
progressively increasing scatter in the TF diagram, a more diverse morphology and kinematics. This galaxy population exhibits irregular morphology and velocity fields, including
those of the gas component (e.g., Walter et al., 2008; Ott et al., 2012). That the prevailing
galactic morphology is changing with redshift has been detected clearly already at 𝑧 ∼ 0.6,
when the fraction of peculiar galaxies has grown by a factor of ∼ 2 − 3 on behalf of disk
galaxies (e.g., Delgado-Serrano et al., 2010), and it is expected to grow even further with 𝑧
(e.g., Brinchmann & Ellis, 2000).
While it seems logical that the mergers and flybys play an important role in shaping the
galaxies, development of galactic morphologies is full of controversies. At the face value,
frequent mergers could disrupt fragile galactic disks and one should expect the prevalence
of spheroids at high redshifts. However, the cold accretion flows can compete successfully
with mergers driving the galaxy growth (e.g., Keres et al., 2005; Dekel & Birnboim, 2006).
Numerical simulations have also indicated that galaxies at 𝑧 ∼ 9 − 10 are preferentially
disky, above galaxy masses of ∼ 109 M⊙ , in agreement with galaxies at 𝑧 = 0, which
are sufficiently resolved (e.g., Romano-Díaz et al., 2011), and grow preferentially by cold
accretion flows in a broad range of masses above 𝑧 ∼ 6 at least (e.g., Romano-Díaz et
al., 2014). This has been extended to lower redshifts, although observationally only a
circumstantial evidence exists for smooth accretion flows penetrating the DM halos (e.g.,
Sancisi et al., 2008; Keres et al., 2009; Rauch et al., 2011; van de Voort et al., 2012; Martin
< 1, the cold accretion flow should decrease sharply
et al. , 2015; Vernet et al., 2017). For 𝑧 ∼
(e.g., Brooks et al., 2009).
Understanding galactic morphology presumes that one is capable of separating the
stellar body of the galaxy into subcomponents based on the surface and/or brightness
density, kinematics, metallicity, age, etc. Attempts to decompose galaxies into various
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morphological features have a long history and aims at quantifying their relative importance
during galaxy evolution (e.g., Abadi et al., 2003a,b; Governato et al., 2007; Di Matteo et
al., 2008; Croft et al., 2009; Marinacci et al., 2014; Genel et al., 2015; Jagvaral et al., 2021).
In this work, we focus on quantifying the galactic morphology by various methods,
namely, applying the bulge-disk decomposition using the surface stellar density, the surface photometry, and the stellar kinematics. We compare the numerical images of our
galaxies with their synthetic images using the James Webb Space Telecsope (JWST) and
Atacama Large Millimeter/submillimeter Array (ALMA). We also perform the bulge-disk
decomposition for these photometric images for comparison with our numerical models.
The kinematic decomposition of a stellar system used in the literature is based on the
method advanced by Abadi et al. (2003b) and typically applied only to 𝑧 = 0 objects. It is
based on a single parameter of a normalized specific stellar angular momentum, and assumes
that the spheroidal component has no angular momentum, with an equal amount of stars on
the prograde and retrograde orbits, as well as the presence of thin and thick disk components
(in some publications) which have different rotational support. This separation into cold
and hot disk components is completely arbitrary. We apply a different decomposition which
uses a single disk component but separates the bulge from the extended and hotter stellar
spheroid, without restricting their angular momenta. Contrary to expectations of "cold"
disk with the aspect ratios of 10:1 as mentioned in the literature for 𝑧 = 0 disks, our disks
> 2 are expected to appear hotter and with smaller aspect ratios. We also do not expect
at 𝑧 ∼
that the spheroid is spherical.
A modified method for kinematic decomposition disk – spheroid based on two parameters has been applied by Scannapieco et al. (2009). We have tested this method and an
additional method based on two parameters, and discuss the results in section 2.4.4.
While we do not anticipate that each method returns identical result, some correspondence is expected. In particular, we ask the following questions: how do global and local
parameters describing the galaxy assembly correlate among similar mass parent DM halos at various 𝑧f . By global parameters we mean the stellar and baryonic masses as well
as galaxy sizes, and overall rotational versus dispersion-supported motions in stellar and
gaseous components in galaxies. By local parameters we mean the bulge-to-total ratio of
stellar masses, B/T. Are bulges dynamically cold (disky) or hot (classical), i.e., are they
rotationally or dispersion supported? We employ two types of stellar feedback — galactic
winds of a different strength, and anlyze how does the wind’s strength affect the galaxy
evolution at these redshifts? Furthermore, we follow the stellar mass buildup of galaxies
and trace the stellar migrations from their birth place to that at 𝑧f .
The galaxy growth rate in similar mass halos at different redshifts is expected to be
influenced by a substantially different parent DM halo growth, even when immersed in the
same overdensity environment. The stellar feedback, either in the form of SN or galactic
winds, is expected to scale with the star formation rate, and do this in nonlinear fashion.
We analyze the effect this growth rate has on the galactic morphology — to the best of our
knowledge this method was not used so far in the literature.
In short, we are interested to compare the structural and kinematic evolution of high-𝑧
galaxies that are hosted by similar mass halos subject to different stellar feedback at different
redshifts. In a subsequent chapter, we analyze the properties of galactic bars formed in these
galaxies (chapter 3).
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Table 2.1: Simulation suite with DM only and with baryons. All values are given at the
final redshifts 𝑧f = 6, 4, and 2. The columns correspond to (from left to right): the final
redshift 𝑧f ; the model number (see definition in section sec:group; the virial mass of DM
halo 𝑀v𝑖𝑟 at 𝑧f in DM only and baryonic simulations; the halo virial radius (in comoving
coordinates) 𝑅𝑣𝑖𝑟 in DM only and baryonic simulations; λ — the DM halo spin in DM only
and baryonic simulations; δ — the local overdensity; CW and VW — the galactic wind
feedback, Constant Wind (CW) and Variable Wind (VW).
zf

Model Name

6
6
6
6
4
4
4
4
2
2
2
2

Z6HCW
Z6HVW
Z6LCW
Z6LVW
Z4HCW
Z4HVW
Z4LCW
Z4LVW
Z2HCW
Z2HVW
Z2LCW
Z2LVW

l𝑜𝑔𝑀v𝑖𝑟 M⊙
DM only sims.
11.7
11.7
11.7
11.7
11.7
11.7
11.8
11.8
11.8
11.8
11.8
11.8

l𝑜𝑔 𝑀v𝑖𝑟 M⊙
baryonic sims.
11.6
11.6
11.6
11.6
11.6
11.6
11.6
11.6
11.7
11.7
11.7
11.7

𝑅v𝑖𝑟 k𝑝𝑐
𝑅v𝑖𝑟 k𝑝𝑐
λD𝑀
λ
DM only sims. baryonic sims. DM only sims. baryonic sims.
263
252
0.039
0.024
263
257
0.039
0.024
263
251
0.028
0.023
263
249
0.028
0.018
263
271
0.035
0.061
263
254
0.035
0.055
264
258
0.019
0.022
264
267
0.019
0.024
295
293
0.019
0.023
295
293
0.019
0.054
279
283
0.020
0.021
279
261
0.020
0.013

δ

Feedback

3.04
3.04
1.60
1.60
3.00
3.00
1.33
1.33
2.80
2.80
1.47
1.47

CW
VW
CW
VW
CW
VW
CW
VW
CW
VW
CW
VW

This paper is organized as follows. Section 2 describes the numerical issues and methods
used. Section 3 presents our results, including photometric and kinematic analysis of bulges
and galaxies, and population evolution and migration in these objects. This is followed by
discussion section and summary.
2.3
2.3.1

Numerical Modeling
Numerics and Initial Conditions

We invoke our version of the hybrid 𝑁-body/hydro code gizmo (Hopkins, 2017) with the
Lagrangian meshless finite mass (MFM) hydro solver. gizmo has implemented an improved
version of the TreePM gravity solver from gadget (Springel, 2005).
We assume the Planck 16 ΛCDM concordant cosmology with parameters Ωm = 0.308,
ΩΛ = 0.692, Ωb = 0.048, 𝜎8 = 0.82, and 𝑛s = 0.97 (Plank Collaboration et al., 2016). The
Hubble constant is taken as ℎ = 0.678 in units of 100 km s−1 Mpc−1 . The initial conditions
have been imposed at the starting 𝑧 = 99. Both the parent box and the individual zoom-in
simulations were created using the code music (Hahn & Abel, 2011). The simulations have
been run from 𝑧 = 99 to the target redshifts 𝑧f = 6, 4, and 2. Additional details of the
models are given in Table 2.1.
The meshless finite mass (MFM) hydrosolver and an adaptive gravitational softening
for the gas has been implemented. The multiphase interstellar matter (ISM) algorithm has
been used (Springel & Hernquist, 2003), and the stellar feedback included the SN II and two
models of galactic winds (see section 3.4.2). Feedback by SN Ia appears to be unimportant
> 2 (e.g., Childress et al., 2014), and therefore was not included. Simulations included
for 𝑧 ∼
the redshift-dependent cosmic UV background (Faucher-Giguere et al., 2009).
We use the hybrid multiphase model for the ISM and star formation (Springel &
Hernquist, 2003), where starforming particles contain the cold phase that forms stars and
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the hot phase that results from the SN heating. The former contributes to the star formation,
while the latter contributes to the thermal gas pressure. This recipe includes the metal
enrichment — the metallicity increase in the starforming gas is related to the fraction of
gas in the cold phase, the fraction of stars that turn into SN, and the metal yield per SN. We
follow the gas and stellar metallicities, including H, He, C, N, O, Ne, Mg, Si, S, Ca, and Fe.
Metal diffusion is not implemented explicitly, but metals can be transported by winds (see
−3
section 3.4.2). The density threshold for star formation (SF) was set to 𝑛S𝐹
crit = 4 cm .
The gas cooling, including Compton, free-free, collisional, and metals, and heating
processes are accounted for, including effects of ionization and recombination.
For the zoom-in part, the mass per particle is 3.5 × 104 M⊙ (for gas and stars) and 2.3 ×
105 M⊙ (for DM). In comoving coordinates, the minimal adaptive gravitational softening
for the gas was 74 pc, and the softening for stars and DM is 74 pc and 118 pc. This means,
for example, that at the final redshifts, 𝑧f = 6, 4, and 2, the softening for the stars in physical
coordinates is 10.5 pc, 14.7 pc, and 24.6 pc, respectively. The effective number of baryonic
particles in our simulations is 2 × 40963 .
The Illustris-1, IllustrisTNG100-1 and TNG50 simulations (Vogelsberger et al., 2014;
Nelson et al., 2018, 2019) have the DM mass per particle 6.3 × 106 M⊙ , 7.5 × 106 M⊙ ,
and 4.5 × 105 M⊙ , respectively. The gas and stellar mass per particle is 1.6 × 106 M⊙ ,
1.4 × 106 M⊙ and 8.5 × 104 M⊙ . The EAGLE simulations (Schaye et al., 2015) have the
mass resolution of 9.7 × 106 M⊙ for DM and 1.8 × 106 M⊙ for the gas. The gravitational
softening in Illustris-1, TNG100-1 and TNG50 is 1.4 kpc, 0.74 kpc and 0.29 kpc for DM,
and 0.74 kpc, 0.19 kpc and 0.074 kpc for the gas, respectively. In EAGLE simulations
the resolution is 0.7 kpc at 𝑧 = 2.8. This softening is depending on redshift for 𝑧 > 1.
Hence, with the exception of the TNG50 simulations, both the mass and spatial resolutions
are substantially reduced in comparison to those in the present work, up to two orders of
magnitude. The TNG50 is compatible to our simulations within a factor of 2–3.
2.3.2

Defining DM halos and galaxies

The algorithm music (Hahn & Abel, 2011) has been used to initial conditions for the
parent box and the individual zoom-in simulations. music uses a real-space convolution
approach in conjunction with an adaptive multi-grid Poisson solver to form highly accurate
nested density, particle displacement, and velocity fields suitable for multi-scale zoom-in
simulations of structure formation in the universe. Firstly, we have generated a comoving
box of 74 Mpc with 10243 DM-only particles, and run it until redshift 𝑧 = 2. The DM halos
have been selected applying the group finder (see below) at the target redshifts of 𝑧f = 6, 4,
and 2, to have the prescribed DM masses of log (𝑀v𝑖𝑟 /M⊙ ) ∼ 11.75 ± 0.05, dimensionless
halo spin λ, and the local overdensity δ (see below for the definitions of 𝑀v𝑖𝑟 and δ).
The halos have been calculated by using the rockstar group finder (Behroozi et al.,
2013), with Friends-of-Friends (FoF) linking length of 𝑏 = 0.28, and accounting only for
the bound DM particles (Table 2.1). The merger trees have been constructed using the
rockstar halo catalogs and the consistent-trees algorithm (Behroozi et al., 2012). The
halo virial radius and the virial mass, 𝑅vir and 𝑀vir , have been defined by 𝑅200 and 𝑀200
(e.g., Navarro et al., 1996). 𝑅200 is the radius inside which the mean interior density is 200
times the critical density of the universe at that time.
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In the next step, we have carved out a sphere encompassing all particles within the
volume of ∼ 3𝑅vir to avoid contamination of the high resolution region by the massive
particles. These particles have been traced to their initial conditions, in order to create a
mask for music, where the resolution has been increased by 5 levels, i.e., from 27 to 212 .
Overall, we have 5 levels of refinement, analyzing only the highest level — our mass and
spatial resolution given below refer only to this level.
The full box run has defined the overdensity environment δ by creating 1.5 Mpc grids
centered on DM halos and calculating the average DM densities inside these grids. The
ratios between these densities and the average density of the universe provide δ. The DM
halos have been chosen for low and high overdensities, δ ∼ 1 and δ ∼ 3, respectively.
Table 2.1 lists the DM halo models in our simulations and their main characteristics.
We used the group-finding algorithm hop (Eisenstein & Hut, 1998) to identify galaxies
using the outer boundary threshold of baryonic density 10−2 𝑛SF
crit , which ensures that both
the host star-forming gas and the lower density non-star-forming gas are roughly bound to
the galaxy (Romano-Díaz et al., 2014). We use hop for this purpose in order not to impose
a particular geometry on the galaxy. Note that this definition of galaxy differs from many
used in the literature, which base the galaxy size on 0.1𝑅vir (e.g., Marinacci et al., 2014).
2.3.3

Galactic Wind Models

There is a consensus that stellar feedback plays a major role in galaxy evolution. Absent
or weak feedback results in a very efficient star formation, leading to compact galaxies
populated with old stars, in contradiction to observations (e.g., White & Rees, 1978;
Governato et al., 2007). We have used two types of galactic feedback models in addition
to the stellar SN Type II feedback: the Constant Wind (Springel & Hernquist, 2003) and
the Variable Wind (Oppenheimer & Dave, 2006), CW and VW, respectively. Both wind
models have been implemented by "decoupling" the wind particles from the gas particles.
In other words, the wind particles do not interact hydrodynamically and move ballistically.
The time period of decoupling depends on the shortest time between 106 yrs and decrease
in the background gas density by a factor of 10.
In the CW models, the wind velocity has been taken constant, 𝑣 w = 484 k𝑚 𝑠−1 and the
wind mass-loading factor is 𝛽w ≡ 𝑀¤ w / 𝑀¤ SF = 2 (Romano-Díaz et al., 2014). Here, 𝑀¤ w
represents the mass loss in the wind, and 𝑀¤ SF is the (mass) star formation rate. The wind is
assumed to be isotropic. In the VW models, the wind velocity scales with the parent DM
halo escape speed. The wind mass-loading factor is calculated based on the wind energy
and its momentum. The wind orientation is isotropic as well.
These winds allow us to vary the feedback and determine the effect of this feedback on
galaxy evolution. The accepted parameters of the winds prescribe that the VW will have a
stronger effect on the gas dynamics by depositing larger kinetic energy there. Indeed, we
have measured the ratio of kinetic energies of 𝐸 CW /𝐸 VW , and find that this ratio is always
less then unity, and typically ranges between 0.1 and 0.01, sometimes diving below this
values. It varies by a factor up to 103 . The expected result is that the star formation rate
will be smaller in the VW models, which indeed is the case (see Section 2.4.1). Additional
corollary of this evolution is that the gas fraction in VW models is larger than in CW ones.
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We have avoided using the top-of-the line algorithms for stellar feedback, e.g., FIRE-2
(Hopkins et al., 2018), because of two reasons. Namely, (1) the FIRE method becomes only
realistic when specific spatial scales of energy and momentum deposition are resolved, i.e.,
few to few×10 pc (Muratov et al. , 2015), which is still slightly below our resolution limit.
(2) Our goal is only to compare the effect of the weak and strong feedback on the basic
galaxy parameters, including their morphology.
Tables 2.1, 2.2, and 2.3 provide parameters of modeled galaxies at 𝑧f . The naming convention for the models is as follows: the galaxy model abbreviated as Z4HCW corresponds
to the galaxy with the final redshift 𝑧f = 4, high overdensity, and CW feedback. Galaxy
model abbreviated with Z4LVW corresponds to the galaxy with the final redshift 𝑧f = 4,
low overdensity, and VW feedback.
2.3.4

From stellar particles to galaxy light: the JWST and ALMA imaging

In order to determine the observational properties of our galaxies, we have post-processed
these galaxies with the 3-D radiation transfer code SKIRT (Baes et al., 2003), then redshifting them but not pixelizing, thus producing synthetic images of these galaxies face-on
and edge-on. Each stellar particle was treated as a coeval single stellar population that has
the (Chabrier, 2003) initial mass function (IMF) and an assigned Bruzual-Charlot (Bruzual
& Charlot, 1993) spectral energy distribution (SED) family. The dust density has been
assumed to be proportional to the gas metallicity with the coefficient of proportionality 0.3
(e.g., Camps et al., 2016). The total emission has included the secondary emission from
the dust and iterations for dust self-absorption. With these SEDs, we decided which of the
James Webb Space Telescope (JWST) filters should be used at different redshifts, in order to
obtain the brightest images in observational frames. Finally, we obtained the observational
images with the NIRCam at 𝑧 f = 6 with the three-color mosaic of F070W, F115W and
F365W filters, and the images at 𝑧f = 4 & 2 with the three-color mosaic of F070W, F115W
and F200W filters (see Fig. 2.8).
Similarly, galaxies with 𝑧 f have been also processed for the Atacama Large Millimeter/submillimeter Array (ALMA) imaging, by using ALMA Observational Support Tool
(OST). Again, we used SKIRT to generate the source flux profile at a central frequency
93.7 GHz and a bandwidth of 7.5 GHz. The Cycle 7 array configurations with the maximal
baseline of 16,197m and the lowest level (1st octile) of precipitable water vapour (PWV =
0.472 mm) have been applied to simulate the observational ALMA images (see Fig. 2.17).
2.4

Results

To understand the evolution of the central galaxies in our models, one should remember
that the parent DM halos have been chosen to have similar masses at specific redshifts, i.e,
𝑧 f = 6, 4 and 2. We limit the redshifts shown for galaxy evolution to 𝑧 = 9−6, 7−4 and 5−2,
to roughly include the time periods when the galaxies are well resolved numerically. The
DM halos final masses in baryonic simulations lie within the virial masses of log 𝑀v𝑖𝑟 ∼
11.65±0.05 M⊙ . The corresponding halo sizes fall within 𝑅v𝑖𝑟 ∼ 250−290 kpc in comoving
coordinates.
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Figure 2.1: Examples of cold gas accretion flows at 𝑧 = 2.28 in CW (left) and VW (right)
for the DM halo Z2L with 𝑧 f = 2. The color palette reflects only infalling radial velocity of
the gas. The frame size is 500 k𝑝𝑐 in comoving coordinates. The difference in the central
region is due to the stellar feedback which is stronger in the VW models.

Figure 2.2: Evolution of stellar masses in galaxies, in physical coordinates. The VW models
are given by the red lines, and CW models by the blue lines. The green colored background
refers to major merger events. Note that the minor and intermediate mergers, and close
flybys, as well as periods of massive cold accretion inflows can have equally strong effect
on the galaxy properties, but are not marked for clarity. The top row here and elsewhere in
the subsequent figures represents galaxies in the high overdensity regions, while the bottom
row displays galaxies in the low overdensity regions.
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Figure 2.3: Evolution of galaxy sizes containing 95% of the stellar mass defined by the
hop in comoving coordinates. The VW models are given by the red lines, and CW models
by the blue lines. The green colored background refers to major merger events.

Figure 2.4: Evolution of the SFR in galaxies. The VW models are given by the red lines,
and CW models by the blue lines.
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Figure 2.5: The ratio 𝑣 l𝑜𝑠 /𝜎z , line-of-sight velocity-to-vertical dispersion velocity of stars,
as a function of time, for all galaxy models up to their respective final redshifts, 𝑧f = 6, 4,
and 2, for CW (blue lines) and VW (red lines). The dashed line corresponds to 𝑣 l𝑜𝑠 /𝜎z = 1.
For 𝜎z , the average velocity has been used, while for 𝑣 l𝑜𝑠 we use the maximal values.

Figure 2.6: The ratio 𝑣 l𝑜𝑠 /𝜎z , line-of-sight velocity-to-vertical dispersion velocity of the
gas, as a function of time, for all galaxy models up to their final redshifts, 𝑧f = 6, 4, and 2,
for CW (blue lines) and VW (red lines). The dashed line corresponds to 𝑣 l𝑜𝑠 /𝜎z = 1. For
𝜎z , the average velocity has been used, while for 𝑣 l𝑜𝑠 we use the maximal values.
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Figure 2.7: Evolution of the gas temperature inside galaxies. The VW models are given
by the red lines, and CW models by the blue lines. The color shadows show the 20-80
percentile range.

Due to the selection process of the DM halos, our galaxies form and evolve in very
different epochs, yet their global parameters, e.g., masses and sizes, are found within a
relatively narrow range at the chosen 𝑧f . The total baryonic galaxy masses lie within
the range of 3 − 7 × 1010 M⊙ (Fig. 2.2), and their sizes in the range of 8 − 12 kpc in
comoving coordinates (Fig. 2.3). As we show below, this similarity does not propagate
down to detailed internal evolution of galaxies, whose morphology, kinematics and stellar
populations evolve in a very diverse way, and so are the final products of this evolution, as
shown in Table 2.2.
The simplest approach to understand the galactic morphology is to separate it into
spheroidal and disky components. We proceed along this line and perform decomposition
based on the stellar surface density first, followed by decomposition based on the photometric images of the same galaxies, redshifted and pixelized using the JWST specifications.
Moreover, we use a bulge-disk and a spheroid-disk decompositions. As a next step, we
analyze morphology based on the stellar kinematics. We provide the realistic images of our
galaxies with the JWST and with ALMA. Lastly, we pay attention to evolution of stellar
populations and the history of their migration in the host galaxies and their parent halos.
Following the evolution of high-𝑧 galaxies, one expects a substantial contribution of a
number of factors, namely, of cold accretion flows, mergers. flybys, and interactions with
the DM component. As an example, we show the associated accretion for Z2LCW and
Z2LVW halos at 𝑧 = 2.28 (Fig 2.1). The halo lies at the intersection of three filaments and at
a relatively low overdensity of δ ∼ 1.47, confirming that at this redshift the cold accretion is
prominent. Away from the central region, the filaments are prominent and nearly identical
between the two models. Closer to the center the feedback plays a role, and differences are
clear — the radial velocity of accreting matter is smaller in the VW model, especially along
the rays which do not intersect the filaments.
Sites of star formation in galaxies delineate the underlying morphology. These sites
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are heavily biased towards the central regions. In addition, the disk growth amplified by
mergers and cold accretion is associated with spiral arms which dominate the outer disks,
both in gas and in stars. These spiral arms are gas rich and fragment forming stars, become
clumpy and form stellar clumps. In our galaxies, this period corresponds to redshifts when
the disk experiences non-axisymmetric perturbations, internal and external. During followup evolution, these clumps form stars and their gas component is gradually ablated. Many
of these stellar clumps spiral-in with time and are disrupted in the central regions by 𝑧f .
A major internal factor affecting morphology of disk galaxies is the presence of stellar
bars. We do find stellar bars in our galaxies, but discuss them only briefly in this chapter
— chapter 3 is dedicated to stellar bars.
2.4.1

Simulated galaxies: general

Figure 2.2 shows that all the CW galaxies have exceeded the stellar mass of 1010 M⊙ by 𝑧f .
The stellar components in VW galaxies are less massive by a factor of a few, because of
a larger gas fraction and lie slightly below 1010 M⊙ at 𝑧f . Both show no dependency on
𝛿. The stellar mass growth appears to be monotonic, except during the major mergers and
other catastrophic events, as we show later1. As galaxies reach approximately the same
baryonic masses at 𝑧f , the gas mass fraction, 𝑓g𝑎𝑠 , separates the CW from the VW sequence.
For all the galaxies, we observe that the growth exhibits some degree of saturation towards
respective 𝑧f , most prominent for 𝑧 f = 2 galaxies.
The similarities and differences between the SFR evolution at different redshifts can
be observed in Figure 2.4. First, the SFRs in CW galaxies are substantially higher than in
the VW galaxies. It displays a strong variability in the SFRs but with steady increase with
redshift. To correlate the variability of SF with (for example) periods of major mergers,
one can refer to Figure 2.2 where these periods have been marked. The galaxies Z6HCW
and Z6HVW, which have mostly a similar merger history, reveal that a sharp increase in
the SFR happens immediately with the end of the major merger at 𝑧 ∼ 6.7, in both objects
which differ only by stellar feedback. Of course, additional higher frequency variability
can be noticed and traced by us to less catastrophic events. In some cases, it is difficult
to disentangle the cause from the consequence in this evolution. But it generally helps to
separate the internal causes from externals ones, such as effects of stellar bars from mergers,
which is especially important in chapter 3.
Galaxy Z4LCW serves as a nice example of the contribution of other effects, besides
mergers, play an important role. At z∼ 4.8, it has experienced a sharp decline in the SFR,
while no major merger event is associated with this redshift. A more careful check reveals a
number of details: the stellar spheroid-to-total stellar mass, S/T, experienced increase at the
time, the pattern speed of the stellar bar has sharply increased, while the SFR in the bar has
has decreased, the fraction of gas in the bar has decreased, and finally the gas temperature
has increased (these details can be observed in figures of this chapter and in chapter 3).
The verified conclusion of this decline in the SFR is that the galaxy experienced a close
1 We

have marked the periods of major merger events on this figure. However, minor and intermediate
mergers, close flybys, and sudden influxes of cold accretion can be as important for galaxy evolution. For
brevity, we did not mark them, but discuss them in the text.
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prograde flyby which led to misalignment between the gaseous and stellar disks, a speed-up
of the bar and a heating of the gas — the overall result is a sharp decrease in the SFR.
Next, we turn to stellar and gas kinematics, and estimate the rotational support in
galaxies versus vertical dispersion velocities (Figs. 2.5 and 2.6). First, we note that most
of the time both stars and gas are rotationally supported, i.e., 𝑣 l𝑜𝑠 /𝜎z > 1, where 𝑣 l𝑜𝑠 and
𝜎z being the line-of-sight rotational velocity (in edge-on galaxies) and vertical dispersion
velocities, respectively. Yet occasionally the 𝑣 l𝑜𝑠 /𝜎z curve dives to unity. The stellar and
gas components display this ratio being larger for CW models compared to VW models,
but sometimes this trend is inverted, e.g., for the stellar component in the Z2L halo. In this
case, the sharp decrease in 𝑣 l𝑜𝑠 /𝜎z at around 𝑧 ∼ 3.5 (Fig. 2.5) corresponds to a sequence of
major mergers (Fig. 2.2) which heats up the stellar disk substantially and causes the gaseous
disk to become inclined to the stellar disk (Fig. 2.22). This event can be seen also in the gas
temperature (Fig. 2.7).
The gas component shows larger amplitude variability in 𝑣 l𝑜𝑠 /𝜎z and larger rotational
support than the stellar component. Also, the CW gas shows larger rotational support than
the VW gas, which is related to the stellar feedback strength and the galaxy interaction
history. We do not observe a similar trend for the stellar components, which display a
roughly similar rotational support, with the difference being insignificant.
For 𝑧f = 6 galaxies, the CW gas displays substantially larger rotational support than in
the VW galaxies. After 𝑧 ∼ 8, this CW rotational support declines from 𝑣 l𝑜𝑠 /𝜎z ∼ 5 − 7,
and levels off at 𝑣 l𝑜𝑠 /𝜎z ∼ 3. In the VW models, this support either raises to 𝑣 l𝑜𝑠 /𝜎z ∼ 3
or stays flat at 𝑣 l𝑜𝑠 /𝜎z ∼ 2. The stellar 𝑣 l𝑜𝑠 /𝜎z ratio behaves in a similar fashion, but in the
range of 𝑣 l𝑜𝑠 /𝜎z ∼ 2 − 3.
The 𝑧f = 4 stellar models either level off at 𝑣 l𝑜𝑠 /𝜎z ∼ 3 or dive to 𝑣 l𝑜𝑠 /𝜎z ∼ 1. Hence in
the latter case, the stellar disks lose their rotational support. The gas components follow the
stellar components in this case, i.e., either oscillate around 𝑣 l𝑜𝑠 /𝜎z ∼ 3 (galaxies Z4HCW
and Z4HVW), or decline gradually to 𝑣 l𝑜𝑠 /𝜎z ∼ 1 (Z4LCW and Z4LVW).
Stellar models with 𝑧f = 2 show weaker oscillations and a steady decline to 𝑣 l𝑜𝑠 /𝜎z ∼ 1
(e.g., Z2LCW and Z2LVW), and even somewhat below it (e.g., Z2HCW and Z2HVW).
Upon inspection, this trend originates from the appearance of a visible stellar spheroid
component that envelops the stellar disk. So, 𝑧f = 2 galaxies have in total much less
rotational support in stars, both in CW and VW models. Note, this can be misleading as
we include the stellar spheroid in this estimate, unlike in section 2.4.4. On the other hand,
the gas component displays large amplitude oscillations in 𝑣 l𝑜𝑠 /𝜎z , related to mergers and
interactions, yet end up with a substantial rotational support in all models.
In summary, by 𝑧f , all galaxies are massive for their respective redshifts and host stellar
and gaseous disks in agreement with Romano-Díaz et al. (2011). The stellar and gaseous
disks in our simulations exist most of the time shown in Figures 2.5 and 2.6, i.e., starting with
> 108 M⊙ . In the 𝑧f = 2 galaxies, these disks coexist with growing stellar spheroids.
𝑀∗ ∼
We also see no evidence that gas becomes more rotationally supported with increasing
baryonic mass, and find no importance for a characteristic mass of 1010 M⊙ , as observed in
simulations with the FIRE2 (e.g., El-Badry et al., 2018). We do observe that some massive
stellar disks have gaseous component that have large dispersion velocities, but overall are
still supported rotationally. These large dispersion velocities in the gas can be traced to a
substantial warping in the disk plane, as we always define the galactic plane based on the
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Table 2.2: Stellar disk-bulge decomposition of modeled galaxies based on the surface stellar
density at 𝑧f in comoving coordinates. All models have been fitted with a bulge and an
exponential disk components. From left to right: the final redshift 𝑧f ; model name; the
Sersic index of the bulge component 𝑛b𝑢𝑙𝑔𝑒 ; 𝑀b𝑢𝑙𝑔𝑒 and 𝑅e (𝑏𝑢𝑙𝑔𝑒) — the bulge stellar mass
and the its half-stellar mass radius; 𝑀d𝑖𝑠𝑘 and 𝑅e (𝑑𝑖𝑠𝑘) — the disk stellar mass and its
half-stellar mass radius; 𝑓g𝑎𝑠 — the gas fraction in galaxies; B/T — the bulge-to-total stellar
mass ratio; CW and VW — the type of the galactic wind feedback.
zf
6
6
6
6
4
4
4
4
2
2
2
2

Model Name
Z6HCW
Z6HVW
Z6LCW
Z6LVW
Z4HCW
Z4HVW
Z4LCW
Z4LVW
Z2HCW
Z2HVW
Z2LCW
Z2LVW

𝑛b𝑢𝑙𝑔𝑒
2.27
0.54
1.22
0.96
1.19
0.47
0.92
0.57
1.07
0.50
1.50
0.66

𝑀∗ (𝑏𝑢𝑙𝑔𝑒) M⊙
1.32 × 1010
0.31 × 1010
0.68 × 1010
0.23 × 1010
0.93 × 1010
0.36 × 1010
1.95 × 1010
0.78 × 1010
3.24 × 1010
2.57 × 1010
2.02 × 1010
1.03 × 1010

𝑅e (𝑏𝑢𝑙𝑔𝑒) kpc
0.22
0.35
0.21
0.31
0.27
0.35
0.31
0.35
0.50
0.44
0.47
0.37

𝑀∗ (𝑑𝑖𝑠𝑘) M⊙
1.22 × 1010
0.28 × 1010
1.29 × 1010
0.25 × 1010
2.28 × 1010
0.36 × 1010
1.35 × 1010
0.27 × 1010
3.37 × 1010
0.63 × 1010
3.31 × 1010
0.49 × 1010

𝑅e (𝑑𝑖𝑠𝑘) kpc
2.48
3.20
3.30
2.35
2.18
3.48
2.27
1.93
2.65
5.46
2.86
2.54

𝑓g𝑎𝑠 Feedback
0.50
CW
0.87
VW
0.52
CW
0.87
VW
0.25
CW
0.85
VW
0.39
CW
0.86
VW
0.28
CW
0.77
VW
0.27
CW
0.76
VW

stellar component.
Comparing this evolution to low redshift galaxies, we do not detect an increased rotational support with increasing stellar or baryonic galaxy mass. On the contrary, galaxies
with 𝑧 f = 4 and 2 show a somewhat declining rotational support with redshift. This trend
can be traced to a number of factors, e.g., mergers, warped stellar disks, monotonically
> 2 universe, and the anticipated increase in the stellar
increasing SFR associated with 𝑧 ∼
feedback acting on the gas. The stellar rotational support also reflects the substantial turbulent velocities in the star forming gas. The opposite trend which is observed in low redshift
galaxies probably originates only at 𝑧 < 2.
2.4.2

Disk-bulge decomposition: surface stellar density

Results of stellar surface density decomposition into a bulge and an exponential disk are
given in Table 2.2, and in the Appendix, in Figures A1 and A2. We note the following
trends: the Sersic index for the bulge, 𝑛b , for all the CW models is larger than for the VW
models, with a very small overlap. Specifically, 𝑛b > 0.92 for all the CW models, while
𝑛b < 1 for all the VW models. No dependence on 𝑧f was found for the bulge index for the
stellar surface density decomposition.
Next, the stellar bulge-to-total mass ratio, B/T, is larger for the VW models compared to
the CW models. So, a VW bulge in comparison with the ‘twin’ CW bulge is always more
massive, despite that the parent galaxy has a larger gas fraction than the CW model, and
clearly because of this. As all of our galaxies are barred most of the time, increased gas
fraction leads to a larger gas accumulation and the stellar bulge buildup in the center in the
VW galaxies. For either CW or VW, there is no dependency of B/T on 𝑧f .
We have checked whether the B/T mass ratio is inversely correlated with the time from
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Figure 2.8: Representative galaxy images at their respective 𝑧f and 𝛿 ∼ 3 with the CW
feedback (left frame) and VW (right frame), face-on and edge-on. The images have
been obtained by post-processing the stellar light with a 3-D radiation transfer code, and
redshifted but not pixelized, nor convolved with the JWST PSF. The dust absorption has
been implemented as well. The three-color mosaic of the JWST filters F070W, F115W and
F365W have been used for 𝑧 f = 6 and 4 galaxies, and F070W, F115W and F200W for the
𝑧 f = 2 galaxies.

the last major merger before 𝑧f . The reasoning behind this test is as following. A major
merger largely destroys the galactic disk, but leaves the bulge intact. Hence one should
expect that the longer is the time since the last major merger, the more time the disk has to
regrow. Therefore, B/T should decrease, if this assumption is valid. However, we did not
find any such trend, i.e., B/T appears to be independent of the last merger time. Of course,
this result can be contaminated by a large number of smaller mergers and extensive cold
accretion flows, but these are not expected to affect the bulge, and it is doubtful they can
damage the disk substantially. Note, that we assume that dry mergers might be absent at
these high redshifts. It may be interesting to check this effect at low redshifts, e.g., 𝑧 < 1,
where the major mergers become rare and the cold accretion streams run out of steam.
In section 2.5, we address the bulge kinematics, i.e., whether bulges obtained by stellar
surface density decomposition are rotationally or dispersion velocity-supported, by calculating their 𝑣/𝜎.
2.4.3

Disk-bulge decomposition: surface photometry

We have repeated the bulge-disk decomposition for the photometric images of our face-on
galaxies. Six synthetic images at 𝑧f = 6, 4, and 2, of CW and VW representative models
in the 𝛿 ∼ 3 overdense regions are shown in Figure 2.8, face-on and edge-on, by applying a
mosaic of three JWST filters for each image, as detailed in section 2.3.4. The choice of the
filters has been made based on the SED obtained by using Bruzual & Charlot (1993). The
images have been obtained by post-processing the galaxies with the 3-D radiation transfer
(including dust absorption), then redshifted, but not pixelized, nor convolved with the PSF.
This figure is shown for comparison only. All galaxies harbor a stellar bar. Because we
analyze the properties and evolution of these bars in paper II, we only make few general
comments here about them and their effect on the galactic morphology.
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Figure 2.9: Representative galaxy images at their respective 𝑧f and 𝛿 ∼ 3 with the CW
feedback (left frame) and VW (right frame), face-on and edge-on. The images have been
obtained by post-processing the stellar light with a 3-D radiation transfer, then redshifted,
pixelized, and convolved with the JWST PSF. The dust absorption has been implemented
as well. The JWST filter F365W have been used for 𝑧f = 6 and 4 galaxies, and the JWST
filter F200W has been used for the 𝑧f = 2 galaxies.

Table 2.3: Disk-bulge decomposition of modeled galaxies based on the surface photometry
at 𝑧f in comoving coordinates, as shown and detailed in Figure 2.8. All models have been
fitted with a bulge and an exponential disk components. From left to right: the final redhsift
𝑧 f ; the model name; 𝑛b𝑢𝑙𝑔𝑒 — the Sersic index of the bulge component; 𝑅e (𝑏𝑢𝑙𝑔𝑒) —
the half-light radius of the bulge component; 𝑅e (𝑑𝑖𝑠𝑘) — the half-light radius of the disk
component; CW and VW — the type of the galactic wind feedback.

zf
6
6
6
6
4
4
4
4
2
2
2
2

Model Name
Z6HCW
Z6HVW
Z6LCW
Z6LVW
Z4HCW
Z4HVW
Z4LCW
Z4LVW
Z2HCW
Z2HVW
Z2LCW
Z2LVW

𝑛b𝑢𝑙𝑔𝑒
1.08
3.70
1.59
0.31
N/A
0.32
1.80
0.81
0.69
0.90
0.82
0.39

𝑅e (𝑏𝑢𝑙𝑔𝑒) kpc
0.78
0.49
0.55
0.55
N/A
0.40
0.55
0.58
0.77
0.71
0.60
0.56
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𝑅e (𝑑𝑖𝑠𝑘) kpc
2.86
2.80
3.75
2.37
2.37
2.61
2.61
2.76
2.85
7.01
3.24
2.35

Feedback
CW
VW
CW
VW
CW
VW
CW
VW
CW
VW
CW
VW

Figure 2.10: Bulge-disk kinematic decomposition for the stellar Z2LCW model at 𝑧f = 2.
The colors correspond to stellar ages. Left: using total energy, 𝐸/|𝐸 m𝑎𝑥 |, normalized by
the maximal energy, versus specific angular momentum normalized by the circular angular
momentum, 𝜖 = 𝑗z / 𝑗c . The vertical blue dashed line corresponds to 𝜖 = 0.7, and the
parabola fitting is described in the text. The disk lies to the right of 𝜖 = 0.7, the bulge — to
the left of 𝜖 = 0.7 and below the parabola, while the stellar spheroid — to the left of 𝜖 = 0.7
and above the parabola. Middle: same but using the gravitational potential, Φ instead of
𝐸. Contours define the number density of stars on Φ − 𝜖 plane. Right: Cylindrical radius,
𝑅, in the 𝑥𝑦-plane in the comoving frame versus 𝜖. Contours define the number density of
stars on the 𝑅 − 𝜖 plane. More details in Figure 2.11 and in the text.

We also present the same images but pixelized and convolved with the PSF (Fig. 2.9).
These degraded resolution images have been used for the decomposition. The JWST filter
F365W have been used for 𝑧f = 6 and 4 galaxies, and the JWST filter F200W has been used
for the 𝑧f = 2 galaxies. Our results are summarized in Table 2.3 and the decomposition
is shown in the Appendix Figures B1 and B2. In comoving coordinates, the image sizes
of simulated galaxies are very similar. Yet the underlying morphology appears to be very
different. All galaxies harbor a stellar bar.
In the degraded resolution Figure 2.9, the CW galaxies at 𝑧 f = 6 and 4 include the disk
component. But the 𝑧f = 2 Z2HCW galaxy, while still possessing the disk component, has
developed an equally important spheroid. For the CW galaxies, the bars are not visible, but
for the VW objects they are still recognisable. At the final redshift, only 𝑧 f = 4 Z4HCW
and 𝑧f = 2 Z2HVW galaxies exhibit traces of spiral structure, yet the intermittent and welldeveloped spiral structure has been observed during the evolution towards 𝑧f in almost all
objects. We note that all the CW galaxies possess small (compared to the disk size) stellar
bars, as can be observed in high-resolution images of Figure 2.8 and analyzed in chapter 3,
but some of these bars appear not to drive the spiral structure.
The VW galaxies’ morphology differs profoundly from that of the CW ones. Again,
all of the VW galaxies host stellar bars, still recognisable in the degrade figure, because
the size of these bars is substantially larger than in CW ones. Each of these bars appears
to drive a pair of spiral arms, which wind up tightly towards 𝑧f , but under the degraded
resolution they are washed out, except in Z2HVW. These bars determine the sites of star
formation. Outside the bar region, the disks are depopulated from stars, which delineates
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Figure 2.11: Bulge-disk kinematic decomposition of the Z2LCW model at 𝑧f = 2 (additional
details in Fig. 2.10 and in the text). The colors correspond to stellar ages. Shown from
left to right are the face-on disk component, the edge-on disk component, and the edge-on
stellar spheroid. The white dashed line shows the outline of the stellar bulge.

the corotation region2 (CR). Outside the CR, the spirals arms form a frequently observed
outer rings, situated close to the outer Lindblad resonance (OLR). The stars amplify this
difference due to the ongoing star formation in the spiral arms which form the rings. We
detect the associated spirals arms in gas, and provide the ALMA images (Fig. 2.17).
For the photometric decomposition, we find that 𝑛b < 1 for the VW galaxies, except
Z6HVW at 𝑧 f = 6. We do not find substantial differences in 𝑛b indexes between the CW
and VW galaxies. We also find that this index is rather independent of 𝑧f , except at 𝑧f = 6,
where two galaxies have substantially higher 𝑛b . B/T are mixed for CW and VW objects,
and are rather independent of 𝑧f , i.e., flat.
To compare 𝑛b for stellar surface density and photometric decomposition, we find that for
the CW galaxies, 𝑛b (𝑝ℎ𝑜𝑡𝑜𝑚𝑒𝑡𝑟𝑖𝑐) < 𝑛b (stellar). For the VW galaxies, 𝑛b (𝑝ℎ𝑜𝑡𝑜𝑚𝑒𝑡𝑟𝑖𝑐) >
𝑛b (stellar). On the other hand, for the B/T mass ratio, for both the CW and VW galaxies,
B/T(stellar) ∼ B/T(photometric).
Comparing with the de Vaucouleurs law of 𝑛b = 4 (De Vaucouleurs, 1948; Binney &
< 1, with
Tremaine, 2008), we note that most of the photometric indexes are small, i.e., 𝑛b ∼
the exception of Z6HVW which has 𝑛b ∼ 3.7. Two CW galaxies have 𝑛b ∼ 1.59 and 1.8,
and another galaxy appears bulgeless, Z4HCW. Galaxies, especially the VW ones, have
𝑛b < 1 and harbor stellar bars which have a flat light distribution.
2.4.4

Disk-bulge decomposition: kinematics

The kinematic bulge-disk decomposition is the next step. The Figure 2.10 (left) displays the
decomposition in the total specific energy normalized by the maximal energy, 𝐸/|𝐸 m𝑎𝑥 |,
versus normalized specific angular momentum, 𝜖 = 𝑗z / 𝑗 c , where 𝑗c is the circular angular
momentum — 𝑗 z and 𝑗c are calculated for each stellar particle. One can distinguish three
main regions on the 𝐸/|𝐸 m𝑎𝑥 | −𝜖 plane: starting with the stellar disk for 𝜖 > 0.7, dominated
by rotation. To the left of the vertical dashed line lies the bulge below the dashed parabola
(see below for details), and the stellar spheroid (above the parabola). The parabola choice
2 The corotation is defined as the radius where the bar pattern speed is equal to the circular stellar frequency
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Figure 2.12: Evolution of the stellar spheroid-to-total stellar mass ratio, S/T, for all galaxy
models with the final redshifts of 𝑧f = 6, 4, and 2, for CW (blue lines) and VW (red lines).
comes from the dependence of energy on 𝑗 2 , and roughly separates the bulge from the
stellar spheroid.
We fit the parabola by binning 𝜖 and finding the minimal gradient along the 𝐸/|𝐸 m𝑎𝑥 |
< 0. The final parabola shape has been obtained by applying a
axis, for every bin with 𝜖 ∼
least square fit for the highest (point) density contour in this phase diagram. The negative
𝜖 is preferred because it is not contaminated by the disk, and by assuming that the parabola
is symmetric with respect to 𝜖 = 0 axis. As an example, we perform the decomposition for
the Z2LCW galaxy at 𝑧 f = 2.
The total stellar mass of this galaxy is 𝑀∗ (𝑔𝑎𝑙𝑎𝑥𝑦) = 5.33 × 1010 𝑀⊙ . Within the bulge
radius, we add the stellar spheroid to the bulge, as it is difficult to distinguish between them
kinematically. This results in the mass ratio B/T = 𝑀∗ (b𝑢𝑙𝑔𝑒)/𝑀∗ (g𝑎𝑙𝑎𝑥𝑦) ∼ 0.32, which
is very close with our surface density decomposition where for this galaxy we have obtained
B/T ∼ 0.38 (section 2.4.2). Results of this decomposition in the real space can be seen in
Figure 2.11. The disk and bulge are well separated, while the spheroid has a residual disk
component, which is not significant.
The kinematic decomposition disk-spheroid has been attempted in numerous publications before (e.g., Abadi et al., 2003a,b; Croft et al., 2009; Scannapieco et al., 2009;
Marinacci et al., 2014; Rosas-Guevara et al., 2020). Mostly, they used separation based
on 𝜖, which can be traced back to the foundation of classical mechanics (e.g., Landau &
Lifshitz, 1960). Typically, stars with 𝜖 < 0.7 − 0.8 have been attributed to the spheroidal
component. Moreover, it was assumed that the spheroid has a spherical shape and no angular momentum, so its 𝜖 distribution is symmetric with respect to zero. However, spheroids
can have an arbitrary shape and include bulges which can be rotationally supported (e.g.,
Kormendy & Kennicutt, 2004). Moreover, some fraction of stars in galactic disks and
stellar bars can be on retrograde orbits (e.g., Collier et al., 2018).
A different method for the kinematic decomposition when distribution of angular momentum versus projected distance in the disk plane was applied as well (Scannapieco et
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al., 2009). In many cases this resulted in well separated populations, disks and spheroids,
when stellar orbits have been restricted to small inclination with respect to the disk plane.
But it does not separate the bulges from extended spheroids. Moreover, the method is
time consuming, requires individual inspection, and actually has been replaced by a simple
𝜖 = 0.5 separation by the authors, which displayed the evolution of disk-to-total mass ratio
for 𝑧 < 3.
For brevity, we have tried two additional planes for decomposition in Figure 2.10 (middle
and right frames, respectively), by replacing the normalized total energy with the normalized
gravitational potential Φ/|Φm𝑎𝑥 |, and, finally, replacing it by the cylindrical radius, using
the 𝑅 − 𝜖 plane, in comoving coordinates. The colors are the stellar ages in all three
decompositions, and the contours represent the density of the stellar particles in both planes.
The final results of all kinematic bulge-disk decompositions do not differ significantly from
each other.
Therefore, our kinematic decomposition goes one step ahead by separating the bulge
from the surrounding spheroidal component. This has allowed us to recalculate the rotational support for the stellar disks in our models, with bulges and spheroids excluded.
Results are given in the last column of Table 2.4. Averaging the numbers for each 𝑧f , we
observe that the rotational support increases with time, i.e., it is < 𝑣 l𝑜𝑠 /𝜎z >∼ 3.7 for 𝑧f = 6,
3.8 for 𝑧f = 4, and 5.3 for 𝑧 f = 2. This numbers exceed substantially the numbers displayed
in Figure 2.5, where we used the total stellar surface density (i.e., using the Sersic method),
which included the contributions from the bulge and the spheroid. Moreover, using the
kinematic decomposition, we do not find any significant difference between the stellar disk
rotational support in objects residing in high versus low overdensity. But we do record a
significantly larger rotational support in VW models compared to CW ones, especially for
𝑧 < 6.
Table 2.4 shows the results of the three decomposition methods (i.e., the stellar surface
density, the surface photometry, and kinematic) of the B/T mass ratio, and the stellar
spheroid-to-total stellar mass ratio, S/T (Fig. 2.12). Here, we consider spheroid to have
< 0.7, i.e., we include the bulge in the spheroid. The range of S/T appears to be quite
𝜖∼
narrow, 0.5 − 0.8, and not much difference between the CW and VW galaxies is observed.
The S/T appears flat for 𝑧 f=6 and 4 galaxies, except some variability. A tendency to rise S/T
is exhibited in 𝑧f = 2 galaxies, and can be traced to multiple mergers and other perturbers,
as these galaxies are analyzed between 𝑧 = 5 to 2 — the longest time period of all the
models addressed here and therefore the most affected by internal and external factors. We
discuss these in section 2.5.
2.4.5

Migration of stellar population

Figures 2.13, 2.14, and 2.15 show the migration of the stellar population between the stellar
birth position, 𝑅b𝑖𝑟𝑡ℎ , and the final stellar position, 𝑅f𝑖𝑛𝑎𝑙 — an approach first used by Yu et
al. (2020). All in comoving coordinates, The color palette exhibits the stellar ages. We do
not subtract the contributions from subhalos, partly because they are well separated anyway
and located in the upper right corners, and partly because the stellar subhalos will ultimately
contribute to the formation of the outer stellar halos.
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Figure 2.13: Stellar migration from the birth radius, 𝑅b𝑖𝑟𝑡ℎ , to the final radius, 𝑅f𝑖𝑛𝑎𝑙 , at
𝑧 f = 6. Shown are models Z6LCW and Z6LVW (top), and Z6HCW and and Z6HVW
> 20 ℎ−1 represent the stars found
(bottom). The vertical lines in the upper right corner, 𝑟 ∼
in substructures that after some time dissolve in the halo and contribute to the halo stellar
population. All in comoving coordinates. Colors represent stellar ages given in Myr. More
details in the text.
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Figure 2.14: Stellar migration, as in Figure 2.13 but for 𝑧f = 4, and for models Z4HCW and
Z4HVW (top), Z4LCW and Z4LVW (bottom).
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Figure 2.15: Stellar migration, as in Figure 2.13 but for 𝑧f = 2, and for models Z2HCW and
Z2HVW (top), and Z2LCW and Z2LVW (bottom).
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Table 2.4: Comparison of disk-bulge decomposition of modeled galaxies based on the three
methods at 𝑧f . From left to right: the final redhsift 𝑧f ; the model; B/T — bulge-to-total
stellar mass, based on stellar surface density, surface photometry, and on kinematics; S/T —
stellar spheroid-to-total stellar mass; stellar disk rotational support: 𝑣 l𝑜𝑠 /𝜎z for the stellar
disk component using kinematic decomposition at 𝑧f (i.e., without the bulge and spheroid).

zf

Model Name

6
6
6
6
4
4
4
4
2
2
2
2

Z6HCW
Z6HVW
Z6LCW
Z6LVW
Z4HCW
Z4HVW
Z4LCW
Z4LVW
Z2HCW
Z2HVW
Z2LCW
Z2LVW

B/T
stellar
0.52
0.53
0.35
0.48
0.29
0.50
0.59
0.74
0.49
0.81
0.38
0.68

B/T
photometric
0.29
0.17
0.10
0.14
0.00
0.09
0.58
0.50
0.23
0.27
0.11
0.22

B/T
kinematic
0.36
0.37
0.30
0.46
0.38
0.39
0.58
0.62
0.43
0.54
0.32
0.52

S/T
kinematic
0.57
0.53
0.57
0.63
0.59
0.50
0.75
0.67
0.80
0.80
0.62
0.65

𝑣 l𝑜𝑠 /𝜎z
kinematic
3.8
3.8
4.0
3.4
3.8
3.9
2.9
4.6
2.5
8.3
5.3
5.2

Figure 2.16: The PDF of stellar ages in simulated galaxies. The time shown is the lookback
time from 𝑧 f for each model. The curves have been normalized by the total number of stars
in the parent galaxies at 𝑧f for CW and VW separately. The ages were binned in 5 Myr. The
VW models are given by the red lines, and CW models by the blue lines.
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The stellar ages correlate with 𝑅b𝑖𝑟𝑡ℎ , decreasing inwards, i.e., from larger to smaller
radii. In fact, the stellar ages are substantially larger for the stellar population in the parent
halos compared to galaxies — a clear sign that the outer halo stars originate outside the
main galaxy. For example, in Figure 2.13, for CW and 𝑧f = 6, the outer halo stars have ages
of ∼ 500 − 700 Myr, while for the innermost halo of < 75 kpc (comoving coordinates) their
ages are less than 200 Myr.
The approximate sizes of embedded galaxies are clearly delineated by the young (blue
color) stellar populations — all lying on the diagonal 𝑅b𝑖𝑟𝑡ℎ − 𝑅f𝑖𝑛𝑎𝑙 lines. The "puffing"
of this component results from the combined action of disk rotation and stellar dispersion
velocities which contribute to the stellar spheroid.
We can divide this evolution very roughly into three regions, based on the stellar ages
and associated stellar densities. The outer region includes the host halo and extends from
𝑅v𝑖𝑟 towards 45−75 k𝑝𝑐, in comoving coordinates. This inner boundary, besides displaying
an increase in the stellar density, is accompanied by a sharp difference in the stellar ages.
The intermediate region (range) lies between 45−75 k𝑝𝑐 → 10−16 k𝑝𝑐, and the innermost
region is found inside 10 − 16 k𝑝𝑐. The latest division is based on additional increase in
the stellar density with decreasing 𝑅b𝑖𝑟𝑡ℎ . These divisions can be applied to both CW and
VW models at all 𝑧f .
The two outer regions characterize the stellar population in the host halos, while the
inner region belongs to the growing galaxies. We find that for two outer regions in the CW
< 𝑅b𝑖𝑟𝑡ℎ . Hence the stars migrate inwards in the DM halos, which
models, the typical 𝑅f𝑖𝑛𝑎𝑙 ∼
> 𝑅b𝑖𝑟𝑡ℎ ,
can be observed in the form of horizontal bands. But for the inner region, 𝑅f𝑖𝑛𝑎𝑙 ∼
so the stars migrate outwards, which again is associated with horizontal bands outside the
diagonal.
For the VW models, the stellar population of parent halos is visibly smaller, and in the
> 𝑅b𝑖𝑟𝑡ℎ . Overall, more stars remain in their
galaxy region a number of stars have 𝑅f𝑖𝑛𝑎𝑙 ∼
original positions in VW than in CW models and do not migrate at 𝑧 f = 6. This of course
can be a temporary effect, as the galaxies are very young, even for 𝑧f = 2 the evolutionary
timescale is limited by about 1 Gyr.
In addition to the inward migration of halo stars which increases with decreasing 𝑧f , we
observe the outwards migration from the innermost region corresponding to galaxies. This
outward migration is hardly discernible in 𝑧 f = 6 galaxies, but appears in 𝑧f = 4 objects and
strengthens further in 𝑧f = 2 galaxies. The outward migration is much more pronounced in
the VW models — a reflection of a stronger feedback which generates stronger gas outflows.
It seems an inescapable conclusion that these stars have been born within the outflowing
gas, as argued in Yu et al. (2020).
The galactic stellar population is represented by the ‘fat’ blobs centered on the diagonal
lines in all Figures. Typically, this population is young and can be divided kinematically into
two subgroups — rotationally supported and having nonnegligible dispersion velocities.
We have analyzed their kinematics in sections 2.4.1 and 2.4.4.
An interesting feature can be observed clearly in all VW models in Figures 2.13, 2.14,
and 2.15 at around 1.5 kpc from the center in comoving coordinates, on the diagonal line
𝑟 b𝑖𝑟𝑡ℎ = 𝑟 f𝑖𝑛𝑎𝑙 . The origin of this feature is real and can be observed also in Figure 2.8 as a
dark circle surrounded by a bright circle. These rings are related to the action of stellar bars
which can be especially noticeable in the VW galaxies, where these bars are stronger and
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Figure 2.17: The JWST and ALMA images for Z2LCW (left triad) and Z2LVW (right
triad) galaxies at 𝑧 = 2 (see section 2.4.3 for details). Each image is shown in the face-on
and edge-on projections. The details of the JWST images consisting of a single filter and
convolved with the PSF image (middle) and the 3-filter mosaic, not convolved with the PSF
(right) are given in Figure 2.9 and Figure 2.8, respectively. The ALMA imaging used the
maximal bandwidth of 7.5 GHz centered at 93.7 GHz (band 3) with an exposure of 3 hours
(single visit). The frame extent is similar to that of the JWST image of 1.8", meaning that
the galaxy is about 1" in diameter. Resolution for ALMA: major axis = 0.061", minor axis
= 0.053" (indicated by red dots). Contours and colors in the ALMA images represent the
surface brightness. All contours are plotted at every 2𝜎 from 3𝜎 to 11𝜎 and at every 5𝜎
above 11𝜎. Comparing the JWST and ALMA images, one can distinguish for the presence
of the outer spiral arms and elongated isophotes in the central region — a signature of
the bar in the CW galaxy. The bar in the VW galaxy is much more pronounced and is
surrounded by a pair of tightly wound spirals starting at the bar major axis and forming an
outer ring at around the outer Lindblad Resonance (OLR).

larger in size compared to the size of the parent galaxy (Bi et al., 2021b). The associated
darker region around the corotation radius is partly depopulated by the bars which push
the gas and stars out. The bright rings are located at the positions of the outer Lindblad
resonances (OLRs) and are frequently observed in barred galaxies at low redshifts.
We also present the Probability Distribution Functions (PDFs) of stellar ages as a
lookback time for each modeled galaxy (Fig. 2.16). The CW and VW models differ at
higher redshifts (with respect to their 𝑧f ), with CW models typically lying above the VW
ones. The 𝑧f = 6 models show rising curves towards low ages, reflecting the increasing
SFRs at lower redshifts. The 𝑧f = 4 models display a mixture of rising/flat PDF curves at
low ages, while the 𝑧f = 2 models even show flat/declining curves there, e.g., Z2HCW. In
this object, the SFR declines after 𝑧 ∼ 3. Overall, these PDFs are in agreement with the
expected SFR peaking around 𝑧 ∼ 4 − 2.
2.4.6

Galactic gas morphology

We have used ALMA to test the gas morphology in modeled galaxies at 𝑧 = 2, 4 and 6
and compared the gas (i.e., its dust component in emission detected by ALMA) and the
stellar morphologies detected with the JWST, the latter only for 𝑧 = 2. We ask whether
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Figure 2.18: The ALMA images for Z6HCW galaxy at 𝑧 = 6 (left) and Z4HCW galaxy at
𝑧 = 4. Each image is shown in the face-on and edge-on projections. The ALMA imaging
used the maximal bandwidth of 7.5 GHz centered at 93.7 GHz (band 3) with an exposure
of 3 hours (single visit). Resolution: major axis = 0.061", minor axis = 0.053" (indicated
by red dots). Contours and colors in the ALMA images represent the surface brightness.
All contours are plotted at every 2𝜎 from 3𝜎 to 11𝜎 and at every 5𝜎 above 11𝜎.
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Figure 2.19: The SF main sequence for simulated galaxies with 𝑧f : the SFR versus galaxy
stellar mass, where we used 𝑀∗ (𝑧), for CW models (blue) and VW (red). 𝑀∗ (𝑧) was binned
in half dex. The solid lines represent the best fit linear relation for the observational main
sequence with the evolving slopes of 0.92 for 𝑧 ∼ 6 − 5, 1.02 for 𝑧 ∼ 4 − 3, and 1.04 for
𝑧 ∼ 2 − 1.3 (Santini et al., 2017), for 𝑧f = 6, 4, and 2, respectively. The gray colored bands
correspond to one 𝜎 error. More details in the text.

Figure 2.20: The TF relation for simulated galaxies: the maximal rotational velocity, 𝑣 m𝑎𝑥 ,
versus 𝑀∗ for simulated galaxies, for CW models (blue dots) and VW (red dots). Each dot
correspond to 𝑀∗ (𝑧) and 𝑣 m𝑎𝑥 (𝑧) at a specific redshift binned by the mass. Each dashed
line is an average which has the slope of 4.48, obtained for local field galaxies in the NIR
by Torres-Flores et al. (2011). We have adjusted the y-intercept for each model separately.
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morphologies detected by ALMA and the JWST are compatible in large and small-scale
details. Using the Z2LCW galaxy in the left frame of Figure 2.17, the gaseous disk is
clearly detected by both instruments. ALMA confirms the warping of this disk, as seen
by the JWST. The stellar bar, which is horizontal on the JWST image, is observed also
with ALMA. We can detect the presence of two spiral arms originating on the bar major
axis. These arms are not only delineated by the brightness contours but also by enhanced
emission. A population of starburst clumps in the outer disk shows counterparts both in
ALMA and the JWST, confirming the gas presence there, which fuels the ongoing star
formation.
The right pair of images in Figure 2.17 correspond to Z2LVW galaxy which shows a
profound difference with its CW counterpart. Again, the disk is detected by both instruments, being slightly smaller in extent. On the other hand, its morphology is dominated by
the central bar which drives a pair of prominent spirals. These form a stellar ring around
the position of the OLR. The gaseous disk extends passed the OLR. In a stark contrast
between the VW and CW models, the number of star forming clumps is negligible, both in
ALMA and the JWST — a general difference observed between these models. No other
morphological features can be observed in this object.
For 𝑧 = 6 and 4, we only show the ALMA images for Z6HCW and Z4HCW, respectively
(Fig. 2.18). The corresponding JWST images of these galaxies are shown in Figures 2.8
and 2.9. Both galaxies show a resolved disk, especially when observed inclined. But
only the Z4HCW object hints towards existence of a spiral structure in a disk which spins
anti-clockwise.
2.4.7

Replacing the redshift by the stellar mass 𝑀∗ (𝑧)

To compare evolution of our modeled galaxies with a large observational sample available in
the literature, we replaced the explicit dependence on redshift by the dependence on stellar
mass, 𝑀∗ (𝑧), and analyzed the main sequence of star forming galaxies, i.e., SFR[𝑀∗ (𝑧)],
using stellar mass bins. The main sequence for SF can be approximated by l𝑜𝑔 𝑆𝐹 𝑅 =
𝛼l𝑜𝑔 𝑀∗ + 𝛽. Some flattening has been claimed to occur in the mass range of 1010 −1011 M⊙ ,
< 𝑧 < 6 (e.g., Santini et al., 2017), which
based on the observed HST Frontier Fields at 1.3 ∼
could be real (e.g., Tomczak et al., 2016). Or it can be related to the difficulty in determining
the SFR in deeply dust-obscured high-𝑧 massive galaxies (Dunlop et al., 2017).
Figure 2.19 displays the SFR versus 𝑀∗ . For 𝑧f = 6 galaxies we used the simulated
galaxies in the redshift bin of 𝑧 ∼ 6 − 5. For 𝑧f = 4, we used galaxies within 𝑧 ∼ 4 − 3, and
for 𝑧 f = 2, we used galaxies within 𝑧 ∼ 2.1 − 2. All galaxies, with the exception of 𝑧f = 6
< 8.7, lie within one 𝜎 off the observational black line (Santini et al.,
galaxies with l𝑜𝑔 𝑀∗ ∼
2017). We confirm that our galaxies trace the relation for the 𝑧f = 2 most massive galaxies
> 2 × 1010 M⊙ .
with 𝑀∗ ∼
Note that the observational results [the solid line from Santini et al. (2017)] refer to the
main sequence of the galaxy population, while the points represent the small sample of our
modeled galaxies which follow the observations. If we trace the same galaxy, marked by
the same marker, between each of the sub-figures, the evolutionary track of this galaxy can
be recovered. If however, we ignore the slow evolution of the observational main sequence
with redshift, and plot the path of any of our galaxies, we find that this path corresponds
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reasonably well to the observed slope. That means the individual simulated galaxies evolve
within 1𝜎 − 2𝜎 to the galaxy population. The close correspondence of these evolutionary
tracks to the observed main sequence should not be taken for granted and is not a trivial
one.
Figure 2.20 provides the TF relation, i.e., the maximal rotational velocity, 𝑣 m𝑎𝑥 , of
modeled galaxies as a function of 𝑀∗ (𝑧). The dashed line is the observational average and
has a slope of 4.48, obtained from the sample of local field galaxies in the NIR (TorresFlores et al., 2011). We assumed that the redshift evolution of the 𝑣 m𝑎𝑥 − 𝑀∗ slope is
negligible (e.g., Portinari & Sommer-Larsen, 2007), but note that this is disputed at present
(e.g., Übler et al., 2017).
We observe that all galaxies, independent of feedback type, increase 𝑣 m𝑎𝑥 with the stellar
mass. The CW galaxies lie well above the VW ones, basically for all stellar masses. For
smaller masses, the 𝑣 m𝑎𝑥 − 𝑀∗ slope is shallower than 4.48 for 𝑧f = 6 and 𝑧 f = 4 galaxies.
But for 𝑧f = 2 galaxies, the slope is very close to 4.48, except for the most massive galaxies
> 1010 M⊙ , where the slope steepens.
∼
2.5

Discussion and conclusions

This work compares the galaxy evolution constrained in similar mass DM halos towards
the final redshifts of 𝑧f = 6, 4, and 2. Our choice for similar mass halos has been explained
in section 2.2.
We expect that higher 𝑧f halos grow faster, and this effect propagates
down to galactic scales, affecting the stellar feedback and galactic morphology. We focus
on developing morphology of these galaxies, and perform the bulge-disk decomposition
based on their stellar surface density, surface photometry, and on stellar kinematics. For
brevity, we also provide two additional kinematic stellar spheroid-disk decompositions.
All models have been run with high and low overdensity, and with two types of feedback,
CW and a stronger VW. We have obtained the synthetic JWST images of these galaxies,
post-processed them with a 3-D radiation transfer in the presence of dust, then redshifted,
pixelized and convolved with the PSF at all 𝑧f . These images were compared with the
synthetic images obtained by ALMA at 𝑧f , to test whether underlying morphology can be
detected. Furthermore, we have analyzed the stellar migration within the disk-halo system.
Finally, we have analyzed the evolution of basic parameters of the modeled galaxies as a
function of their stellar mass.
To summarize our main results, we find that
• Although our galaxies evolve in different epochs, their global parameters (e.g., baryonic masses and sizes) remain within a narrow range. On the other hand, their
morphology, kinematics and stellar populations differ substantially, yet all of them
host sub-kpc stellar bars;
• The SFRs appear higher for larger 𝑧 f , and so is their energy and momentum feedback,
both for CW and VW objects, all of which follow the main sequence for galaxy SF;
• The B/T ratios appear independent of the last merger time for all 𝑧f , contrary to
suggestions in the literature;
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• The synthetic JWST images include stellar disks at all 𝑧 f , with traces of spiral structure
detectable at 𝑧f = 4 and 2. The CW bars disappear in the PSF-degraded JWST images,
but remain visible in the VW models;
• Based on the kinematic decomposition, for stellar disks separated from bulges and
spheroids, we record a significantly larger rotational support in VW disks compared
to CW ones. In both sequences, the disk rotational support increases with decreasing
𝑧f ;
• Finally, the ALMA images detect disks at all 𝑧f , but their spiral structure is only
detectable in 𝑧f = 2 galaxies.
Our results have been presented in section 2.4. Table 2.1 shows λ for our DM only
simulations and those with baryons. We find two trends. First, for 𝑧f = 6 halos, the DM
only runs exhibit larger λ, compared to baryonic runs, while for 𝑧f = 4 and 2, this trend has
been reversed. Note that the spin has been calculated only for the particles bound to the
DM halos. Second, both the pure DM halos and baryonic DM halos display a higher spin
for the large overdensity, δ = 3. The only exclusion is the pure DM halos at 𝑧f = 2, which
exhibit no difference between the high and low overdensities. Moreover, the environment
appears to affect the DM halo spin. While the direction of change in the halo spin due to
the influx of baryons appears random, the amplitude of this change is substantially larger
for larger δ, by a factor of a few. (The high δ objects in our figures lie in the upper row.)
This may be interesting and deserves a future attention.
The largest difference between simulated galaxies comes clearly from the stellar feedback in the form of the galactic wind. The difference in the feedback can be even observed
on scales of ∼ 100 kpc (in comoving coordinates) in its effect on the cold accretion flow
(e.g., Figure 2.1). While the CW feedback creates the pressure bubble around the galaxy,
in VW models, the outflow appears to burst through between the incoming filaments of the
cold accretion.
Despite a very different feedback, the baryonic masses of galaxies at the end of the
runs are similar, independent of 𝑧f , and independent of the environment. Therefore, the
stellar masses of CW galaxies exceed these of the VW galaxies by a factor of 1.5–2, being
compensated by a smaller gas fraction, 𝑓g𝑎𝑠 (Table 2.2). We do not find dependency of 𝑓g𝑎𝑠
on the environment among the CW objects, but do find that 𝑓g𝑎𝑠 is highest for the 𝑧f = 6
CW galaxies, and decreases slightly thereafter.
All modeled galaxies possess a disk component, basically at all times. These disks
appear to be much more resilient against destruction even at times of major mergers. This
effect can be attributed to disks being very gas-rich and hence able to be restored in short
times — a major difference with the low-𝑧 galaxies. The importance of the spheroidal
component in our modelled galaxies varies, but the ratio S/T was never found to be greater
than unity, and lies within a relatively narrow range of ∼ 0.5 − 0.8, as we discuss below. All
the disks appear to host sub-kpc stellar bars, more significant in the VW galaxies. Although
we address the bar properties in chapter 3, Figures 2.8 and 2.9 allow to assess their detection
feasibility at different redshifts using the JWST, and Figures 2.17 and 2.18 similarly for the
ALMA imaging.
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Figure 2.21: Rotational versus dispersion velocity support for simulated stellar bulges at 𝑧f ,
i.e., 𝑣 l𝑜𝑠 vs 𝜎. The dashed line corresponds to 𝑣 l𝑜𝑠 /𝜎 = 1.

The rotational support for the modeled galaxies appears to be higher for the gaseous
component, 𝑣 l𝑜𝑠 /𝜎z ∼ 1 − 5, and varies strongly during the major mergers and close flybys
(Fig. 2.6). No dependence on 𝑧f was found. The rotational support for the stellar component
is weaker, i.e., 𝑣 l𝑜𝑠 /𝜎z ∼ 1 − 3, and varies less during mergers and flybys. In few cases,
this ratio actually decreases to unity at 𝑧 f (Fig. 2.5). However, after separating the stellar
disk from the bulge and spheroid using kinematic decomposition, the rotational support
< 4 (Table 2.4). The temperature of the gas in
increases significantly, especially for 𝑧 ∼
galaxies is higher in VW galaxies, and we attribute this to a stronger stellar feedback. But
overall, the temperature stays flat with redshift.
While the stellar feedback, CW versus VW, appears to explain the difference in evolutionary patterns of simulated galaxies, we also find that the overdensity provides its
contribution as well. Figure 2.22 exhibits the inclination angles between the stellar and
gaseous disks. One can observe that the large angles between the gaseous and stellar
disk components spike — the result of mergers, close flybys and sudden influx of cold
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Figure 2.22: Evolution of the inclination angle between the stellar and gaseous disks. The
angle 𝜃 displays the angle between the angular momenta of stars and gas. The dashed line
is 𝜋/4.

accretion material. Galaxies in heavily overdense regions have a larger frequency of these
phenomena, which we attribute to the environmental effects.
We have confirmed that our galaxies are "well-behaved" and follow the TF relation,
i.e., stellar mass, 𝑀∗ , versus maximal rotation velocity, 𝑣/𝜎, yet it is evidently not a tight
relation. It has been generally recognized that starforming galaxies transit from dispersiondominated state to rotation-dominated state around 𝑧 ∼ 1, due to decrease in mergers and
cold accretion inflows which lead to warping and other distortions in the underlying disk
(e.g., Kassin et al., 2012). Our main take from Figure 2.20 is that within the mass range
analyzed here, ∼ 108 − 1011 M⊙ the galaxies more massive than ∼ 109 M⊙ show less scatter
on the 𝑀∗ − 𝑣 l𝑜𝑠 plane. Furthermore, we observe that our galaxies lie within 1𝜎 to the SFR
main sequence.
Figures 5 – 5 display the results of bulge-disk decomposition based on the stellar surface
density of modeled galaxies, the surface photometry using the JWST filters, and on the
stellar kinematics. These results have been summarized in Tables 2.2 – 2.4. The Sersic
index for the bulge based on the stellar surface density distinguishes between the CW and
VW galaxies — with a very small overlap, 𝑛b > 0.92 for the CW galaxies and 𝑛b < 1 for
the VW galaxies, with no dependence on 𝑧f . Only one galaxy, Z6HCW, exhibits the bulge
with 𝑛b ∼ 2.27, the rest have 𝑛b < 2.
Using the surface photometry with the JWST filters and convolving with the PSF,
we find that 𝑛b < 1 for the VW objects — unchanged from the much higher resolution
described above. The single exception is the Z6HVW galaxy with 𝑛b ∼ 3.7 — exhibiting the
de Vaucouleurs law. For the surface photometry decomposition, we do not find substantial
differences between the CW and VW galaxies based on the Sersic index 𝑛b . Hence, these
bulges appear more disklike. In some cases, especially for the VW galaxies, 𝑛b ∼ 0.5,
which is symptomatic of galaxies dominated by stellar bars (e.g., Gadotti, 2009), as indeed
the VW galaxies are. One galaxy, Z4HCW, does not require the bulge component. We do
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not observe variation with 𝑧f , nor with the overdensity δ.
Despite that almost all bulges appear disklike in stellar and photometric decomposition,
there is little correspondence between their Sersic indexes, 𝑛b , which differ sometimes
even by a factor of ∼ 5, with the photometric 𝑛b being at the low end — definitely the
consequence of the lower resolution based on the JWST imaging.
Comparison of all three types of the bulge-to-total mass ratios, B/T (Table 2.4), reveals
some trends. First, the photometric decomposition results understandably in smaller B/T.
The reason for this is that, at all redshifts under consideration here, we are limited to specific
bands which are dominated only by a fraction of stars in the rest frames. In this bands,
the effect of dust obscuration is substantial and dims the light significantly. Note that the
galactic gas is centrally-concentrated, as well as found in the spiral arms, and so the dust
obscuration is being far from uniform. Second, both the CW and VW galaxies show very
close B/T, differing by less than a factor of 1.5, either in stellar surface density or in surface
photometry methods.
> 0.3
Third, Table 2.4 shows that for all galaxies, CW and VW, the ratio B/T is always ∼
for stellar surface decomposition. This can be compared to the local universe, where
> 1010 M⊙ , have B/T < 0.2 (e.g.,
observations detect that about 69% of galaxies with 𝑀∗ ∼
Weinzirl et al., 2009). However, if we switch to photometric results in Table 2.3, we find
that irrespective of the feedback type, about 67% of our galaxies have B/T < 0.2. Hence,
switching to photometry, which includes the radiation transfer in the presence of dust,
redshifting, pixelizing, and convolving woth the PSF, brings the numerical results very
close to the observational ones.
We take a more careful look at the galactic bulges obtained using the surface stellar
density decomposition by testing their rotational versus dispersion velocity support, 𝑣 l𝑜𝑠 /𝜎z .
Are these bulges predominantly disky or classical? Figure 2.21 shows that the modeled
bulges spread much more in 𝑣 l𝑜𝑠 than in 𝜎z . They also have a narrow range in their
compactness parameter, which corresponds to a narrow range in 𝜎 ∼ 150 − 250 k𝑚 s−1 .
On the other hand, the maximal rotational velocity spreads on a much wider range, i.e.,
𝑣 l𝑜𝑠 ∼ 20 − 350 k𝑚 s−1 .
The bulges in Figure 2.21 are distributed about symmetrically with respect to the diagonal 𝑣 l𝑜𝑠 /𝜎z = 1. So while the Sersic index describes the bulges as disky, the 𝑣 l𝑜𝑠 /𝜎z
ratio tells a different story — only half of the bulges appear to be rotationally supported,
and the other half, dispersion velocity-supported. It is possible that the decomposition
underestimates the values of Sersic indexes for the bulges in some galaxies. We also do
not find that the classical bulges, based on their kinematics, have larger B/T than the disky
bulges as observed in the local universe (e.g., Drory & Fisher, 2007).
We have calculated the mass ratio of stellar spheroid-to-total stellar mass, S/T, in
galaxies, for all the models at 𝑧 f (Table 2.4 and Fig. 2.12). The obtained range, S/T∼ 0.5−0.8,
is compatible with results from the IllustrisTNG simulations (Tacchella et al., 2019), but
the shape of S/T(𝑧) is flatter compared to their Figure 2 at 𝑧 = 2. Yet they also observe
< 2 in the stellar mass range of 109 − 1011 M⊙ . However,
flattening of these curves at 𝑧 ∼
our results indicate some mild increase in S/T towards 𝑧 = 2, while the TNG shows a mild
decrease. This difference maybe related to our galaxies residing in the denser environment,
δ ∼ 3, and with the associated frequent mergers and flybys, while the TNG displays a
statistical average.
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Stellar migration reflects the buildup of stellar disk-halo system. We have identified three
regions within the DM halos which exhibit clear divisions in the ages of stellar population
and the associate density of the stellar component. The two outer regions occupying
∼ 10 − 75 kpc in comoving coordinates are characterized by a sharp difference in stellar
ages decreasing inwards and stellar densities increasing inwards. These regions consist
< 𝑅b𝑖𝑟𝑡ℎ . The innermost region
of stars migrating inwards, i.e., typically obeying 𝑅f𝑖𝑛𝑎𝑙 ∼
inside the ∼ 10 kpc, belongs to the growing galaxy, and is characterized by stars migrating
> 𝑅b𝑖𝑟𝑡ℎ . The outwards migration is initially nearly nonexistent in the
outwards, i.e., 𝑅f𝑖𝑛𝑎𝑙 ∼
VW galaxies (𝑧f = 6), but increases sharply at lower redshifts, 𝑧f = 4 and especially in
𝑧 f = 2 galaxies. This can be explained by initially a small stellar population in the VW
objects, which increases with time and exerts a stronger feedback. This effect is expected
to be even stronger at redshifts lower than analyzed here, as both the inward and outward
migration appears to increase with decreasing 𝑧 f , in agreement with Yu et al. (2020).
The growth of stellar mass in galaxies can be described by the PDF of stellar ages
(Fig. 2.16). At larger redshifts one can distinguish between the CW and VW models, but
this difference is quickly washed away. As this function reflects the SFRs, one can observe
that it increases towards small ages. But the rate of increase depends on 𝑧f . It is steepest
form 𝑧f = 6, less steep for 𝑧f = 4, and becomes flat or even negative for 𝑧f = 2. The
maximum is attained at 𝑧 ∼ 3.
In summary, we used high-resolution zoom-in cosmological simulations to study the
emerging morphology and kinematics of galaxies embedded in similar mass DM halos
at redshifts 6, 4 and 2, which lie in the high and low overdensity regions. Each galaxy
was modeled with two types of stellar feedback, constant velocity wind and a much more
energetic variable wind. We find that galaxies at these redshifts are characterized by
similar global properties but differ profoundly in the local properties. They have the same
baryonic masses, but their stellar mass scales inversely with the stellar feedback. Using
three different bulge-disk decomposition methods, namely, the stellar surface density, the
surface photometry, and the kinematic properties, we find that the first two methods result
in the disk-like bulges, but exhibit a mixed disk-like and classical bulge behavior based on
the kinematics. Nevertheless, these bulges form a uniform population based on the Sersic
indexes and the B/T mass ratios. The stellar spheroid-to-total masses of these galaxies lie
in the range S/T∼ 0.5 − 0.8.
Performing the photometric bulge-disk decomposition using the JWST mosaic of filters,
then downgrading their resolution by convolving with the PSF, we demonstrate the presence
of the disk component at all final redshifts. The stellar bars are detected only in the synthetic
JWST images of the VW galaxies. The usage of ALMA imaging allows detection of
underlying morphology, including the presence of gaseous disks, in all 𝑧f galaxies. The bar
and the spiral structure are detected only at 𝑧 = 2, while only the hint of the spiral structure
is detected at 𝑧 = 4, and not at 𝑧 = 6. Finally, we find that the galaxies lie on the main
sequence of SF and follow the Tully-Fisher relation most of their evolution, being separated
only by the stellar feedback in the form of galactic winds.
Copyright© Da Bi, 2022.
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Chapter 3 Modeling Evolution of Galactic Bars at Cosmic Dawn

3.1

Summary

We study evolution of galactic bars using suite of very high-resolution zoom-in cosmological
simulations of galaxies at 𝑧 ∼ 9 − 2. Our models were chosen to lie within similar mass
DM halos, log (𝑀v𝑖𝑟 /M⊙ ) ∼ 11.65 ± 0.05, at 𝑧 = 6, 4, and 2, in high and low overdensity
environments. We apply two galactic wind feedback mechanisms for each model. All
galaxies develop sub-kpc stellar bars differing in their properties. We find that (1) The
high-𝑧 bars form in response to various perturbations: mergers, close flybys, cold accretion
inflows along the cosmological filaments, etc.; (2) These bars account for large-mass fraction
of galaxies; (3) Bars display large corotation-to-bar-size ratios, and are weaker compared
to their low-redshift counterparts, by measuring their Fourier amplitudes, and are very gasrich; (4) Their pattern speed does not exhibit monotonic decline with time due to braking
against DM, as at low 𝑧; (5) Bar properties, including their stellar population (SFRs and
metal enrichment) depend sensitively on prevailing feedback; (6) Finally, we find that bars
can weaken substantially during cosmological evolution, becoming weak oval distortions
— hence bars are destroyed and reformed multiple times unlike their low-𝑧 counterparts. In
all cases, bars in our simulations have been triggered by interactions. In summary, stellar
bars appear to be not only contemporary phenomenon, but based on increased frequency
of mergers, flybys and the strength of cold accretion flows at high 𝑧, we expect them to be
> 2 — the epoch of rapid galaxy growth and larger stellar dispersion
ubiquitous at redshifts ∼
velocities.
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3.2

Introduction

A large fraction of local galaxies, ∼ 2/3 of them at least, host stellar bars, both strong and
weak (e.g., Sellwood & Wilkinson, 1993; Martinet, 1995; Knapen et al., 2000; Grosbol
et al., 2004; Menendez-Delmestre et al., 2007; Erwin, 2018). Bars play the prime role in
redistributing the angular momentum in galaxies, primarily between the disks and their
parent dark matter (DM) halos, in tandem with galaxy interactions and mergers (e.g.,
Lynden-Bell & Kalnajs, 1972; Tremaine & Weinberg, 1984a; Weinberg, 1985; Debattista
& Sellwood, 2000; Athanassoula, 2003; Martinez-Valpuesta et al., 2006). Bars are also
responsible for mass redistribution in galaxies, especially of the gas. Thus they act as a
prime internal driver of the galaxy evolution.
The origin of bars is not known precisely — they can form spontaneously by a global
gravitational instability in axisymmetric stellar disks (e.g., Hohl, 1971; Sellwood, 1980;
Toomre, 1981), can be tidally induced by close flybys and mergers (e.g., Gerin et al., 1990;
Berentzen et al., 2004; Martinez-Valpuesta et al., 2017), or form in response to the dark
matter (DM) halo shape and DM substructure (Heller et al., 2007; Romano-Díaz et al.,
2008).
Galactic bars come in variety of sizes. Some can be compared in size to their parent
galactic disks, and some are much smaller. The reason for this diversity is probably related
to the combination of factors, such as the mass distribution in galaxies, the stellar and gas
dispersion velocities in the disk, the efficiency of angular momentum redistribution in the
disk-halo systems, stage in their evolution, etc.
> 2, and follow them
Here we focus on cosmological evolution of bars at redshifts 𝑧 ∼
by means of very high-resolution zoom-in numerical simulations. We analyze the basic
parameters of these bars, relate their evolution to both internal and external factors, and
compare them with low-𝑧 bars.
We aim at comparing bars which form and evolve in galaxies that are embedded in
similar mass dark matter (DM) halos at different redshifts. We choose halos which have
virial masses log (𝑀v𝑖𝑟 /M⊙ ) ∼ 11.65 ± 0.05, at the final redshifts of 𝑧 f = 6, 4 and 2. This
DM halo mass is a factor of 2.5 smaller than that of the Milky Way halo obtained from
GAIA (e.g., Posti & Helmi, 2019). Such halos are mostly typical at 𝑧 = 2 (1𝜎), more scarce
at 𝑧 = 4 (2𝜎), and rare at 𝑧 = 6 (2.5𝜎) (e.g., Reed et al., 2003, where 𝜎 2 is the variance of
the linear density field.). Our choice of halos includes the specific environment as measured
by the local overdensity, as well as a similar spin (more details given in (Bi et al., 2021a),
in chapter 2, and in Table 3.1.
Our motivation for this particular DM halo masses is based on the following factors:
(1) avoiding low-mass galaxies which cannot form sustainable galactic disks, and avoiding
the high mass halos which would be exceedingly rare at these redshifts; (2) As similar mass
halos at different redshifts grow at different rates, this effect is expected to propagate down
to galactic scales, as shown and analyzed in chapter 2; (3) Focusing on similar mass halos at
different redshifts allows us to single out two processes, the effect of environment and that
of the stellar feedback; (4) Moreover, such halos are expected to host galaxies with stellar
masses in excess of 1010 M⊙ , being most hospitable to developing stellar bars, based on
observations and modeling in the contemporary universe (e.g., Gadotti, 2009); (5) Finally
>2
and most importantly, these halos contain 𝐿∗ galaxies at 𝑧 = 0, so the comparison of 𝑧 ∼
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galaxies with the present day galaxies is the most optimal one.
Observational studies of the bar fraction evolution with redshift have been attempted so
< 1. Disk galaxies show that the resolved bar fraction (in galaxies with a single
far only for 𝑧 ∼
bar) is constant within a factor of two for 𝑧 ∼ 0 − 1 Jogee et al. (2004). On the other hand,
Sheth et al. (2008) claimed that the bar fraction decreases with increasing redshift. Both
studies can be reconciled if only large size bars, which can be unambiguously detected up
to 𝑧 ∼ 1, are counted. However, small size bars can be overlooked even at 𝑧 ∼ 0, especially
when searched in the optical band. For higher redshifts, the properties of bars and their
abundance are completely unknown.
Numerical simulations of stellar bars require sufficient spatial and mass resolutions
to adequately follow their nonlinear dynamics. Consequently, most detailed and reliable
simulations of barred galaxies are those of isolated objects which allow to resolve the
resonant interactions between bars, surrounding disks, and their parent DM halos (e.g.,
Athanassoula, 2002, 2003; Martinez-Valpuesta et al., 2006). The necessary number of
> 108 disk
particles to follow this evolution properly has been claimed to lie in the range of ∼
stars and DM particles Weinberg & Katz (2007a,b), although this requirement has been
> 106 stellar/DM particles can suffice Dubinski et al. (2009).
shown to be excessive, and ∼
Spontaneously forming bars in isolated disk-halo systems grow their amplitude exponentially until saturation. Reaching maximal strength, they experience the so-called
vertical buckling instability which weakens and shortens them substantially (e.g., Combes
& Sanders, 1981; Combes et al., 1990; Raha et al., 1991; Pfenniger & Friedli, 1991; Friedli
& Martinet, 1993; Martinez-Valpuesta & Shlosman, 2004; Martinez-Valpuesta et al., 2006;
Collier, 2020).
The subsequent evolution depends on the parent DM halo dimensionless spin, e.g.,
defined as λ, (e.g., Bullock et al., 2001),
λ = 𝐽/𝐽m𝑎𝑥 ,

(3.1)

where 𝐽 and 𝐽m𝑎𝑥 are the DM halo angular momentum and maximal (Keplerian) angular
< 0.03, bars resume their growth
momentum, respectively. Inside halos with a low spin, λ ∼
after buckling, while for halos with a higher spin, the bar growth becomes progressively
> 0.05,
weaker, until there is no growth at all Long et al. (2014); Collier et al. (2018). For λ ∼
bars essentially dissolve after buckling, leaving behind only a weak oval distortion.
Cosmological simulations of stellar bars have been limited, and suffered from insufficient
spatial and mass resolution. Over the last decade, in the zoom-in cosmological simulations,
the mass per baryonic and DM particles went below 106 M⊙ , and the number of baryonic
and DM particles has approached ∼ 105−6 per galaxy-halo system (e.g., Romano-Díaz et al.,
2008; Scannapieco & Athanassoula, 2012; Okamoto et al., 2015; Zana et al., 2019).
Cosmological simulations based on large computational boxes, e.g., comoving 50 −
100 Mpc, have been also analyzed aiming at statistics of the barred galaxies. The Illustris1 Vogelsberger et al. (2014), IllustrisTNG100-1 Nelson et al. (2018), TNG50 Nelson et al.
(2019) and EAGLE Schaye et al. (2015) simulations provided a rich ground for data mining
< 2, with interesting conclusions on the bar evolution (e.g., Algorry et al.,
for redshifts 𝑧 ∼
2017; Peschken & Lokas, 2019; Rosas-Guevara et al., 2020, 2021; Zhao et al., 2020). We
refer to these simulations in section 2.5, but note here that the mass and spatial resoloution

45

of these simulations is substantially lower than in our runs, with the exception of TNG50
Rosas-Guevara et al. (2020) which has only about 3X lower mass resolution.
The zoom-in simulations of stellar bar evolution aimed at relatively isolated galaxies, in
order to mimic the Milky Way galaxy (e.g., Scannapieco & Athanassoula, 2012; Okamoto
et al., 2015; Zana et al., 2019; Blazquez-Calero et al., 2020). Romano-Díaz et al. (2008),
using zoom-in cosmological simulation, followed the bar evolution from 𝑧 ∼ 10 to 𝑧 = 0,
including an intensive merger activity at 𝑧 ∼ 9 − 3. This simulation has captured some
key points of the bar evolution: the tidal triggering of the bar and the variable strength
and pattern speed of the bar due to galaxy mergers and interactions. Most importantly, it
showed that the bar amplitude and pattern speed can increase and decrease over prolonged
time periods.
The physical conditions in our current simulations are not constrained by the quiet
evolution of the halos and include mergers, flybys, cold accretion flows and more. The
parent DM halos of modelled galaxies are situated in low and high overdensity environments
(see section 3.4.1 for definition). In section 2.5, we compare our results obtained for higher
> 2, with those in the above simulations. We anticipate that the low redshift
redshifts, 𝑧 ∼
evolution is more compatible with the simulations of isolated galaxies or those outside the
clusters of galaxies.
An important question can be asked, to what extent the evolution of galactic bars in
isolated galaxy models can adequately describe those in the full cosmological context. The
possible answer can depend on the redshift under consideration. It is especially relevant
for galaxy evolution at 𝑧 > 1, when cold accretion fuels the galaxy growth in tandem with
mergers and close flybys. Galactic disks are expected to grow with time, roughly up to
𝑧 ∼ 1, when the growth slows down. This saturation of the disk growth is most probably
associated with decrease in the frequency of mergers and cold accretion flows. So we do
expect that low redshift galaxies have prolonged periods of quiescent growth, which has a
direct consequence for stellar bar evolution.
> 2, and compare them
We focus on the population of galactic bars at high redshifts, 𝑧 ∼
with the bar properties at low 𝑧, in preparation with the forthcoming observations. The
high–redshift galaxy evolution proceeds in a denser and more violent universe compared
< 1, which is more compatible with simulations of isolated
to the low redshift evolution, 𝑧 ∼
galaxies. As the bar evolution is closely related to that of their host galaxies and even
their DM halos, we analyze them as well in this context, although the full details of parent
galaxies and their halos evolution are provided in chapter 2.
The structure of this chapter is as following. We briefly discuss the bar properties in
the local universe in section 3.3, describe our numerical methods and initial conditions
in section 3.4, and present our results in section 3.5. Section 3.6 deals with corollaries of
high-redshift bar evolution, followed by conclusions.
3.3

Stellar bar properties in the local universe

Observational and theoretical properties of local bars have been extensively reviewed in
the literature (e.g., Sellwood & Wilkinson, 1993; Shlosman, 1999; Kormendy & Kennicutt,
2004; Athanassoula, 2013; Shlosman, 2013), and we list them only briefly in this section.
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Bars typically extend to nearly their corotation radius (CR), where the bar pattern
speed, Ωb𝑎𝑟 , is equal to the circular stellar frequency in the disk, Ω, and never beyond it,
because the stellar orbits change their orientation by 𝜋/2 at every resonance. Inside the
CR, the stellar orbits are generally aligned with the bar, forming and supporting its density
distribution. Outside the CR the stellar orbits are oriented normal to the bar and hence
cannot support its shape. The ratio of the CR-to-bar radius has been found to lie within
the range of 𝑅C𝑅 /𝑅b𝑎𝑟 = 1.2 ± 0.2 Athanassoula (1992). The narrow range of this ratio
is based on the observed shape of the offset dust lanes, associated with shocks within the
bars, and it is confirmed by observations of local bars (e.g., Cuomo et al., 2019; Guo et
al., 2019), when the bar pattern speed has been determined using the Tremaine-Weinberg
method Tremaine & Weinberg (1984b). However, this ratio was found to be violated during
the buckling instability Martinez-Valpuesta et al. (2006) and in faster spinning halos Collier
et al. (2018). The latter effect appears to be strongest for the prolate halos. MartinezValpuesta et al. (2017) have detected that bars triggered by a flyby approximated by an
impulse approximation show a more extended time when 𝑅C𝑅 /𝑅b𝑎𝑟 stays outside the above
narrow range.
Bars that are well short of their CR radius are called slow bars, and those that extend
(approximately) to CR are named fast bars. Stellar bars are known to brake against the DM
and slow down with time, but also grow in length during this process by capturing disk
stars. Hence the slow bars have difficulty to grow. Is this a difficulty limited to numerical
simulations only?
A separate class of bars extending to the Inner Lindblad resonance, the ILR1, proposed
by Lynden-Bell (1979), have not been identified so far. The only exception are the nuclear
bars in double barred galaxies whose size does not correlate with the galaxy size and extend
to the ILR of the large bar Laine et al. (2002).
In the local universe, the median observed bar sizes lie in the range of 3 − 4 kpc (e.g.,
Erwin, 2005; Menendez-Delmestre et al., 2007; Marinova & Jogee, 2007; Corsini, 2011;
Aguerri et al., 2015; Font et al., 2017). However, the size distribution is quite broad, from a
fraction of kpc to about 15 kpc and depends on the observational band. From the theoretical
point of view, this size scatter is understood to come from a number of factors (section 3.2),
the most obvious reasons are the baryonic and DM mass distributions, the efficiency of
angular momentum redistribution in the disc-halo systems, and stellar dispersion velocities
in the parent disks. The size distributions in the 𝐵 and 𝐻-bands peak around the median,
but decrease more sharply towards the small sizes in the 𝐵-band compared to the 𝐻-band.
In the extreme case, galaxies that have been classified as unbarred in optical, display a
strong bar in the 𝐾-band (e.g., Scoville et al., 1988; Telesco & Decher, 1988; Thronson et
al., 1989; Knapen et al., 1995).
The vertical extension of stellar bars is affected by the buckling instability, leading
to the appearance of characteristic boxy/peanut shape bulges which are thicker than the
underlying galactic disks (e.g., Bureau & Freeman, 1999; Merrifield & Kuijken, 1999).
Observationally about 50% of edge-on disks display these bulges (e.g., Lüticke et al.,
2000). Strong boxy/peanut shape bulges have been reproduced in numerical simulations of
1 The

ILR is defined as the radius of intersection of frequencies, namely, the bar pattern speed, Ωb𝑎𝑟 , and
the combination of circular frequency Ω and the epicyclic frequency, 𝜅, i.e., Ωb𝑎𝑟 = Ω − 𝜅/2.
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collisionless disks. Addition of gas component was found to weaken the buckling instability
and smooth the bulge shape, which was attributed to the destabilization of stellar orbits by
the gas accumulation in the central regions Berentzen et al. (1998).
Galactic bars in the local galaxies are almost never observed to be dominated by gas.
Local bars are either largely devoid of gas or live in galaxies with the gas fraction of less than
50%, smaller than in the unbarred galaxies (e.g., Davoust & Contini, 2004). The simplest
explanation is that bars channel the disk gas inwards, where the gas can be converted into H2
and form stars. The only exclusion can be traced to the inner bars of double barred galaxies,
where the gaseous component can be significant and even dominating (e.g., Shlosman et
al., 1989; Friedli & Martinet, 1993; Maiolino et al., 2000; Englmaier & Shlosman, 2004,
see also review by Shlosman (2005)).
Stellar populations of local bars are typically dominated by older disk stars and this
explains why bars are more easily detectable in the 𝐾-band. Strong bars show low star
formation rate, mostly concentrated in their centers and on their ends. This is related to the
strong shear affecting the giant molecular clouds. On the other hand, weak bars do exhibit
star formation. A good local example of a mild bar experiencing the star formation along
the offset shocks is M100 (e.g., Knapen et al., 1995).
Numerical simulations of bars in isolated disk-halo systems emphasize that the bar
pattern speeds decrease as a result of angular momentum loss to the outer disk and especially
to the DM halos (e.g., Sellwood, 1980; Athanassoula, 2002, 2003; Martinez-Valpuesta et al.,
2006; Villa-Vargas et al., 2009). Braking against the DM and stars has a two-fold nature. It
is facilitated mainly by resonances, but a non-resonant braking should not be discarded as
well.
Loss of the angular momentum by the bar leads to the change in the bar pattern speed
(i.e., its tumbling) and to the change of the internal angular momentum of the bar (i.e.,
internal circulation). The former leads to the bar slowdown, the latter — to the increase in
the bar strength. Overall, except for some brief moments, the bar region is losing its angular
momentum monotonically. In some cases this can create controversies — locally observed
bars tumble faster than predicted by numerical simulations of gas-poor isolated galaxies.
The bar fraction in the local universe does not correlate with the environment, e.g., with
local density (e.g., Aguerri et al., 2009). Moreover. Marinova et al. (2009) found that the
cluster environment does not strongly affect the bar fraction.
3.4
3.4.1

Numerical modeling
Cosmological zoom-in simulations and initial conditions

In this work we analyze our simulations which used the hybrid 𝑁-body/hydro code gizmo
Hopkins (2017). We run a suite of zoom-in cosmological simulations within a box of 74 Mpc
comoving coordinates. We assume the ΛCDM cosmology with parameters Ωm = 0.308,
ΩΛ = 0.692 and Ωbaryonic = 0.048, 𝜎8 = 0.82, and 𝑛8 = 0.97 Plank Collaboration et al.
(2016). The Hubble constant is taken as ℎ = 0.678 in units of 100 km s−1 Mpc−1 . The
simulations have been run from 𝑧 = 99 to 𝑧f = 6, 4, and 2. Additional details of the models
are given in Table 3.1 and in chapter 2.
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Table 3.1: Simulation suite (all values are given at the final redshift 𝑧f ); the model (see
section 3.4.2); 𝑀v𝑖𝑟 is the virial mass of DM halo in baryonic simulations; 𝑅v𝑖𝑟 is the
halo virial radius in comoving and physical coordinates; λ is the DM halo spin; δ is the
local overdensity; 𝑀∗ is the stellar mass of the central galaxy; 𝑅g𝑎𝑙 is the galaxy radius in
comoving and physical coordinates; 𝑓g𝑎𝑠 is the gas fraction of the central galaxy; B/T —
bulge-to-total stellar mass, based on kinematic decomposition (see chapter 2); CW and VW
are the galactic wind feedback, Constant Wind (CW) and Variable Wind (VW).
𝑧f
6
6
6
6
4
4
4
4
2
2
2
2

Model
Name
Z6HCW
Z6HVW
Z6LCW
Z6LVW
Z4HCW
Z4HVW
Z4LCW
Z4LVW
Z2HCW
Z2HVW
Z2LCW
Z2LVW

l𝑜𝑔𝑀v𝑖𝑟 M⊙
11.6
11.6
11.6
11.6
11.6
11.6
11.6
11.6
11.7
11.7
11.7
11.7

DM Halo Properties in baryonic simulations
𝑅v𝑖𝑟 kpc
𝑅v𝑖𝑟 kpc
comoving
physical
252
36
257
37
251
36
249
36
271
54
254
51
258
52
267
53
293
98
293
98
283
94
261
87

λ
0.02
0.02
0.02
0.02
0.06
0.06
0.02
0.02
0.02
0.02
0.02
0.02

δ

𝑀∗ M⊙

3.04
3.04
1.60
1.60
3.00
3.00
1.33
1.33
2.80
2.80
1.47
1.47

2.54 ×
0.59 × 1010
1.97 × 1010
0.48 × 1010
3.21 × 1010
0.72 × 1010
3.30 × 1010
1.05 × 1010
6.61 × 1010
3.10 × 1010
5.31 × 1010
1.52 × 1010
1010

𝑅g𝑎𝑙 kpc
comoving
9.8
9.8
12.1
8.6
7.9
9.5
6.8
6.9
11.2
13.4
10.6
7.7

Galaxy Properies
𝑅g𝑎𝑙 kpc
physical
1.4
1.4
1.7
1.2
1.6
1.9
1.4
1.4
3.7
4.5
3.5
2.6

𝑓g𝑎𝑠
0.50
0.87
0.52
0.87
0.25
0.85
0.38
0.86
0.28
0.77
0.27
0.76

B/T
kinematic
0.57
0.53
0.57
0.63
0.59
0.50
0.75
0.67
0.80
0.80
0.62
0.65

Feedback
CW
VW
CW
VW
CW
VW
CW
VW
CW
VW
CW
VW

We invoked the meshless finite mass (MFM) hydrosolver and an adaptive gravitational
softening for the gas. The Springel & Hernquist (2003) multiphase interstellar matter
(ISM) algorithm has been used, and the feedback includes the SN II, and two models of
>2
galactic winds (see section 3.4.2). Feedback by SN Ia appears to be unimportant for 𝑧 ∼
(e.g., Childress et al., 2014), and therefore was not included. The gas cooling includes
the Compton, free-free, collisional and metals. Ionization and recombination processes
have been accounted for as well. Simulations include the redshift-dependent cosmic UV
background Faucher-Giguere et al. (2009). The density threshold for star formation (SF)
−3
was set to 𝑛SF
crit = 4 cm .
3.4.1.1

Defining parent DM halos

The parent box and the individual zoom-in simulations were created using music Hahn &
Abel (2011). As a first step, we have generated a comoving box of 74 Mpc with 10243
DM-only particles, and run it until redshift 𝑧 = 2. Applying the group finder (see below),
the DM halos has been selected at the final redshifts of 𝑧f = 6, 4, and 2, that have the
prescribed DM masses of log (𝑀vir /M⊙ ) ∼ 11.6, dimensionless halo spin λ, and the local
overdensity δ (see below for the definitions of 𝑀vir and δ).
We calculated halos by using the rockstar group finder Behroozi et al. (2013), accounting only for the bound DM particles (Table 2.1). Using the rockstar halo catalogs,
we have constructed the merger trees using consistent-trees algorithm Behroozi et al.
(2012). The halo virial radius and the virial mass, 𝑅v𝑖𝑟 and 𝑀v𝑖𝑟 , are defined by 𝑅200 and
𝑀200 (e.g., Navarro et al., 1996). 𝑅200 is the radius inside which the mean interior density
is 200 times the critical density of the universe at that time.
Next, we have carved out a sphere encompassing all particles within the volume of
∼ 3𝑅vir to avoid contamination of the high resolution region by the massive particles.
These particles have been traced to their initial conditions, in order to create a mask for
music, where the resolution has been increased by 5 levels, i.e., from 27 to 212 . Hence,
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we have 5 levels of refinement and analyze only the highest level — our mass and spatial
resolution given below refer only to this level.
The overdensity environment δ has been defined in the parent run (i.e., full box run)
by creating 1.5 Mpc grids centered on DM halos and calculating the average DM densities
inside these grids. The ratio between these densities and the average density of the universe
provide δ. The DM halos have been chosen for low and high overdensities, δ ∼ 1 and
δ ∼ 3, respectively.
3.4.1.2

Defining central galaxies

In order to identify galaxies, we have used the group finder hop Eisenstein & Hut (1998),
in terms of the boundary baryonic density threshold of 10−2 𝑛SF
crit , ensuring that both the host
starforming and non-starforming gas are roughly bound to the galaxy Romano-Díaz et al.
(2014). HOP has been used in order not to impose a particular geometry on galaxies. Our
galaxies morphological and kinematic parameters are given in Table 3.1 (see also Paper I).
We have abbreviated the galaxy names in terms of their simulated properties in the
following way: the final redshift 𝑧f , the overdensity δ (high or low), and the stellar feedback
(CW or VW, see section 3.4.2 for definition of the ffedback). For example, the galaxy
Z4HCW corresponds to 𝑧f = 4, high overdensity, and with the CW feedback scheme.
In our simulations, the mass per particle is 3.5 × 104 M⊙ (for gas and stars) and 2.3 ×
105 M⊙ (for DM). The minimal adaptive gravitational softening is 74 pc for the gas in
comoving coordinates. The softening for stars is 74 pc and 118 pc for DM (in comoving
coordinates). This means, for example, that at the final redshifts, 𝑧 f = 6, 4, and 2, the
softening for the stars in physical coordinates is 10.5 pc, 14.7 pc, and 24.6 pc, respectively.
The effective number of baryonic particles in our simulations is 2 × 40963 .
For comparison, the Illustris-1, IllustrisTNG100-1 and TNG50 simulations Vogelsberger et al. (2014); Nelson et al. (2018, 2019) have the DM mass per particle 6.3 × 106 M⊙ ,
7.5 × 106 M⊙ , and 4.5 × 105 M⊙ , respectively. The gas and stellar mass per particle is
1.6 × 106 M⊙ , 1.4 × 106 M⊙ and 8.5 × 104 M⊙ . The EAGLE simulations Schaye et al.
(2015) have the mass resolution of 9.7 × 106 M⊙ for DM and 1.8 × 106 M⊙ for the gas.
The gravitational softening in Illustris-1, TNG100-1 and TNG50 is 1.4 kpc, 0.74 kpc and
0.29 kpc for DM, and 0.74 kpc, 0.19 kpc and 0.074 kpc for the gas, respectively. In EAGLE
simulations the resolution is 0.7 kpc at 𝑧 = 2.8. This softening is depending on redshift
for 𝑧 > 1. Hence, with the exception of the TNG50 simulations, both the mass and spatial
resolutions are substantially reduced in comparison to those in the present work, up to two
orders of magnitude. The TNG50 is compatible to our simulations within a factor of 2–3.
The mass and spatial resolutions are crucial to follow the resonances which are associated
with bars, especially of a smaller size bars. The spatial resolution of bars lies in that a
> 6. The number
sufficient number of softening lengths must be included in its size, e.g., ∼
5−6
> 10 . Bars which are poorly resolved spatially or
of stars in a stellar disk should be ∼
with a number of particles will not account for an efficient angular momentum transfer, for
accurate internal evolution and additional effects Dubinski et al. (2009). Our analysis of
bar evolution is limited largely to time periods when these conditions have been satisfied.
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3.4.2

Galactic Winds

We have used two models for galactic winds, namely, the Constant Wind Springel & Hernquist (2003) and the Variable Wind (Oppenheimer & Dave, 2006) (hereafter abbreviated as
CW and VW, respectively). The wind models have been implemented by decoupling the
gas particles from the hydrodynamical forces, thus the wind particles move ballistically.
The decoupling time period is the shortest between 106 yrs and the time it takes for the
particles to reach the background gas density which has decreased by a factor of 10.
For the CW model, both the wind velocity, 𝑣 w , and the mass loading factor, 𝛽w ≡
𝑀¤ w / 𝑀¤ SF = 2, have been taken constant, where 𝑀¤ w is the mass loss by the wind, and 𝑀¤ SF is
the (mass) star formation rate (SFR). The wind velocity for the CW is taken 𝑣 w = 484 km s−1 .
The wind orientation has been assumed isotropic.
For the VW model, the launching velocity scales with halo/galaxy overall properties.
The wind velocity has been assigned by the physical escape velocity of the host halo. Mass
loading factor has been calculated assuming the total wind energy is given by energy-driven
wind and momentum-driven wind.
The goal of introducing two feedback mechanisms is to compare the galaxy evolution,
including the galactic bar properties, applying a strong and a much weaker feedback. We
have measured the ratio of kinetic energies of CW and VW, 𝐸 CW /𝐸 VW , and find that this
ratio is always less then unity. Typically it ranges between 0.1 and 0.01, sometimes diving
below these values. Generally, the ratio varies by a factor up to 103 . The expected result
is that the SFR will be smaller in the VW models, which indeed is the case. Additional
corollary of this evolution is that the gas fraction in VW models is larger than in CW ones.
3.4.3

Determining strength, pattern speed, size and mass of stellar bars

We analyze the bar properties, such as the bar strength, pattern speed, size and mass
evolution using the Fourier components for the surface density for the 𝑚 = 2 Fourier mode.
This is performed for face-on disks. We obtain the disk plane by calculating the stellar
angular momentum vector of stars within the radius containing 90% of the total stellar
content in a galaxy,
√︁ using its definition in section 3.4.1.2. The Fourier amplitude for the 𝑚
mode is 𝐴m = 𝑎 2m + 𝑏 2m , where
1
𝑎 m (𝑟) =
𝜋

∫

2𝜋

Σ(𝑟, 𝜃) cos(𝑚𝜃) d𝜃,

𝑚 = 0, 1, 2, . . .

(3.2)

0

∫
1 2𝜋
𝑏 m (𝑟) =
Σ(𝑟, 𝜃) sin(𝑚𝜃) d𝜃, 𝑚 = 1, 2, . . .
(3.3)
𝜋 0
and Σ(𝑟, 𝜃) is the surface stellar density. To quantify the bar strength 𝐴2 amplitude,
normalized by the 𝑚 = 0 amplitude, we use
∫ 𝑅bar √︃
𝑎 22 + 𝑏 22 d𝑟
𝐴2
0
=
.
(3.4)
∫ 𝑅bar
𝐴0
𝑎
𝑑𝑟
0
0
where the upper limit, 𝑅bar , is the bar radius at a given time, and 𝐴0 is the Fourier coefficient
for the monopole term. We consider the 𝑚 = 2 Fourier mode representing a stellar bar for
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Figure 3.1: Evolution of stellar bar-to-galaxy mass fraction, 𝑀*,𝑏𝑎𝑟 /𝑀*,𝑔𝑎𝑙𝑎𝑥𝑦 (left y-axes)
and galaxy stellar masses, 𝑀∗ (right y-axes). The VW models are given by the red solid
lines, and CW models by the blue solid lines. The galaxy stellar mass evolution are given
by dashed lines. The green colored background refers to major merger events. Note that
the minor and intermediate mergers, and close flybys, as well as periods of massive cold
accretion inflows can have equally strong effect on the galaxy properties, but are not marked
for clarity.

Figure 3.2: Rotation curves of sample galaxies at the final redshifts, 𝑧f = 6, 4, and 2, in
physical coordinates. The CW models (blue lines) display very similar rotation curves to
those of VW models, despite that the later have larger gas fractions. Note, that the top row
here and elsewhere in Figures represents galaxies in the high overdensity regions, while the
bottom row displays galaxies in the low overdensity regions.
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> 0.15. This corresponds to ellipticity of 𝜖 ≡ 1 − 𝑏/𝑎 ∼
> 0.4, where 2𝑎 and 2𝑏 are
𝐴2 /𝐴0 ∼
the bar’s major and minor axes. At lower values the bar basically dissolves and represents
an oval distortion.
We obtain the bar radius, 𝑅bar , by fitting ellipses to the contour map of the face-on disk.
The bar radius is determined as the radius where the ellipticity value, 𝜖 (𝑟) = 1 − 𝑏/𝑎, has
decreased by 15% below its maximum. Typically, the position angle of 𝑚 = 2 mode stays
constant within 𝑅b𝑎𝑟 , and changes thereafter — this can be used to verify 𝑅b𝑎𝑟 (e.g., Laine
et al., 2002). Our method has been confirmed by a direct calculation of the radial extent
of the stellar orbits aligned with the bar and which form its backbone Martinez-Valpuesta
et al. (2006); Villa-Vargas et al. (2009). In comparison, determining the bar radius as the
radius of the maximum of 𝐴2 (e.g., Algorry et al., 2017) results in neglecting a substantial
fraction of the bar stellar and gas masses, as introduces an error in positions of the major
resonances.
Note, that our definition of the bar strength depends on the integrated 𝑚 = 2 mode over
the bar length (defined below). This differs from alternative method of using the maximum
of 𝐴2 (𝑅) (e.g., Algorry et al., 2017; Rosas-Guevara et al., 2020). The advantage of our
method lies in that it depends on the global property of the bar and not on the local one,
which can be heavily influenced by the radial mass distribution in the bar.
The deprojection of the galactic disk must be performed carefully in order to maintain
the continuity of the bar phase angle as a function of time and to determine the bar pattern
speed, Ωbar . We deproject the bar onto three major planes. This is performed by finding
the line of nodes of the disk with respect to the plane of the sky, and then rotating the disk
with respect to this line of nodes. The pattern speed, Ωbar , is calculated using 5-point time
derivative for stability.
The volume of the bar has been determined by using the isodensity contour which
determines the bar size, assuming that the bar vertical thickness is the same as that of the
stellar disk. The stellar and gas masses of the bars, 𝑀b𝑎𝑟 , have been obtained by summing
up the gas and stellar particles within this volume.
3.5

Results

We start by presenting the evolution of basic parameters which characterize stellar bars in
all the models. In order to understand the evolutionary details, one should relate them to the
evolution of the parent galaxy itself, and, in some cases, to that of the parent DM halo and
associated galaxy interactions, e.g., the cold accretion flow onto the galaxy and the halo,
mergers, flybys, halo shapes and substructure. Some of these important details regarding
galaxy evolution of our models have been provided in chapter 2.
Our choice of the end products, i.e., that the DM halos have similar final masses, 𝑀v𝑖𝑟 ,
at the target redshifts of 𝑧f = 6, 4, and 2, and the resulting virial radii, 𝑅vir , in comoving
coordinates, have been provided in Table 2.1. Hence, the average densities of DM halos
decrease with decreasing 𝑧 f . The host galaxies average radii increase with time in physical
coordinates: ∼ 1.4 kpc at 𝑧f = 6, ∼ 1.6 kpc at 𝑧 f = 4, and ∼ 3.6 kpc at 𝑧f = 2 (Table 2.1).
They span a narrow range of baryonic masses ∼ 3 − 4 × 1010 M⊙ at 𝑧f . Final stellar masses
of galaxies, 𝑀∗ , their radii, 𝑅gal , and gas fractions, 𝑓gas , are given in Table 3.1. Also,
Figures 3.1 and 3.10 display the evolution of 𝑀∗ and 𝑓gas with time.
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For clarity, we marked the time periods of major mergers in Figure 3.1, where we have
> 1 : 3, for intermediate
followed the general notation for major mergers having mass ratio ∼
<
mergers 1 : 4 − 1 : 10, and for minor mergers ∼ 1 : 11. Note however, intermediate and
minor mergers as well as cold accretion can play equally important role in shaping the
galactic morphologies.
These galaxy masses mean that the number of stellar particles per galaxy is about 106 ,
and the amount of DM particles per parent halo is about 3 × 106 at 𝑧f , which is sufficient to
resolve dynamical processes within them (e.g., Dubinski et al., 2009). We limit our analysis
< 9 for 𝑧f = 6 objects, to 𝑧 ∼
< 7 for 𝑧f = 4 objects, and to 𝑧 ∼
< 5 for 𝑧 f = 2 objects,
to 𝑧 ∼
in order to always have a sufficient number of particles per galaxy and per halo. Hence,
galaxies which evolved to 𝑧f = 6 have been analyzed for ∼ 0.9 Gyr, those evolved to 𝑧f = 4,
for ∼ 1.6 Gyr, and galaxies at 𝑧 f = 2, for ∼ 3.3 Gyr.
An important difference between galaxies discussed here and those observed at lower
redshifts is the gas fraction. Note that the overall evolution time for our galaxy sample is
less than 3 Gyr, which is a relatively small time period in the life of the 𝑧 = 0 galaxies. Our
sample galaxies have evolved from the same initial conditions, and differ in their feedback
schemes, as this is the main factor which affects their gas fractions. The CW models have
about equal fraction of gas and stars for 𝑧f = 6 runs, and demonstrate a slow but steady
decline in 𝑓gas to ∼ 20% − 40% for 𝑧f = 4 and 2 models. On the other hand, a much stronger
VW feedback has resulted in suppression of the star formation rate (SFR), and galaxies
being dominated by the gas at the level of ∼ 90% initially, with a slow decay over time to
∼ 80%.
Galaxy rotation curves are given in Figure 3.2. We observe a gradual decline of the
maximal rotational velocity with time, especially for 𝑧f = 2 galaxies. As we have verified,
this is the consequence of the decrease in the central density with time. The galaxy centers
display a gradually shallower rotation despite that a shallower central DM cusp is replaced
by the baryonic cusp (e.g., Romano-Díaz et al., 2008).
3.5.1

Basic properties of modeled galactic bars

The dynamical importance of stellar bars depends in part on their mass fraction with respect
to the parent galactic disk. Figure 3.1 shows that the CW models exhibit massive bars even
at the initial redshifts displayed, with their mass fraction starting at ∼ 60% − 80% of the
parent stellar galaxy for 𝑧f = 6 objects, and gradually declining to 25%−30%. For 𝑧f = 4 and
2 objects, this mass ratio starts at 30% − 40% and, while increasing or decreasing with time,
ends basically unchanged at 25% − 30%. Occasional sudden increases or decreases of this
fraction have been checked by us and have been found always related to the environmental
effects: mergers, close flybys and strong gas inflows along the extragalactic filaments.
The VW models have lower mass ratios, ∼ 30% − 70% for 𝑧f = 6 bars, initially,
exhibiting substantial variability, either declining or increasing to 50%. 𝑧f = 4 and 2 bars
display variability and either decline, increase or stay unchanged with time. This variability
is closely related to various types of galaxy interactions, as we discuss in detail in the
following subsections. At 𝑧f , the bar mass fraction, ∼ 25% − 60%, appears to be higher
than in the CW models.
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3.5.1.1

Evolution of bar amplitudes

The stellar bar 𝑚 = 2 mode Fourier amplitude evolution for our models are shown in
Figure 3.3. For isolated galaxies the values of 𝐴2 obtained in numerical simulations typically
< 0.15 are typically
reach ∼ 0.5 (e.g., Villa-Vargas et al., 2009; Dubinski et al., 2009). 𝐴2 ∼
referred to as oval distortions. In the following we adopt these definitions and consider this
value as a threshold for 𝑚 = 2 mode which we call a stellar bar. Hence, we consider the
bar forming when the amplitude of the 𝑚 = 2 model becomes larger than 0.15, and it is
destroyed when its amplitude dives below this threshold.
In the following, we describe the main events which lead to the major changes in the
bar amplitudes in Figure 3.3, but due to the large number of these events we refrain from
displaying their analysis. Instead, we present as examples 3 different events in section 3.5.1.3
and illustrate the associated processes which trigger them in detail.
Gas-rich stellar bars have developed in all our models. Rarely they appear strong. The
bar sizes typically increase towards lower redshifts, in tandem with the disk growth. The
longest bars appear after 𝑧 ∼ 2.5. The VW models host longer bars towards 𝑧f , with the
exception of 𝑧f = 2 galaxies, where at the end of the simulations the CW and VW bars are
essentially having the same sizes.
The Z6HCW bar has formed only at 𝑧 ∼ 6.3. As a result of a merger, the amplitude
of 𝑚 = 2 mode increases substantially to ∼ 0.3. The associated VW model for the same
halo has no bar until it experiences multiple mergers around 𝑧 ∼ 6.9 − 6.5, which trigger a
strong bar with a jump in the amplitude to ∼ 0.3. Interestingly, some of these mergers are
retrograde and some prograde and the effects of their actions are expected to be opposite.
The resulting bar reaches the amplitude of ∼ 0.4 towards 𝑧 ∼ 6. This is a very strong bar.
The bar in the model Z6LVW, behaves differently. This bar is triggered by a prograde,
low-inclination merger at 𝑧 ∼ 8.5 and becomes strong, 𝐴2 ∼ 0.35, but the galaxy experiences
a retrograde merger at 𝑧 ∼ 8.2 which weakens it to 𝐴2 ∼ 0.2. Its strength remains the same
until 𝑧 ∼ 7.3, when it is strengthened by a substantial gas inflow along a prograde gas
filament. A retrograde encounter at 𝑧 ∼ 7 weakens it to an oval distortion, destroying the
bar. Subsequent prograde encounter reforms the bar with 𝐴2 ∼ 0.32. It decays gradually
and strengthens again, all within the range of 𝐴2 ∼ 0.2 − 0.3.
A weak bar develops already before 𝑧 ∼ 9 in the associated Z6LCW model, appearing
as a response to the overall asymmetry in the galactic disk. This asymmetry originates
when the galaxy mass is slightly below ∼ 108 M⊙ apparently because of the penetrating
close encounter which distorts the parent DM halo and coincides with a strong gas inflow.
The bar is destroyed abruptly at 𝑧 ∼ 8.4. Thereafter, the galaxy experiences sporadic
gas inflows along the penetrating filaments, and the bar reappears around 𝑧 ∼ 7.5, with a
strength oscillating around ∼ 0.2.
Galaxies with 𝑧 f = 4 continue this trend with the bar amplitude oscillating in the range
of ∼ 0.12 − 0.35 (𝑧 ∼ 6 − 4.4), in Z4HCW. Thus the bar comes close to being destroyed,
but recovers. Its counterpart in Z4HVW displayed even stronger amplitude variations,
undergoes multiple destructions and reformations. Exceptionally strong bar in this model
actually exists at higher redshifts, 𝑧 ∼ 6.5 − 7.
Bars in the Z4L halo behave somewhat differently. The CW model hosts a very weak bar
which is destroyed around 𝑧 ∼ 5.2, and reforms shortly after this. In VW model, a relatively
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Figure 3.3: Evolution of normalized Fourier amplitude, 𝐴2 , of stellar bars by the monopole
term, 𝐴0 , for the sample galaxies describing the evolution of the bar strength. The VW
models are given by the red lines, and CW models by the blue lines. The green dashed lines
represent 𝐴2 /𝐴0 = 0.15, which is the border line between bars and oval distortions.
strong bar forms at redshifts > 7, and slowly decays, being destroyed around 𝑧 ∼ 5.1. These
amplitude oscillations are correlated with the ongoing intermediate mergers, some prograde
and some retrograde.
Galaxies with 𝑧f = 2 display a more stable evolution, with 𝑚 = 2 amplitudes varying
in the range of 0.1 − 0.35, occasionally dropping below 0.15, so being destroyed. We note
that mergers and close encounters perturb the bar positions with respect to the disk center
in all models, resulting in a bar which oscillates around the common center of mass. Oval
distortions are present in all models. We only analyze the time periods when the stellar bars
are present and display their stellar mass evolution in Figure 3.4.
To summarize the bar amplitude evolution in these models, we note that stellar bars
go through multiple formations and destructions events. This behavior is very different
from evolution at low 𝑧, in isolated models and galaxies outside the clusters of galaxies
environment. The VW bars are typically stronger than the CW bars, but opposite case are
not rare as well. Note, as we show in Figure 3.11, the VW bars are more gas-rich and even
gas-dominated. The gas reacts stronger to any non-axisymmetric perturbation, and "drags"
the stellar component along.
3.5.1.2

Bar shapes

The bar shapes depend on the outermost trapped orbits by the bar. Strong bars extend to the
Ultra-Harmonic resonances (UHR), located just inside the CR, and have characteristic boxy
shapes associated with the outer 4:1 orbits, i.e., four radial oscillations during one rotation.
An example of such bars is shown in Figure 3.5. We have displayed two basic face-on bar
shapes observed in our numerical simulations, i.e., boxy- and ovally-shaped when viewed
face-on (Z2HVW and Z4HCW, respectively). We also did find bars with characteristic
boxy/peanut shaped bulges when viewed edge-on, discuss their low-𝑧 counterparts in sec56

Figure 3.4: Evolution of stellar bar masses for modeled galaxies. The VW models are given
by the red lines, and CW models by the blue lines. Only time periods when the bars exist,
> 0.15 in Figure 3.3, are shown here. The gaps correspond to the bar dissolution
i.e., 𝐴2 /𝐴0 ∼
times.
tion 3.3, and defer the explanation to section 2.5. The face-on galaxy Z2LCW with a typical
bar in stellar and gaseous components is shown in Figure 3.6.
We have observed also some cases of the gaseous component in the bar being elongated
nearly perpendicular to the stellar component in the bar, but do not show it here. This
phenomenon is associated with the appearance of the Inner Lindblad resonance (ILR)
within the bar (e.g., Sellwood & Wilkinson, 1993; Shlosman, 1999). Detection of this
response in the gaseous component to the driving by the bar indicates that we have resolved
the dynamics within the bar accurately enough.
3.5.1.3

Evolution of bar pattern speeds

We have normalized the bar pattern speeds, Ωbar , by their final values at 𝑧 f . This was done
for an easier comparison of Ωbar evolution based on our model construction — so at 𝑧f , the
normalized Ωb𝑎𝑟 always tends to unity (Fig. 3.7).
The most striking feature of Ωbar in our models appears to be its variability. At
low redshifts, and especially in isolated models, the bar pattern speed is a monotonically
decreasing function of time. This is understandable, as stellar bars experience friction and
channel their angular momentum to the outer disks, outside the corotation, and mostly to
the parent DM halos. This behavior is not noticeable at high redshifts. In our models,
the bar pattern speed evolution is governed by galaxy interactions with its environment.
Prograde and retrograde mergers and flybys, as well as the cold accretion along the filaments,
completely dominate the angular momentum redistribution and hence the pattern speed
amplitude variation of stellar bars. Such oscillations of Ωbar , with prolonged periods of
increase, have been never observed at low redshifts. In section 3.5.1.6, we correlate this
behavior with the star formation processes in the galaxy and in the bar.
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Figure 3.5: Examples of face-on stellar bars and their gaseous components. Contours
represent the stellar or gaseous surface density, and are logarithmically spaced. Stellar bars
are shown on the left and the gaseous ones are on the right. Left (top to bottom): Z2HVW at
𝑧 = 4.35 with characteristic boxy shapes of outer contours extending to the UHR (see text);
Z4HCW at 𝑧 = 4.36 with characteristic oval shapes of contours. Right: (top to bottom):
Z4HCW at 𝑧 = 6.7; Z4HCW at 𝑧 = 4.46.
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Figure 3.6: Face-on galaxy Z2LCW at 𝑧 = 2 with stars (left frame) and gas (right frame)
colored with projected surface mass density. Note the central prominent bar and the two
spiral arms it drives. The stellar disk is relatively "hot" (large dispersion velocities) and
hence the stellar spirals are barely visible, but appear prominent in the gas.

Figure 3.7: Evolution of stellar bar pattern speeds, Ωbar , normalized by the final redshift
pattern speeds Ωfinal (𝑧f ), at 𝑧f = 6, 4, and 2. The VW models are given by the red lines,
and the CW models by the blue lines. Ωfinal has the values in parentheses (all in units of
km s−1 kpc−1 ).
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Figure 3.8: Three examples aimed at specific galaxy interactions: shown is evolution of the
bar amplitude (top frames) and the bar pattern speed (lower frames). The dashed line at
𝐴2 /𝐴0 = 0.15 separates between the bar and the oval distortion. (a) Model Z6HCW during
asymmetric gas inflow to the galaxy. This interaction triggers the bar and gradually speeds
it up. (b) Model Z2LVW series of 3 prograde and nearly complanar minor mergers. These
interaction increase the bar strength and its pattern speed. (c) Model Z2HCW retrograde
major merger which destroys the bar, which is later triggered anew.

Overall, the bar pattern speeds appear not to depend on redshift, except their superposed
variability. This variability is very individual to the galaxy models which lie in similar halos
and environments, e.g., variability in the pattern speeds of bars in Z6HCW and Z6HVW.
While averaging Ωbar over time in these two galaxies results in very similar averages,
< Ωbar >, the average pattern speeds for the Z6LCW and Z6LVW pair differ by about 50%.
Other pair of CW and VW models exhibit average < Ωbar > which differ not more than
∼ 30%. Extreme variability can be observed in the pattern speed of Z2LVW galaxy.
Bars predominantly brake against the DM in isolated models, but in the models presented
here the gas inflow rates can fuel a different response from the bars. For example, in the
gas-rich models (i.e., VW galaxies), the gas appears to be channeled to the center which
results in balancing the braking or even accelerating the bars altogether, in a complete
agreement with the gas-rich models analyzed by Villa-Vargas et al. (2010).
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Figure 3.9: Evolution of the CR-to-bar radius ratio, 𝑅CR /𝑅bar , of stellar bars. The VW
models are given by the red lines, and CW models by the blue lines. The green dashed lines
represent 𝑅CR /𝑅bar = 1.

Figure 3.10: Evolution of gas fraction in the host galaxies. The VW models are given by
the red lines, and CW models by the blue lines.
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At the same time, for each model, the bar pattern speeds were found to correlate with
galaxy interactions. In this list, one can include the last stages of mergers, close flybys,
and cold filamentary and diffuse accretion. Prograde mergers with a low inclination to
the disk plane always lead to the speed-up of stellar bars in our models, but we do not
find the same correlation with their amplitudes. A similar behavior has been observed for
close low-inclination prograde flybys. Retrograde mergers and flybys slow down the bars,
but their amplitudes show both increase and decrease, frequently below the threshold of
𝐴2 ∼ 0.15.
This behavior differs from that of the isolated models (typically without the gas component). In these models a clear (anti-)correlation is observed, i.e., the bar slowdown is always
associated with increase in 𝐴2 , and vice versa. The reason for this is that the bar slowdown
is the result of the angular momentum transfer mostly to the DM, when both the tumbling
angular momentum and the internal circulation are reduced, leading to a more radial orbits
and increased bar ellipticity. Speed up of the bar comes from increased angular momentum
both in tumbling and in the internal circulation, this leads to a decreased ellipticity of the
bar.
We also observe the bar slowdown when mergers and gas influx have high inclinations
to the disk plane. Finally, the filamentary accretion which comes in the form of both diffuse
and clumpy components, can join the galactic disk in a prograde or retrograde fashion.
Mergers and gas influx change the galaxy mass concentration and therefore its rotation
curve. All this has a direct impact on the kinematics of stellar bars at these redshifts.
We give three detailed examples of the bar amplitude and its pattern speed response to
the asymmetric gas inflow, and prograde and retrograde mergers in Figure 3.8.
Most prominent example of multiple gas-rich minor mergers and gas influx can be
observed in 𝑧f = 6 models. In Z6HCW model (around 𝑧 ∼ 6.4, see Fig. 3.8a), we detect
a substantial asymmetric gas influx into the disk. Prior to this event, we measure only a
weak oval distortion in the stellar disk with 𝐴2 ∼ 0.05. The gas influx triggers the stellar
bar formation. The oval’s pattern speed that was decaying prior to this event experienced
an increase thereafter. A similar event happened in Z6HVW at 𝑧 ∼ 6.9.
Two other models, Z6LCW display a single intermediate gas-rich merger followed by
a number of minor prograde and retrograde mergers, after 𝑧 ∼ 7.5. While in Z6LVW we
observe a large gas influx followed by multiple minor mergers at 𝑧 ∼ 8.4. The bar formation
has been triggered by these events, and always associated with an increase in the pattern
speed, as each event is spread out in time over a few bar rotations.
Models with 𝑧f = 4, exhibit stellar bars for more prolonged time periods than 𝑧f = 6
models. For example, Z4HCW hosts the bar almost all the time, except around 𝑧 ∼ 5.5−5.3,
when retrograde minor merger terminates it (i.e., drives its amplitude below the threshold),
as well as after 𝑧 ∼ 4.7 (influx of retrograde minor mergers and gas). Z4HVW displays the
bar after 𝑧 ∼ 5.9, when a dramatic gas influx is followed by prograde and retrograde minor
mergers, leading to large amplitude oscillations in Ωb𝑎𝑟 and especially in 𝐴2 . The Z4LVW
galaxy displays the bar until 𝑧 ∼ 4.4, when a dramatic event of a nearly vertical merger
puffs up the stellar bar and the disk as well as its gaseous component. Note, as we show
below, the gas component dominates over the stellar bar component all the time at these 𝑧.
The heating of gas in the bar is contributed by the burst of star formation associated with
this event (again shown below). Therefore, heating by the vertical merger and spreading
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Figure 3.11: Evolution of the gas fraction within stellar bars. The VW models are given by
the red lines, and CW models by the blue lines.

out of the gas has led to thickening of the stellar components and reduction of stellar bar
amplitude below the threshold.
Next, models with 𝑧f = 2 have the longest sustainable stellar bars, albeit weak ones. The
most interesting is the evolution of Z2LVW, which experienced a series of nearly coplanar
minor mergers which bust the stellar bar strength between 𝑧 ∼ 5.45 − 4.15, and dramatically
increase its pattern speed by a factor of ∼ 3, as shown in Figure 3.8b. Moreover, at 𝑧 ∼ 3.1,
a high-inclination merger damps the bar completely, while after 𝑧 ∼ 2.9 the bar has been
triggered again. Around 𝑧 ∼ 2.1, two retrograde minor mergers weaken the bar for a short
time period.
Finally, Z2HCW hosts the bar intermittently over of the displayed time period. After
𝑧 ∼ 2.3 it experiences a retrograde merger which comes in at low inclination orbit. The
stellar bars is abruptly destroyed, with 𝐴2 falling below 0.05. It is triggered again around
𝑧 ∼ 2.15. During the retrograde merger, the bar pattern speed slows down, then starts to
grow, as shown in Figure 3.8c. Z2LCW exhibits the bar at 𝑧 ∼ 3.6 − 3.4 and after 𝑧 ∼ 3.1.
This bar has been terminated at the very end by a merger.
To summarize, a high variability in basic properties of stellar bars, especially in their
amplitude and pattern speed, is characteristic of high-redshift evolution and is dominated by
the galactic environment. The effect of these interactions have been modeled and analyzed
in low-redshift and isolated models (e.g., Gerin et al., 1990; Berentzen et al., 2004; RomanoDíaz et al., 2008). What appears to be novel at high redshifts is the high frequency and
even overlapping of these events which completely overwhelms the traditionally monotonic
decrease in the bar pattern speed.
3.5.1.4

Evolution of the CR-to-bar radius ratio, 𝑅CR /𝑅bar

Figure 3.9 displays the evolution of the 𝑅CR /𝑅bar ratio in our models. Models targeting
𝑧f = 6 show this ratio is generally increasing with time from the 1–4 range to about 5–7.
𝑧f = 4 models exhibit a different behavior, either 𝑅CR /𝑅bar decays with time from ∼ 8 to
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Figure 3.12: The PDF of stellar ages in bars. The time shown is the stellar age for each
model. The curves have been normalized by the total number of stars in the parent galaxies
at 𝑧f . The ages were divided into bins of 5 Myr. The VW models are given by the red lines,
and CW models by the blue lines.
∼ 1, or broadly oscillating between 3 and 13 (for CW) and declining to 1.5 at the end of
the simulations (e.g., in the VW models). Lastly, 𝑧f = 2 models show this ratio oscillating
in the range of 1–5 and 1–10 (CW), or oscillating between 1 and 10 (VW). In all cases,
> 1 at all times.
𝑅CR /𝑅bar ∼
As the galaxies are always small at these redshifts, the stellar bars have sub-kpc sizes (in
physical coordinates). The average 𝑅CR /𝑅bar in our models declines with 𝑧 f , from ∼ 5.35
at 𝑧f = 6 to ∼ 2.32 at 𝑧 f = 4 and to ∼ 2.12 at 𝑧f = 2. Typically, this ratio for the CW bars
is larger than for the VW bars. The reason for the large amplitude oscillations of 𝑅CR /𝑅bar
is related to variations in 𝑅CR and 𝑅bar which are not correlated among themselves. We
have traced this variability in 𝑅CR and 𝑅bar , separately. The CR radius depends on the
bar pattern speed and on the rotational velocity of the parent disk. Both can vary strongly
during all types of mergers, flybys and gas redistribution in the disk. The bar size depends
on the efficiency of angular momentum exchange between the disk-bar and the DM halo.
One expects little correlation between these processes. We return to 𝑅CR /𝑅bar variability
in section 2.5.
3.5.1.5

Evolution of the gas fraction in bars and host galaxies

Figures 3.10 and 3.11 display the gas fraction, 𝑓gas , evolution in the host galaxies and their
stellar bars, respectively. The methods to determine the bar sizes and masses and the host
galaxy parameters have been outlined in sections 3.4.1 and 3.4.3. We find up to about
90% gas fraction in VW galaxies and up to 60% in the CW galaxies, initially. These
fractions decline mostly slowly and monotonically in VW galaxies towards 75%–80%, and
sometimes faster in the CW galaxies, down to 20%–25%.
The gas fraction in VW bars appears equally high to their host galaxies during the entire
evolution time, but can vary much more in the CW bars. By the initial redshifts shown
in Figures 3.10 and 3.11, both galaxies and their bars in CW models display gas fractions
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which are lower by a factor of two compared to the VW runs. Subsequent evolution of CW
bars can either show flat but variable 𝑓gas or decline with time. The difference between the
CW and VW galaxies and bars is consistent with the feedback strength in CW and VW
models (section 3.4.2) and the associated star formation rates (SFRs), see section 3.5.1.6.
The decline in gas fraction in CW bars appears to be somewhat more prominent in the
high δ models, especially in Z6HCW and Z2HCW. In the latter case, 𝑓gas declines by a
factor of 4 around 𝑧 ∼ 4.4, and is related to the action of an intermediate merger which
proceeds strictly in the galactic plane. The satellite spirals in slowly and affects both the
gas in the bar (which is pushed out) and the bar size (which decreases substantially as the
satellite moves in).
On Z4LCW bar, the gas fraction declines to very low values. On the other hand, in
Z6LCW bar, the gas fraction oscillates largely around the initial value of ∼ 25%.
Overall, such gas-rich bars as in VW models are unknown in the contemporary universe,
while CW bars are rare. Below, we shall compare the gas evolution in the bars with other
evolutionary parameters.
3.5.1.6

Evolution of stellar population in bars

The stellar age distribution within the bar is shown in Figure 3.12, and is very similar to
the stellar age distribution in the parent galaxies (Fig. 16 in chapter 2). The resulting PDFs
have been normalized by the total number of stars in galaxies at 𝑧f . The evolutionary
curves display a bursting behavior, which dominates in all models. The PDF curves decay
with increasing age. The decay time increases with decreasing 𝑧f , from ∼ 0.4 Gyr in 𝑧f = 6
runs, to ∼ 0.8 Gyr for 𝑧f = 4 models, to ∼ 2.2 Gyr for 𝑧f = 2 models. The lower PDF value
at the age = 0 corresponds to a lower SFR.
Three types of behavior can be observed in the distribution of stellar ages in Figure 3.12.
First, when most of the stars have been formed close to 𝑧f . Second, when a plateau has
been reached within 0.2 − 1 Gyr before the galaxies have reached the corresponding 𝑧f . And
third, when the peak in stars of a specific age has been reached within ∼ 1 Gyr of 𝑧f , and
numbers of younger stars declined thereafter.
The low probabilities shown on the y-axes are due to the high temporal resolution used,
i.e., the binning of 5 Myr. This allows us to estimate a typical burst duration of about
100 Myr, although some bursts are as long as 100-500 Myr. Those have been triggered by
interactions and flybys and their duration is closely related to the timescale and parameters
of encounters.
The distribution of stellar ages in bars should be compared with the evolution of stellar
bar-to-galaxy stellar mass ratios in Figure 3.1. For example, this ratio is ∼ 0.37 for Z6HCW
at 𝑧f = 6 (Fig. 3.1), and it is equal to the integral of the curve in Figure 3.12 from the initial
time of the run till the end of the run.
Note, that there is no one-to-one correspondence between the stellar age distribution in
bars and the SFR rate in bars shown in Figure 3.13. The reason for this is that ages represent
the stars which are still inside the bars at 𝑧f , while the SFR is given for stars that populated
the bar at the time of their formation. Stars could move out or be captured by the bar, and
the bar can change its shape and size, thus leaving some stars outside or bringing them in.
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Figure 3.13: Evolution of star formation rate for stellar bars (thick solid lines) and galaxies
(weak dashed lines). The SFR has been calculated based on time intervals of 1 Myr. The
VW models are given by the red lines, and CW models by the blue lines.

Figure 3.14: Evolution of specific star formation rate, sSFR, within bars. The VW models
are given by the red lines, and CW models by the blue lines.
While majority of the stars in our bars are very young at the end of the run for 𝑧f = 6
models, and even in some 𝑧 f = 4 models, other models, e.g., Z4LVW, have an older
population. Moreover, models with 𝑧f = 2 have populations peaking around 1 Gyr, still
a younger population is present in substantial numbers. So, one can state that stellar
populations in these gas-rich bars age with decreasing 𝑧f .
The SFR within a bar is closely related to the galactic gas reservoir, an additional gas
supply from outside, and to the specific gas kinematics (e.g., shear) within the bar. To
calculate the SFR inside the bar, we count the stars formed per fixed time period within the
bar volume at that time. Of course, stars can move out of this volume with time.
Figure 3.13 displays both the SFR in the bars and their parent galaxies. We observe that
the SFR in galaxies is typically larger than that in the associated bars, especially in CW
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Figure 3.15: Evolution of star formation efficiency (SFE) in the bar region, defined as the
SFR normalized by the gas mass in the bar. The VW models are given by the red lines, and
CW models by the blue lines.

Figure 3.16: Evolution of gas metallicity in the bars. Note that we find no real difference
between the metallicity of gas and stars, both in the bar and in the host galaxy. The shaded
area represent the 20% to 80% percentiles. The VW models are given by the red lines, and
CW models by the blue lines.
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galaxies and closer to 𝑧 f . Bursts of star formation in a bar are typically associated with
bursts of star formation in the galaxy, but not always, e.g., in Z6HCW around 𝑧 ∼ 6.4. The
bursts of SF dominate the process in bars much more than in galaxies, where these burst
are diluted by the quiescent star formation.
The SFR in galaxies shows a clear evolutionary trend with decreasing 𝑧 f . The 𝑧f = 6
models exhibit a substantially higher SFR for the CW models, which results in the lower
gas fractions in these objects, e.g., Figure 3.11. The SFRs in bars are similar in CW and
VW models, except following major mergers. The 𝑧f = 4 models, the galaxy SFR behaves
similarly. The CW bars experience a sharp increase in SFR in tandem with their parent
galaxies after a substantial increase in cold accretion influx at 𝑧 ∼ 4.7 and 5.7, accordingly.
In comparison, in 𝑧f = 2 models, the SFR is nearly identical in CW and VW bars, but is
larger in Z2LCW galaxy.
The specific star formation rate inside the bars, sSFR, i.e., the SFR per unit mass, is
shown in Figure 3.14. We observe a steady decline in sSFR in each model towards 𝑧f , as
well as a much weaker decrease from 𝑧f = 6, to 4 and 2. This weakening is a direct corollary
of the imposed requirement that halos masses are independent of 𝑧f and the galaxy masses
are, therefore, very similar. After a sharp decline at high 𝑧, the sSFR level off. The small
difference between the CW and VW galaxies is related to the stellar feedback. Looking
carefully into the source of variability in sSFR, we find that it is the change in the bar sizes
and their strength with time due to interactions and cold accretion that are responsible for
this trend.
Next, we calculate the efficiency of star formation in the bars with respect to the gas
mass in the bar region, SFE. Figure 3.15 shows the efficiency of SFR in this definition in the
bars. We have compared the SFE in the bars with those in the parent galaxies and found that
the SFE in the bar region is a factor of 2–3 higher during the entire run. We also find that
the SFE for CW models is substantially higher than the for the VW models. This applies
equally to the bar and to the entire galaxy.
Chemical evolution of our models exhibits a very mild monotonic increase in metal
abundance within the bars, both in gas (Fig. 3.16) and in stars. We have compared the
metallicity of the bar region with that of the galaxy and found that the bars are only
marginally more metal-rich. We, therefore, only show evolution of gas metallicity in the
bars. Apparently the differences in metallicities have been erased by efficient mixing
maintained by the mergers, flybys and the cold accretion flows.
3.5.1.7

Bar triggering

As we stated in the Introduction, the bar origin is presently unknown. Among the bar
triggering mechanisms listed there, we have detected all with the exception of the bar
instability in axisymmetric disks. Among the most prominent triggering and destruction
mechanisms in our simulations, we find the asymmetric gas inflow (e.g., Fig. 3.8a), galaxy
interactions (i.e., mergers and flybys, Fig. 3.8bc), and action of the DM substructure.
Prograde interactions (mergers and flybys), especially those close to the disk plane, are
efficient in triggering bars (e.g., , as well as increasing their amplitudes, while retrograde
interactions are known to have an opposite effect, e.g., Figure 3.8c, in accordance with the
previous works (e.g., Gerin et al., 1990; Berentzen et al., 2004; Romano-Díaz et al., 2008).
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In our runs, these effects of prograde and retrograde mergers and flybys have been observed
to strengthen and weaken the bars, sometimes to the point of 𝐴2 dropping below 0.15, thus
forming oval distortions. Filamentary gas accretion onto the outer disk interacts with the
bars — the gas is moving in and being repulsed by the action of the bar torque outside the
CR. This leads to enhancement of the outer stellar ring in galaxies forming by the action
of the Outer Lindblad Resonance (OLR), especially in a more gas-rich VW galaxies (e.g.,
Z6HVW and Z4HVW in Figure 8 of chapter 2).
3.6

Discussion

In this work we focus on evolution of stellar bars in high-𝑧 galaxies by means of highresolution zoom-in cosmological simulations and compare them to low-𝑧 counterparts. We
focus on the main galaxies of similar mass DM halos, terminating their evolution at redshifts
𝑧 f = 6, 4 and 2 and analyze the bar evolution at 𝑧 ∼ 9 − 2. We choose DM halos situated
in high and low density environments and implement two different galactic wind feedback
mechanisms for each model, namely, the Constant Wind (CW) and the Variable Wind
(VW) (section 3.4.2). Further details on properties of simulated galaxies and their DM
halos, including their morphologies, have been analyzed and presented in chapter 2. The
baryonic properties of host DM halos and their interactions with the cold accretion flows
are further analyzed in chapter 4 and in Bi et al. (in preparation). Our results of high-𝑧 bar
evolution have been presented in section 3.5, and its comparison with the isolated models
and those outside the galaxy clusters heavily relies on numerous published works over the
last three decades. As a next step we summarize and analyze them.
• First and most important is that evolution of stellar bars at high redshifts differs
profoundly from from that at low 𝑧. These differences originate from a much higher
gas fraction, larger average mass density in the DM and baryons, from much more
active environment associated with frequent mergers and close flybys, and with higher
rates of the cold accretion. This leads not only to quantitative but also to qualitative
changes in the bar evolution.
• We find that the the bar pattern speeds in all models experience a substantial variability, in a sharp contrast with the low redshift bars which show a monotonic decline in
Ωbar . This behavior has its origin both in the internal and external factors. Internally,
a weaker feedback in CW models results in a more clumpy galactic disks, and larger
SFR. Minor and intermediate mergers as well as close flybys amplify this effect.
Moreover, gas inflows being nonuniform in mass and angular momentum speed up
and down the bars by increasing the central mass concentration and pumping and
removing their angular momentum. This is related to the bars tumbling angular
momentum and to internal circulation within the bars.
The immediate consequence to bar pattern speed variability is the CR-to-bar size
ratio, 𝑅CR /𝑅bar , being not limited to a narrow range of 1.2 ± 0.2. While we have
discussed known cases when this ratio is found outside this range for short time periods, the current modeling shows that one should not expect it to lie within this range
at all at high redshifts. This means that one should not expect the offset dust lanes
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associated with stellar bars at low 𝑧 to be present at high 𝑧 — an important detail for
future observations of high-𝑧 galaxies, when these will be available with a sufficient
resolution. We note that while low-𝑧 galaxies residing in denser environment experience the above interactions, these interactions are well separated in time, allowing
the system to relax and to resume its quiescent evolution.
• Third, the bar strength shows a similar erratic behavior not correlated with the bar
pattern speed, unlike a clear anti-correlation between bar strength and their pattern
speeds shown in isolated models (e.g., Athanassoula, 2003; Villa-Vargas et al., 2009).
We find no correlation between these characteristic bar properties, i.e., 𝐴2 and Ωb𝑎𝑟 .
The origin of this correlation in isolated models lies in the loss of angular momentum
by the bar, both in tumbling of its figure and in internal circulation — the former leads
to the bar slowdown and the latter to bar strengthening, and vice versa. Apparently,
such processes do not act in tandem when multiple factors affect the bar dynamics.
While one can approximate galaxies as following the quiescent evolution for prolonged periods of time at low redshifts, it seems an unreasonable approach at high
redshifts. The intense cold accretion flow encountered in our models, and frequent
mergers and close flybys have no counterparts at low redshifts. As a result, the bar
evolution is far from being monotonic at high 𝑧. This includes basically all the bar
properties, i.e., pattern speeds, strength, size and shape, etc.
• Fourth, bars at low redshifts are long-lived. Basically, to destroy them, one is required
to destroy the parent galactic disks (e.g., Berentzen et al., 2004), or to spin up the
parent DM halos Long et al. (2014); Collier et al. (2018). This robustness of bars is
not maintained at high redshifts in our simulations. We find that not only the high
amplitude perturbations by mergers and flybys, but also variable cold accretion inflow
onto the disk and its subsequent channeling into the bar region can eliminate the bar
by driving its amplitude below the threshold of 𝐴2 /𝐴0 ∼ 0.15 and converting it at
best to a very mild oval or completely washing it out.
Wild swings in the bar amplitude have been observed in our simulations as typical.
In addition to abrupt changes in the bar amplitude on a galaxy rotation timescale,
we do see a gradual decline or increase in the amplitude due to a weaker variability
which originates in internal gas flows within the disk. This evolution displays not
only multiple destruction events of stellar bars but also their reformations.
The galaxies modeled here are sufficiently massive during the time under considera> 1010 M⊙ , and embedded in DM halos which are smaller than
tion in this work, 𝑀∗ ∼
that of the Milky Way only by a factor of 2.5. They are typical for the contemporary
universe, but become progressively rare for higher redshifts considered here. Stellar
bars developing in our models also constitute a healthy fraction of the parent galaxies’
stellar masses (Fig. 3.1). The typical mass fraction of stellar bars in the local universe
> 0.3,
is ∼ 0.15 (e.g., Gadotti, 2009). In all of our models, the bar mass fraction is ∼
especially in the VW models. This is despite that these bars are dominated by the
gas. We can compare this result with bars in isolated models, where bars can reach
∼ 0.8 fraction of the disk mass in ∼ 7 Gyr (e.g., Villa-Vargas et al., 2009). A simple

70

conclusion follows from observations — the bar growth in the universe is either limited in time or the bar-to-disk size ratio is larger than typically obtained in isolated
models — we return to this issue in section 3.6.3.1.
Although the high-𝑧 bars being more massive, their evolution differs profoundly from
that of bars in the contemporary universe, and their resilience at low 𝑧 is undoubtedly
associated with rare merging events and low rate or absent cold accretion flows.
• Fifth, it would be difficult if not impossible to find bars and galaxies in a contemporary
> 50%. Yet, all of our models have been found in
universe with the gas fractions of ∼
this regime at least part of the time under consideration here. Models with a stronger
feedback, i.e., VW, display less efficient SF and, therefore, larger gas fractions, up to
80%. Weaker feedback has led up to ∼ 50% gas in galaxies, and 5%-50% in bars.
Gas is known to substantially affect the bar properties, e.g., shapes and strength (e.g.,
Berentzen et al., 1998; Villa-Vargas et al., 2010). The dissipative character of gas
leads to its being channeled inwards and accumulating in the galactic centers, reducing
the gas fraction in bars, and modifying and removing a substantial fraction of stellar
orbits aligned with and supporting the bar. The resulting increased central mass
concentration has an adverse effect on the bar strength and was extensively studied
for isolated galaxies (e.g., Berentzen et al., 1998, 2007; Villa-Vargas et al., 2010).
However, while a larger gas fraction does not acts adversely on the bar formation —
bars form early in our simulations, it does modify such properties as the bar size and
their growth secularly, as we discuss below.
The dynamical effects of gas on stellar bar properties have been investigated in detail
by Villa-Vargas et al. (2010), which can be used as a benchmark for isolated models.
Beyond some dependency on the numerical resolution, the gas fraction leads to a
diverging evolution in bar properties, i.e, in the gas-poor below ∼ 5%, and the gasrich bars above ∼ 12%. This difference affects all the bar basic parameters such as the
bar strength, central mass concentration, bar vertical buckling amplitude, bar size, etc.
Furthermore, for some periods of time the stellar bar pattern speeds monotonically
decrease in the gas-poor models, while stay flat or even increase slightly in the gasrich models. The effect of gas component on the overall bar shape, including the
boxy/peanut shape bulges resulting form the vertical buckling instability, have been
modeled already in Berentzen et al. (1998).
> 2, galaxies in the mass range modeled here are substantially smaller
• Sixth, at 𝑧 ∼
than at 𝑧 = 0. Because the dissipative dynamics does not scale the same way
as the collisionless dynamics scales, one can anticipate that the basic parameters
which characterize the bar properties at high-𝑧 differ as well from their low redshift
counterparts. Indeed our bars are small in tandem with their parent galaxies. This
decrease in characteristic sizes while keeping the feedback unchanged can explain
the small differences in chemical composition between the bars and galaxies, simply
by assuming a better radial mixing in the gaseous and stellar components. But small
sizes of high-𝑧 bars and their appearance in every model provides an additional
argument that bars are not contemporary morphological features as argued by Sheth
et al. (2008), but exist at all redshifts where galactic morphology can be defined Jogee
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et al. (2004), and only change their basic characteristics, such as sizes, gas fraction,
etc. Most importantly, the bars should be not less abundant during the epoch of
mergers, and when the galactic disks are characterized by larger dispersion velocities.
3.6.1

Origin of bars: spontaneous vs triggering

Our choice of comparing the galaxy evolution within similar mass DM halos at the final
redshifts, 𝑧f = 6, 4, and 2, means that in physical coordinates this is translated to a decreasing
average DM density with decreasing 𝑧 f . This is expected to affect the properties of
embedded galaxies, as well as their dynamics, but to what extent? It should also affect the
intensity of the cold accretion flows and the merger rates and interactions with flybys.
Hence, the environment emerges as the major factor driving evolution of galactic bars
at high redshifts in contrast with the local universe where the bar fraction does not correlate
with the environment (e.g., Aguerri et al., 2009) — this conclusion, however, is based on
a sample biased to noninteracting galaxies. Moreover, Marinova et al. (2009) found that at
𝑧 = 0, the cluster environment does not strongly affect the bar fraction. This conclusion
agrees with Heller et al. (2007) and Romano-Díaz et al. (2008) who argued that one should
not expect the difference between various environments because the stellar bars can be
triggered by the DM substructure.
In contrast, the high-𝑧 evolution of stellar bars presented here was found dominated by
the environment but in a very specific sense — all bars observed in our runs have formed
not as a result of the bar instability, but being triggered by mergers, flybys and other external
factors. It is difficult at all to talk about galaxies having a quiescent evolution which can
lead to the bar instability under these circumstances.
3.6.2

Effects of bars on galactic morphology

About 50% of the edge-on local disks exhibit peanut/boxy shape bulges Lüticke et al. (2000),
which routinely accompany the vertical buckling instability of stellar bars. This instability
supposed to happen when strengthening bars reach some critical amplitude, which typically
happens after about a couple of bar rotations — the bar amplitude grows exponentially
during the bar instability. However, tidally-triggered bars reach the maximal amplitude
faster because they form with a finite amplitude already. Note that the peanut/boxy-shaped
bulges can form without buckling — this has been demonstrated by Friedli & Pfenniger
(1990) — such bulges can form as a result of resonant interactions between the motions in
the disk plane and vertical oscillations, a secular rather than dynamical phenomenon.
We do detect such obvious peanut/boxy bulge shapes in our models. However, they
appear transient, and are quickly washed out by one or more processes. For example,
Berentzen et al. (1998) have investigated the effect of the gas on the modeled bar shapes
and found that the characteristic boxiness of the bulge is washed out by the gas fraction of
> 10%. The gas modifies the gravitational potential which affects the stability of the 3-D
∼
orbits within the bar. Not only the bulge boxiness largely disappears, but the bar amplitude
is weakened as well.
More difficult is to explain the observation that two galaxies in the local universe are
caught in the process of buckling Erwin & Debattista (2016). The explanation requires
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either that the observed bars are young (i.e., are products of a recent bar instability), as
bars buckle immediately after reaching their maximal amplitudes. Or they have been
triggered tidally very recently, i.e., in much less than a 1 Gyr. Additional, and at this point
a hypothetical suggestion, is that the buckling can be postponed substantially after the bars
reach their maximal amplitude — so bars which formed few Gyrs ago can buckle today.
Following El-Zant & Shlosman (2002) analysis of interactions between a triaxial halo
and a stellar bar and associated interactions between double bars (El-Zant & Shlosman,
2003), we looked into variability of bar properties in our models with respect to the angles
they make with the prolate axis of the parent halos. While bar parameters vary with time
including on a short timescales, we do not observe this correlation in any of the models.
We calculated the halo prolateness2 for the initial redshifts (i.e., 𝑧 = 9, 7, and 5) shown
in our Figures. By that time, the halo prolateness appears to be washed out within the
inner ∼ 20 kpc (in physical coordinates), in agreement with baryon action (Berentzen &
Shlosman, 2006). While at higher redshifts halos do expect to be triaxial, the baryon
infall removes their prolateness at smaller radii quite efficiently. We calculated that halo
prolateness increases with radius outside 20 kpc, reaches maximum and decreases further
out. We attribute this decrease to environmental effects, i.e., mergers and flybys, which
randomize the DM orbits outside 50 kpc at redshifts modeled here. This process has washed
out prolateness in the inner halo, and in tandem with small bars at high redshifts explains
why we do not detect the quadrupole interactions between the parent halos and the bars. Of
course, this interaction may still exist but has a small amplitude which we did not detect.
We should also emphasize additional effects of stellar bars on galactic morphology.
One of them is the stellar and gaseous mass redistribution which is associated with angular
momentum flows from the bar region to the outer disk and DM halo. In chapter 2, we have
shown the specific imprints of bar dynamics on galactic morphology (see Figure 6 there).
Because the VW bars appear stronger compared to the CW bars over most of the evolution
time and larger in size, one can observe formation of the dark rings at about the CR radii and
the bright rings just outside them. The origin of these rings follows directly from winding
up the stellar/gaseous spiral arms driven by the bar. As they wind up, they form a ring
around the OLR, which causes enhanced star formation there. We have noticed but did not
analyze this further, that accretion flows from larger radii in galactic disks are terminated
around the OLR — an effect which further enhanced the star formation in the outer rings.
Closer to the CR the star formation is depressed as the gas moved outwards by the action
of the bar. These rings are clearly delineated in all the VW models.
3.6.3

Comparison with other simulations

The comparison with other cosmological simulations involving stellar bars is difficult
< 1.5, or consider
because some of the published models analyze bars at lower redshifts, 𝑧 ∼
rather quiescently evolving galaxies which are not subject to mergers and cold accretion
flows (section 2.2). Their bar pattern speeds and strength evolve exactly as in "classical"
define the halo prolateness by 𝜖Φ = 1 − 𝑏/𝑎, and the halo flatness by 𝑓Φ = 1 − 𝑐/𝑎 based on ellipse
fitting of the isopotential contours, where a, b and c are the halo major, intermediate and minor axes (e.g.,
Berentzen & Shlosman, 2006). The isopotentials have a clear advantage over the isodensity contours, being
much less noisy.
2 We
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stellar bars of isolated galaxies. Most of these works but not all avoid the issues of the bar
triggering. These models can reflect the conditions at lower redshifts — much less frequent
mergers, substantially reduced cold accretion flows, much lower gas fraction in the host
galaxies, and relaxed DM halos.
Focusing on a small number of galaxies but at high resolution provides some advantages.
More detailed cosmological simulations of stellar bar evolution have been focused on such
quiescently evolving galaxies, in order to mimic the Milky Way galaxy. Okamoto et al.
(2015) have studied the evolution of stellar bars in two galaxies selected from the Aquarius
project Springel et al. (2008) during 𝑧 ∼ 1.5 − 0. The mass resolution of these simulations
has approached the lower end of the isolated models at 𝑧 = 0. The spatial resolution was
fixed at ∼ 0.26 kpc for 𝑧 < 3. The resulting basic parameters of the bars have been shown
at 𝑧 = 1, 0.5 and 0 only, exhibiting wild oscillations explained as interactions with the
stellar clumps. Additional periodic oscillations were explained as interactions with the
parent triaxial halos, but the amplitude of these oscillations was high, unlike published so
far (Berentzen & Shlosman, 2006; Berentzen et al., 2006; Athanassoula et al. , 2013). A
number of Milky Way-type galaxies have been simulated by the Auriga project Grand et
al. (2017), with a resolution of 369 pc at 𝑧 = 1. But these bars have been analyzed only at
𝑧 = 0 Blazquez-Calero et al. (2020).
The main difficulty in comparison of Okamoto et al. (2015) work with our simulations
is a two-fold: although they discuss the cosmological evolution, all the effects determining
the bar evolution appeared to be intrinsic to the disk-halo system, so reflecting an isolated
galaxy evolution. For example, the bar pattern speed has been monotonically reduced since
𝑧 ∼ 1.5. This is explained as the angular momentum loss to the DM halos. Oscillations in
the pattern speed have been attributed to interactions with a triaxial halo. This indeed can
happen (e.g., Berentzen & Shlosman, 2006). But the effects of mergers and flybys, as well
as the cold accretion flows were not detectable, and not discussed or analyzed.
Scannapieco & Athanassoula (2012) have studied the evolution of two Milky Waymass galaxies which are mildly isolated. Only the final products have been discussed, at
𝑧 = 0. So no details of the bars origin, and evolution of their dynamical properties could be
found. Furthermore, Zana et al. (2019) have performed simulations of two Milky Way-mass
galaxies in the cosmological context during 𝑧 ∼ 3 − 0, but only 𝑧 < 1 has been discussed,
with the goal of analyzing the effect of stellar feedback on this evolution. The galaxies have
been taken from the Eris suite of simulations Guedes et al. (2011), and followed a quiet
< 9, the gravitational softening has
merger history (no major mergers after 𝑧 = 3). For 𝑧 ∼
been fixed at 0.12 kpc. The two galaxies have differed also by an additional subgrid physics.
In Zana et al. (2019), the two galaxies analyzed have developed stellar bars at 𝑧 = 1.14
and 𝑧 = 0.74. But these lower redshifts formation of the bars appear to follow from
numerical resolution. For extended time intervals, bars strength appeared very low, below
the value it is considered being a bar. The bar strength has increased at 𝑧 < 1, still remaining
low. The length of the bar appeared around 1 kpc in one model, being resolved by about 8-9
softening lengths. So, the limit adopted for the bar size of > 1 kpc is related to the spatial
resolution in the simulation. The bar pattern speed has shown a monotonic decline with
time, apparently due to the absence of the major mergers by construction. The resulting
evolution of these bars can be thought as a natural extention of evolution at higher redshifts.
The zoom-in simulations, such as used in the present work, have the advantage of
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achieving a high mass and spatial resolution, which are necessary in order to reproduce
correctly the stellar and gas dynamics of their hosts. However, they cannot deal with a large
number of galaxies. An alternative way to analyze the properties of large galaxy population
is to use computational boxes of comoving 50 − 100 Mpc and even larger. The tradeoff
is of course the resolution. Very promising examples are the Illustris Vogelsberger et al.
(2014) and IllustrisTNG Nelson et al. (2018) simulations which evolve ∼ 103 − 104 objects.
Some of the recent works analyze these simulations to study the barred galaxies at higher
redshifts. Most of the conclusions aim at such issues as the fraction of barred galaxies and
similar statistical properties evolving with time, which are outside the scope of this work.
However, two issues, i.e., the bar triggering and their survival over long time periods are
closely related to bar evolution discussed here.
The EAGLE simulations have a similar mass and spatial resolutions to Illustris, and
detect bar formation only after 𝑧 ∼ 1.3 Algorry et al. (2017) (but do not mention what
triggers it), which can be related to the limited resolution, e.g., 0.7 kpc at 𝑧 = 2.8. Their
strong bars develop in about 10 disk rotations, which take few Gyr. Such a prolonged
quiescent time evolution would be incompatible high-𝑧 universe analyzed in the present
work. This is consistent with our conclusion that at 𝑧 > 2 it is difficult to expect such
prolonged periods of time which allow for the bar instability to develop. Interestingly, they
obtain the corotation-to-bar size ratio of ∼ 10 at 𝑧 = 0, even exceeding our ratio for the
high-𝑧 bars.
Numerical bars in isolated systems are known to be resilient and long-lived, except
under specific conditions. It is known that galaxy interactions can weaken a bar (e.g.,
Gerin et al., 1990; Berentzen et al., 2004), a large gas fraction in the disk and a parent halo
triaxiality has a negative effect on its strength for a number of reasons (e.g., Berentzen et
al., 1998, 2007; Villa-Vargas et al., 2010; Athanassoula et al. , 2013; El-Zant & Shlosman,
2002), and, finally, bars weaken dramatically inside fast spinning DM halos (e.g., Long
et al., 2014; Collier et al., 2018). However, these changes happen rather abruptly on the
timescale not exceeding few rotations, and not secularly.
It is interesting, therefore, that stellar bars in Illustris-1 simulations have been found
to weaken secularly, without any sign of interactions, and moreover, the fraction of barred
galaxies decreases with redshift to a very low 21% at 𝑧 = 0 as well Peschken & Lokas
> 105 stars and hence the stellar galaxy mass of
(2019). This analysis relates to objects with ∼
> 1011 𝑀⊙ . Therefore, the mass resolution is not an issue. However, the spatial resolution
∼
is 0.7 kpc, which for smaller bars is clearly insufficient — the average bar size in simulation
is 4.7 kpc at 𝑧 = 0 and apparently even smaller at higher 𝑧. In any case, referring to our
simulated galaxies, the bar dissolution to an oval distortion could be always traced to one
of the known cases listed above.
Bar triggering in Illustris-1 has been attributed to mergers and interactions and only
∼ 7% to the bar instability Peschken & Lokas (2019). This conclusion agrees with our
> 2. We found
analysis, as we could not refer to a single case of a bar instability at 𝑧 ∼
multiple cases when the bar has been dissolved and reformed, accounting for prograde and
retrograde mergers and flybys.
The more advanced TNG100-1 simulations have been capable of increasing the bar
fraction to 55% at 𝑧 = 0 Zhao et al. (2020). It was found that the bar formation is supressed
for 𝑀∗ < 1010.6 M⊙ , arguing that this is the result of insufficient resolution for bars of a
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<1
radius of < 1.4 kpc. This indeed appears to be the case, as the spatial resolution at 𝑧 ∼
is 0.7 kpc, leading to only two softening lengths per bar radius. However, even larger bars
should be affected. Comparing with the stellar bars in our zoom-in simulations, which all
> 2, a much higher spatial resolution is required, which is still
are of a sub-kpc size at 𝑧 ∼
unattainable in the full box simulations.
Finally, Rosas-Guevara et al. (2020) have used the TNG50 simulations to analyze the bar
< 4, limiting it to 𝑀∗ ∼
> 1010 M⊙ and dominant disks, i.e., D/T∼
> 0.5, which
population for 𝑧 ∼
substantially decreases the number of such galaxies. Kinematic decomposition has been
used to separate the disks, using Abadi et al. (2003a) and Marinacci et al. (2014) method.
We compare this method with ours in Paper I. We note that our VW galaxies appear just
below this limit even at 𝑧f = 6, 4 and 2.
> 2 from their low redshift
Interestingly, these authors separate the barred galaxies at 𝑧 ∼
counterparts, due to the small numbers at high 𝑧. For example, at 𝑧 = 4, there are only 2
barred galaxies, and at 𝑧 = 3, there are 10. Hence, only bar fraction evolution with redshift
= 4, 2, 1, 05.and 0 are shown. And the intrinsic properties of bars are shown only at these
𝑧, which are very similar to those shown here.
3.6.3.1

CR-to-bar size ratio

We find that the 𝑅CR /𝑅bar ratio is highly variable and often exceeds substantially the
canonical range of 1.2 ± 0.2 (section 3.3). The meaning of high 𝑅CR /𝑅bar ratio is that bars
appear much shorter than their CR radius (i.e., they are slow bars) and that the conditions for
the appearance of the offset dust lanes within these bars at low redshifts are not maintained
at high 𝑧. Note that all our galaxy models are very gas-rich, and under these conditions the
bar size is shortened as the bars have difficulty to grow in size as they slowdown braking
against the DM Villa-Vargas et al. (2010).
Slow bars have been recently obtained based on the analysis of the IllustrisTNG Nelson
et al. (2018) and EAGLE Schaye et al. (2015) simulations (Roshan et al., 2021) for 𝑧 = 0.
They preferred an explanation that slow bars in these simulations are the result of excessive
braking of the bars against the DM, thus questioning the existence of DM on galactic scales.
Such interpretation does not appear warranted based on our results, but may require a more
detailed analysis which is outside the scope of this paper.
3.7

Conclusions

In summary, we have analyzed the evolution of stellar bars in host galaxies, which lie in
similar mass DM halos of log 𝑀vir ∼ 11.6 M⊙ at 𝑧 f = 6, 4 and 2. We apply two different
galactic wind models to assess the effect of weak and strong feedback on the bar and galaxy
properties, as well as low and high overdensities of their host halo environments. We find
that all modeled galaxies develop stellar bars which are gas-rich. We find that the bar
> 2 differs dramatically from quiescent evolution of low redshift bars, and
evolution at 𝑧 ∼
even more from bar evolution in isolated halos. Most interesting is the almost complete
absence of a monotonic evolution of various parameters characterizing the bars, such as
their amplitude and pattern speed, as well as expected high gas fractions within the parent
galaxies and their bar regions. This is a direct consequence of ongoing intense buildup
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of the host galaxies, which includes mergers and close flybys, cold accretion flows and
interactions with the DM substructure.
Bar triggering, weakening and dissolution is a corollary of these processes to the extent
that galactic disks lack the ability to axisymmetrisize in the non-axisymmetric background
potential. Tidal bar triggering, and not the global bar instability, is a direct consequence
of the conditions prevailing during this epoch. Repeated triggering of stellar bars and their
frequent dissolution is a signature of this evolution which is expected to subside at lower
redshifts.

Copyright© Da Bi, 2022.
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Chapter 4 Dissecting Cosmological Filaments at High Redshifts

4.1

Summary

We use high-resolution zoom-in simulations to study the cosmological filaments fueling
> 2. Halos with similar DM
the central galaxies in dark matter halos at high redshifts, 𝑧 ∼
masses of log (𝑀v𝑖𝑟 /M⊙ ) ∼ 11.65 ± 0.05, have been chosen at 𝑧 = 6, 4, and 2, in high
and low overdensity environment. Following the previous analysis of emerging galactic
morphologies, including stellar bars, we focus here on the filamentary gas accretion within
few virial radii of DM halos, 𝑅vir , down to about 0.1𝑅vir — the central galaxy size. We
have been able (1) to map these filaments down to ∼ 50 ℎ−1 kpc, well inside the halo
virial radius. Moreover, invoking particle kinematics allowed us to trace the inflow and its
kinematics down to ∼ 10 ℎ−1 kpc — to circumgalactic regions. We find that (2) accretion
rates via individual filaments differ with redshift. Filaments at higher redshifts display
higher mass accretion rate; (3) The typical density of filaments declines with redshift; (4)
The temperature inside the filaments increases inside the virial radius, and faster at lower
redshifts. This increase correlates with the increase in the cosmic UV background; (5)
The filaments are well mixed with no obvious metallicity gradient along the radius. The
inflow velocities along the filaments decrease with redshift from 250 − 150 km s−1 down to
150 − 75 km s−1 ; (6) The filaments show a complex structure: a core radial flow surrounded
by a lower density envelope. The core exhibits an elevated density and temperature, and
the same metallicity as the envelope. It also tends to separate the filament into different
infall velocity regions; (7) Finally, the inner ∼ 30 ℎ−1 kpc of the filaments show developing
Kelvin-Helmholtz instability which ablates the filament and dissolves it, as well as excites
turbulence in the circumgalactic region. We have quantified this turbulence and mapped it
in two projections.
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4.2

Introduction

Most of the galaxies reside inside dark matter (DM) halos which extend to about ten times
the galaxy size. Outside the halos, the DM forms the cosmological filaments and voids —
the so-called large-scale structure of the universe, which has been extensively studied over
the last 2–3 decades. Deep inside the halos, the galactic morphology in the contemporary
universe has been analyzed for the last century with a great success. However, the gray
zone of contemporary cosmology lies between these extremes — how does the large-scale
structure connects to the galactic structure? To what extent and how the external material
penetrates the halos surrounding galaxies, participates in their growth and affects their
structure. And how this interaction evolves with the cosmological time?
Two primary modes of galaxy growth exist: mergers with other galaxies and accretion
of gas. The high-redshift galaxies exhibit very high star formation rates, which cannot
be supported by galaxy merger events only (e.g., Genzel et al., 2006; Chapman, S. C. et
al., 2004). The gas accretion plays an important and dominant role in the growth of these
galaxies, and affects their morphology (e.g., Romano-Díaz et al., 2014; Bi et al., 2021a,b).
In the past decade, a number of numerical modeling results revealed that the gas accretion
can dominate over the galaxy mergers, which disagrees with the suggested hierarchical
scenario of galaxy growth (e.g., Keres et al., 2005; Dekel et al., 2009; Devriendt et al.,
2010; Romano-Díaz et al., 2014).
It is widely accepted that the two complementary mechanisms for gas accretion can
operate: accretion of the hot and cold gas. In the hot accretion, the incoming gas, which is
supersonic and not virialized, will trigger a shock positioned around the halo virial radius,
∼ 𝑅vir . The postshock gas, which is heated up to the virial temperature, 𝑇 ∼ 𝑇vir , forms a
quasistatic DM halo envelope, starts to cool and is accreted quasi-isotropically thereafter
(e.g., Birnboim & Dekel, 2003). on the other hand, the cold gas penetrates the halo and
streams towards the central galaxy along the cosmic web filaments, without being shocked
and heated up, allowing for an efficient delivery of a potentially starforming fuel to the
central galaxy. The cold accretion rate decays steeply down to lower redshifts (e.g., Keres
et al., 2005; Dekel & Birnboim, 2006). Therefore, it is especially important to investigate
the cold accretion in the early universe. Note however, that even the shocked gas of the hot
phase can potentially cool down over less than the Hubble time and contribute to the galaxy
growth as well.
In this work, we focus on the baryonic accretion onto the central galaxy within its
> 2, about 3.45 Gyr after the Big Bang.
parent DM halo at the Cosmic Dawn, at redshifts 𝑧 ∼
Using our ultrahigh-resolution zoom-in simulations (Bi et al., 2021a), we follow the galaxy
evolution within similar mass DM halos, log 𝑀vir ∼ 11.65 ± 0.05 M⊙ , selected at three
different redshifts, 𝑧f = 6, 4, and 2. This mass range ensures that the selected halos can
on one hand create favorable conditions for both the hot and cold accretion accretion flows
(e.g., Birnboim & Dekel, 2003), and on the other hand are expected to form sufficiently
massive galaxies to be resolved numerically in our simulations. In addition, these halos are
expected to contain 𝐿∗ galaxies at 𝑧 = 0. So their comparison with the present day galaxies
> 6,
is the most optimal one. Our final redshifts, 𝑧 f , encompass the reionization epoch, 𝑧 ∼
and the subsequent time period of ∼ 2.5 Gyr, when the star formation in the universe peaks.
Overall, evolution for 𝑧 ∼ 9 − 2 is analyzed.
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Our main goal is to study accretion of the cosmological gas from the large scale, i.e.,
few virial radii of DM halos, down to the central galaxies, where the gas settles or remains
in the circumgalactic space. In particular, we are interested to analyze to what extent this
gas can define or re-define the galactic morphology. Therefore, we pay our attention to the
region extending from the few 𝑅vir and inwards to the starforming galactic region. Within
this spatial range, the gas experiences transformation from the intergalactic medium (IGM),
to the starforming disks of galaxies. This gas is expected to supply the new material for star
formation from the IGM, the satellite galaxies, the hot and cold accretion phases, and from
the recycled material injected by the disk stars and active galactic nuclei (AGN) — so, as a
result of the galactic feedback processes.
Previous work has shown that the gas passing through the circumgalactic region will
settle in a disk with a sufficiently low Toomre’s Q-parameter1 (Toomre, 1964), which will
be able to maintain the disk spiral structure. The gas metallicities in the central galaxies
indicate that the vast majority of the incoming fuel should be pristine or a low metallicity,
and, hence will dilute the more metal-rich gas residing in galaxies. The feedback material
pushed out of galaxies, i.e., recycled gas, cannot form the dominant fuel at all redshifts
(e.g., Chiappini et al. 2001; Larson 1972; Fenner & Gibson 2003; Sommer-Larsen et al.
2003). An ongoing accretion is required for galaxies in a range of redshifts to support the
observed star formation rates (SFRs) (e.g., Erb 2008; Putman et al. 2009c; Hopkins et al.
2008).
Using a simple stability criterion from the theory of dynamical systems (detailed in
section 4.3), we identify the morphological components of the cosmic web. With the help
of a decomposition method. We determine the thermodynamical and dynamical properties
of the accretion flows, such as gas accretion rate, metallicity, temperature, and other relevant
properties related to hot and cold accretion. give us a sight that show how the cold filaments
stream penetrate into central galaxy.
In summary, we are interested to investigate the behavior of the baryonic inflow between
the galactic disk scales and the DM halo scale. We have compared both the hot and cold
accretion onto the high-𝑧 galaxies which are hosted by the similar mass halos subject to
various stellar and galactic feedback at different redshifts.
This chapter has been organized as follows. Section 4.3 describes the numerical issues
and the methods used. Section 4.4 presents our results. This is followed by the discussion
section and the summary.
4.3

Numerical Modeling

4.3.1

Numerics and the Initial Conditions

We used the hybrid 𝑁-body/hydro code gizmo (Hopkins, 2017) with the Lagrangian meshless finite mass (MFM) hydro solver in order to follow the formation and the evolution
of the large-scale structure in the ΛCDM universe. We employed the Planck 16 ΛCDM
concordant cosmology parameters: Ωm = 0.308, ΩΛ = 0.692, Ωb = 0.048, 𝜎8 = 0.82, and
𝑛s = 0.97 (Plank Collaboration et al., 2016). The Hubble constant is taken as ℎ = 0.678
Q-parameter is defined as 𝑄 = 𝜅𝑐 s /𝜋𝐺Σ, where 𝜅 is the epicyclic frequency, 𝑐 s is the gas sound
speed, Σ is the gas surface density in the disk, and 𝐺 is the gravitational constant (Toomre, 1964).
1 The
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in units of 100 km s−1 Mpc−1 . The initial conditions have been generated at the starting
redshift of 𝑧 = 99. Both, the parent box and the individual zoom-in simulations have been
created using the code music (Hahn & Abel, 2011). The simulations have been run to the
target redshifts 𝑧f = 6, 4, and 2. All the details of the models are displayed in the Tables 2.1
and 3.1 (chapter 2).
To obtain a better angular momentum conservation and to resolve the Kelvin-Helmholtz
instability which is expeted to develop when the accretion flow penetrates the DM halo, we
used the MFM hydro solver, instead of the old-fashioned “traditional” SPH solver with an
adaptive gravitational softening for the gas. We invoked the hybrid multiphase model for
the ISM and the star formation (Springel & Hernquist, 2003), where starforming particles
contain the cold phase that forms stars, and the hot phase that results from the SN II heating.
Metal enrichment is included: the metallicity increase in the starforming gas scales with the
fraction of gas in the cold phase, the fraction of stars that turn into SN, and the metal yield
per SN. We followed up to 11 metal species of both gas and stars, including H, He, C, N, O,
Ne, Mg, Si, S, Ca, and Fe. Metal diffusion is not implemented explicitly, but metals can be
transported by winds (see section 4.3.3). The density threshold for star formation (SF) was
−3
set to 𝑛SF
crit = 4 cm . Simulations include the redshift-dependent cosmic UV background
(Faucher-Giguere et al., 2009).
4.3.2

Identification and Properties of DM halos and Galaxies

We used the code music (Hahn & Abel, 2011) to create a parent box of 74 Mpc in comoving
coordinates with 10243 DM-only particles. The group finder rockstar (Behroozi et al.,
2013), with Friends-of-Friends (FoF) linking length of 𝑏 = 0.28, is used to identify all the
DM halos and calculate their properties at the final redshifts of 𝑧f = 6, 4, and 2. The halo
virial radius and the virial mass, 𝑅vir and 𝑀vir , are defined by 𝑅200 and 𝑀200 (e.g., Navarro
et al., 1996). 𝑅200 is the radius inside which the mean interior density is 200 times the
critical density of the universe at that time. The overdensity environments, δ, of all halos
in the full box are also calculated by averaging DM densities within the 1.5 Mpc box grids
centered on each DM halos. The ratios between these densities and the average density of
the universe provide δ. The DM halos have been chosen for the low and high overdensities,
δ ∼ 1 and δ ∼ 3, respectively (see chapter 2).
With the required properties of the DM halos, we have selected a set of halos and
carved out a sphere encompassing all the particles within the volume of ∼ 3𝑅vir to avoid the
contamination of the high resolution region by the massive low-resolution particles. These
high-resolution particles have been traced to their initial conditions, in order to create a
mask for music, where the resolution has been increased by 5 levels, i.e., from 27 to 212 .
Hence, we have 5 levels of refinement and analyze only the highest level — our mass and
spatial resolution given below refer exclusively to this level.
We invoked the group-finding algorithm hop (Eisenstein & Hut, 1998) to identify
galaxies using the outer boundary threshold of baryonic density of 10−2 𝑛SF
crit , which ensured
that both the host starforming gas and the lower density non-starforming gas are roughly
bound to the galaxy (Romano-Díaz et al., 2014). This assures that our identified galaxies
are not imposed with a particular geometry. Note that with this definition, all the galaxies
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appear to be generally smaller than galaxies defined with 0.1𝑅vir , which is typically used in
the literature (e.g., Marinacci et al., 2014).
4.3.3

Galactic Wind Models

For comparison, two different galactic wind models have been introduced in our simulations
— the Constant Wind (Springel & Hernquist, 2003) and the Variable Wind (Oppenheimer
& Dave, 2006) (hereafter abbreviated as CW and VW, respectively). Both wind models
implement the concept of"the decoupled particle wind" model, when the wind particle
will decouple from the gas particles, no longer will interact hydrodynamically, and move
ballistically. The time period of decoupling stage depends on the shortest time period:
either 106 yrs or when the particles moves to the region where the background gas density
is lower by a factor of 10.
Both CW and VW orientations have been assumed isotropic. For the CW model, the
wind velocity is 𝑣 w = 484 km s−1 , and the mass loading factor, 𝛽w ≡ 𝑀¤ w / 𝑀¤ SF = 2. Here
𝑀¤ w is the mass loss by the wind, and 𝑀¤ SF is the (mass) SFR. For the VW model, the
wind velocity scales with the physical escape velocity of the host halo. Mass loading factor
has been calculated assuming the total wind energy is given by the energy-driven and the
momentum-driven winds. In general, by calculating the total kinetic energy of all the wind
particles, the VW consitutes a stronger feedback, about 8 times stronger than the CW.
4.3.4

Cosmic Web Decomposition

The cosmic web can be distinguished by its various components, including voids, sheets/walls,
filaments, and clusters/knots (e.g., De Lapparent, V., et al., 1986; Colless et al., 2003;
Tegmark, M., et al., 2004; Mehmet, A., et al., 2014). A number of different methods have
been attempted in the literature, in both numerical simulations and observational data, to
separate the web into components (Aragón-Calvo, M. A., et al., 2007a; Hahn et al., 2007a;
Forero-Romero, J. E., et al., 2009; Bond, N. A., et al., 2010a; Sousbie , 2011; Hoffman, Y.,
et al., 2012; Cautun, M., et al., 2013). We have employed a hybrid scheme based on the
density field, i.e., a modified d-web) (Hahn et al., 2007b) and the entropy streams (Dekel
et al., 2009) . According to the theory of dynamical systems, a particle moving in the
peculiar gravitational potential, 𝜙, can be described by the following equation of motion in
the comoving coordinates:
𝑥¥ = − ▽ 𝜙

(4.1)

where the dot represents a derivative with respect to time. After linearizing the equation of
motion, the system can be re-written as
𝑥¥i = −𝑇ij ( 𝑥¯k )(𝑥 j − 𝑥¯k,j )

(4.2)

where the tidal tensor is given by 𝑇ij . By calculating the the Hessian2 matrix, we can define
different matrix elements by an analogy with the Zel’dovich theory (Zel’dovich 1970),
which depends on the basis of the eigenvalues λ1 , λ2 , λ3 of the tidal tensor,
2 The Hessian matrix or Hessian is a square matrix of second-order partial derivatives of a scalar-valued
function, or scalar field.

82

• voids: λ1 < λ2 < λ3 < 0
• sheets/walls: λ1 < λ2 < 0 < λ3
• filaments: λ1 < 0 < λ2 < λ3
• clusters/knots: 0 < λ1 < λ2 < λ3
However, this classification method depends on the length scale of the potential field’s
grid resolution, and only has been applied so far to the large-scale structure, ∼ Mpc (Hahn
et al., 2007b). In our case, the galactic halo scale ranges typically from 10 kpc to 200 kpc.
Limiting ourselves to the d-web, we can hardly separate the filaments and sheets. However,
the penetrating cold filamentary streams on this scale show a lower entropy than the Virial
2
Entropy of the DM halo, 𝐾vir , where the entropy is defined as 𝐾 = 𝑇/𝜌 3 , and the virial
entropy 𝐾vir is defined by the virial temperature and the average density at the virial radius
(Dekel et al., 2009). Therefore, we define the filaments in our simulations using the
following two criteria: (1) in the d-web identified as filaments with 30 ℎ−1 kpc Gaussian
potential smoothing length; and (2) when the entropy is lower than 𝐾vir .
4.4
4.4.1

Results
Identifying the cosmological filaments

By using the modified d-web method (section 4.3.4), we have separated successfully the
accretion flow within the 600 ℎ−1 kpc box into individual filaments, voids, and sheets, which
are shown in Figure 4.1. The inner parts of the most underdense regions have been identified
as voids, and the volume-filling regions around them as sheets. The clusters are always
located in the centers of the most massive clumpy regions, and filaments connect them.
With the successful filament separation, we study their properties along the radial
direction, i.e., along the filament spine. We calculate the radial profiles of baryon density,
temperature, metallicity, and radial inflow velocities. As a next step, we dissect the radial
structure of these filaments at different radii.
Figure 4.1 reveals the mapped individual cosmological filaments, after applying smoothing of the underlying gravitational potential and applying the entropy cutoff explained in the
previous section. We could follow these filaments from ∼ 3𝑅vir ∼ 200 ℎ−1 kpc down to the
inner ∼ 50 ℎ−1 kpc from the halo centers, where the central galaxies reside. This procedure
also revealed the difficulty in following the accreting gas streams even deeper into the DM
halos and connecting them to galaxies within the central ∼ 10 ℎ−1 kpc.
To extend the identification of the filaments to the 10 − 50 ℎ−1 kpc gap, we have traced
the gas particles within the gap by identifying them already when crossing the halo virial
radius at higher redshifts. This method has been succesful in both tracing the filaments
inwards and resolving their kinematics there. We discuss the details of gas motions in the
circumgalactic regions and their penetration of the central galaxies in section 4.4.4.
We observe that the DM halos in our simulations are typically associated with two
or three main filaments, as shown in Figure 4.1. All the snapshots are shown at the final
redshifts of 𝑧f = 6, 4 and 2. At these times, we do not observe any differences based on the
overdensity.
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Figure 4.1: The determined classification of all DM halo environments using the modified
d-web method in the 600 ℎ−1 kpc boxes. The smoothing has been applied on scale of
𝑅s = 30 ℎ−1 kpc with the following color coding: clusters (blue), filaments (red), sheets
(green) and voids (black). From the left to right columns, halos at 𝑧 f = 6, 4, and 2 are
shown separately. The upper panels display halos in high overdensity environments and the
lower panels show halos in low overdensity environments, as detailed in Table 2.1.
4.4.2

Radial properties of filaments

After identifying the individual filaments and separating them from the other structures, we
have analyzed their radial properties, such as the baryon density, temperature, metallicity,
and radial infall velocity at 𝑧f .
Figure 4.2 shows that the individual filaments differ with redshift. At lower redshifts,
the gas density declines, especially between 𝑧f = 4 and 2, as this represents a longer time
interval. At 𝑧f = 6, their density ranges in the interval of 𝜌 ∼ 10−24 − 10−25 g cm−3 . at
𝑧 f = 4, this density is about a factor of 3–4 lower. At 𝑧f = 2, the density ranges between
∼ 3 × 10−26 − 10−27 g cm−3 .
These results are indicative of the overall decrease in the gas mass flux in the filaments
with the decreasing redshift.
Figure 4.3 displays the radial profile of temperature in the filamentary accreting gas. We
distinguish a different behavior inside the virial radius, 𝑅vir , and outside ∼ 2𝑅vir , with the
transition region between them. While at 𝑧f = 6 filaments, the change temperature slope
is typically mild, for lower redshifts it is very clear. Outside the virial radius the slope is
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Figure 4.2: The volume density radial profiles of gas representing the filament spine at
𝑧 f = 6, 4, and 2 (from left to right columns, respectfully). The DM halos can be identified
from Figure 4.1. The filaments have been divided into shells of 1 ℎ−1 kpc thickness. The
upper panels display halos in high overdensity environment and the lower panels show halos
in low overdensity environment (see Table 2.1 for future details). The dashed vertical lines
represent the virial radii.

Figure 4.3: As in Figure 4.2, but for the temperature radial profiles of the baryon gas.
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Figure 4.4: As in Figure 4.2, but for the metallicity radial profiles of the baryon gas.

Figure 4.5: As in Figure 4.2, but for the inflow radial velocity profiles of the baryon gas.
Note that the velocity axis is in physical units while the radius is in comoving units.
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Figure 4.6: The gas mass accretion rate radial profiles, 𝑀¤ (𝑟), of main filaments outside the
virial radius in the low density environment halos at 𝑧 f = 6, 4 and 2. Shown is the gas inflow
rate through the shells of 1 ℎ−1 kpc thickness for each filament as a function of radius, from
𝑅vir to 500 ℎ−1 kpc.

shalllow, while inside 𝑅vir it is much steeper.
The maximal temperature reached at resolved ∼ 50 ℎ−1 kpc is typically higher for lower
redshifts. Moreover, the flat part of the curves increases to ∼ 105 K at lower redshifts. This
appears to correlate with the increase in the UV background shown in Faucher-Giguere et
al. (2009).
Figure 4.4 exhibit a very diverse radial profile behavior of the gas metallicity. While all
filaments fit in the range of (𝑍/𝑍 ⊙ ) ∼ 10−3 −10−1 , the radial gradients show opposing trends
sometimes. The metallicity can increase or decrease with radius. This can be understood
by the metal production in the substructure embedded in the filaments at different radii.
Note that this substructure has been removed from plots in these Figures, but the metal
contamination still persists due to the outflows and the SN feedback.
Figure 4.5 provides the radial profiles of the inflow velocities along the filaments. The
obvious trend which shows up is that the velocity profiles are flat, but the inflow velocity is
decreasing with redshift. At 𝑧f = 6, the inflow velocity ranges within 𝑣 r ∼ 250 − 150 km s−1 .
At 𝑧f = 4 this range becomes smaller, 𝑣 r ∼ 150 − 100 km s−1 , while at 𝑧f = 2 it decreases to
𝑣 r ∼ 150 − 70 km s−1 with a larger variability in radius. Note that the x-axis in this Figure
is given in comoving frame.
The mass accretion rate onto the halo provides an important reservoir of gas that can
join the galaxy and contributes to the SFR there, Figure 4.6 shows the radial profile of the
¤ in the low density environment halos at 𝑧 = 6, 4, and 2, separated into
accretion rate, 𝑀,
individual filaments. We observe a substantial variation in 𝑀¤ with radius, within a factor
of 2. The range of accretion rates in the filaments decreases with redshift. For 𝑧f = 6 it lies
within 𝑀¤ ∼ 8 − 10 M⊙ y𝑟 −1 . For 𝑧 f = 4, it lies within ∼ 3 − 5 M⊙ y𝑟 −1 , and for 𝑧f = 2, it
ranges within ∼ 0.25 − 1 M⊙ y𝑟 −1 .
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4.4.3

Dissecting the filaments

While analyzing the radial profiles of various thermodynamic properties of filaments is
necessary for obtaining the global picture, following the time-dependent processes is required as well (e.g., Arzoumanian et al., 2011; Seifried & Walch , 2015). As a next step,
we investigate the radial motion within the filaments outside the ∼ 50 ℎ−1 kpc from the halo
center, and determine the filament’s structure at different radii by dissecting it into slices of
30 ℎ−1 kpc thickness. This is complemented by the next section (section 4.4.4), where we
focus on the inner ∼ 50 ℎ−1 kpc, where the inflow gradually dissolves before penetrating the
central galaxy, changing its kinematics fundamentally.
A thorough understanding of the filament radial profiles and their cross sections at
different radii is crucial for our understanding of filamentary accretion onto the DM halos,
and for finding the fate of these filaments at radii comparable to galaxy sizes. As a prototype,
we use the filament #1 of the Z2L halo and analyze it across the halo virial radius and down
to ∼ 50 ℎ−1 kpc. For this purpose, we select the gas particles outside 𝑅vir at 𝑧 ∼ 2.4 and
follow them inwards. This filament falls into the central galaxy being inclined with respect
to the disk plane of the central galaxy by an angle of ∼ 30◦ .
Both the volume density, temperature, metallicity and the radial velocity of this gas
show an interesting structure. Most prominent is the central region of the filament at
almost all radii, where one can define the core of the filament in each of these variables
(see Figure 4.7) extending as the spine. We also observe that the above physical properties
correlate within the filament. For example, the volume density and the temperature show
a tight correlation. A more careful look does not support any metallicity gradient between
the core and the envelope of the filament and the apparent difference in this Figure comes
from the density gradient.
To verify this, we have dissected this filament as discussed above. Figure 4.8 provides
a more revealing view to study the gradients between the core and the envelope of the
filament, and their dependence on the radius. For the volume density, the cross section at
the innermost radius 𝑅 ∼ 50 ℎ−1 kpc displays a high density core of 𝜌 ∼ 10−25.5 g 𝑐𝑚 −3 ,
enveloped by a lower density gas of 𝜌 ∼ 10−26.5 g 𝑐𝑚 −3 . For the outer radii, 𝑅 ∼ 150,
200, 250, and 350 ℎ−1 kpc, the envelope filament density drops by more than one order of
magnitude comparing to that at the inner boundary of 𝑅 = 50 ℎ−1 kpc. The core density
has a weaker dependence on radius than the envelope.
The substructure can be imbedded in the filament, e.g., the slice situated at 𝑅 ∼
500 ℎ−1 kpc of Figure 4.8 (i.e., the lowest frame), which displays such a substructure embedded in the spine of the filament. This conicidental trapping of the substructure in the
core of the filament explains its very high density. The temperature maximum also lies
within the filament core. This is not the case for this snapshot — within the substructure
the temperature reaches it minimum, surrounded by the warm envelope.
As mentioned above, the high density core regions tend to have a higher temperature.
The innermost slice at 𝑅 ∼ 50 ℎ−1 kpc exhibits the highest temperature of 𝑇 ∼ 106 K, while
the slices at larger 𝑅 are only heated up to 𝑇 ∼ 105.5 K.
Most of the slices have low metallicity, (𝑍/𝑍 ⊙ ) ∼ 10−4 . But high metallicity gas
particles of (𝑍/𝑍 ⊙ ) ∼ 10−3 − 10−1 are found scattered across the cross section without a
strong correlation with density or temperature. This is in agreement with the metallicity
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Figure 4.7: The gas particles in the filament #1 of the halo Z2L at 𝑧 = 2.1, colored
with density (top left), temperature (top right), metallicity (bottom left) and infall velocity
(bottom right). The dashed circles represent the virial radii.

radial profile in Figure 4.7. But the region surrounding the substructure always has a high
metallicity, and this is confirmed by the slice at 𝑅 ∼ 500 ℎ−1 kpc.
For the slice at the innermost radius of 𝑅 = 50 ℎ−1 kpc, the radial infall velocity has
reached 𝑣 r ∼ 250−200 km s−1 for the core gas. But the infall velocity for the envelope drops
to as low as 𝑣 r ∼ 25 − 50 km s−1 . At larger radii, the infall velocity gradually decreases
from the core to the envelope from 𝑣 r ∼ 200 km s−1 to below 𝑣 r ∼ 50 km s−1 ). In each slice,
the high density stream-like structures tend to separate into different infall velocity regions.
4.4.4

Joining the central galaxy: dissolution of the accretion filaments

In this section, we address evolution of the accretion filaments in the innermost halo region
of 𝑅 ∼ 10 − 50 ℎ−1 kpc, where the modified d-web method generally fails to separate the
filaments from the other regions. This region is the most interesting one because it borders
with the central galaxy. One can consider it as a circumgalactic region.
For this purpose, we identify the filament particles at larger radii and follow them
individually to the center. In order to not over-estimate the inflow rate, within this region,
we only consider the particles belonging to the filament if their radial velocity exceeds the
local dispersion velocity of the gas.
Figure 4.10 displays the fate of the filament #1 within the halo Z2L using two scales: the
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Figure 4.8: The representative slices of the gas in the filament #1 of the halo Z2L (see
Figure 4.1) at 𝑧f = 2. Shown is from the left to right columns, projections weighted by the
gas density, temperature, metallicity and the inflow radial velocity. From top to bottom the
slices represent the cuts at distances 𝑅 = 50, 150, 200, 250, and 350 ℎ−1 kpc. Each slice
has 30 ℎ−1 kpc radial thickness. Each frame has 150 ℎ−1 kpc on the side.
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Figure 4.9: The face-on (left) and edge-on (right) map of the gas stream in filament #1 of
the halo Z2L at 𝑧f = 2, colored with the gas temperature. The upper panel shown using
the 60 ℎ−1 kpc boxes, and the lower panels shown using the 400 ℎ−1 kpc boxes. The dashed
circles represent the virial radii. The central black contours in the upper boxes display the
shape of the central galaxy, i.e., the face-on or edge-on.
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Figure 4.10: The face-on (left) and edge-on (right) vorticity maps of the gas particles in
the filament #1 of the halo Z2L at 𝑧f = 2. The upper panels shown in the 60 ℎ−1 kpc boxes
and the lower panel shown in the 400 ℎ−1 kpc boxes. The dashed circles represent the virial
radii. The central white contours in the upper frames display the shape of the central galaxy,
i.e., face-on and edge-on.
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large scale of the virial radius, ∼ 200 ℎ−1 kpc, and the smaller scale of 30 ℎ−1 kpc. On both
scales we present the filament and the flow streamlines in two projections for the central
galaxy, phase-on and edge-on.
Note that the filament approaches the galaxy being inclined by ∼ 30◦ to the galaxy
equatorial plane. In fact, in all of our models, the filaments appear inclined to galaxy
planes — we do not encounter orthogonal filaments or those approaching the galaxy in its
midplane.
In lower panel of Figure 4.10, the filament gas can be seen in maintaining the temperature
around 𝑇 ∼ 104 − 105 K when falling through the virial radius. It is dramatically heated up
to 𝑇 ∼ 106 K at around 𝑅 ∼ 50 ℎ−1 kpc. The filament has a thickness, i.e., cross section, of
∼ 150 ℎ−1 kpc. This is much wider than the galaxy scale of ∼ 10 ℎ−1 kpc. Most of the gas
falls towards the center being aligned with direction of the filament until 𝑅 ∼ 30 ℎ−1 kpc,
where the gas streamlines becomes distorted and display increasing turbulence. Some of
the infall becomes an outflow.
Analysis of turbulent motion is inherently difficult. We follow the method outlined in
Choi et al. (2013), which relies on the vorticity and its cross product with the velocity field,
𝑤® = ▽ × 𝑣®, called the intertial vortex force. We have pixelized the filament image and
plotted the vorticity field in Figure 4.10, on the galaxy scale (upper frames) and the halo
scales (lower frames) specified above.
On larger scales and outside the filament, the flow appears irrotational. Inside the
filament, the vorticity has increased with approaching the galaxy. This is partly due to
the Kelvin-Helmholz instability which acts as to ablate the filament inside 𝑅 ∼ 30 ℎ−1 kpc.
Understanding and quantifying this ablation process if of prime importance for galaxy
growth.
4.5

Discussion

We use high-resolution zoom-in cosmological simulations to model the structure and evolution of the cosmological gas filaments penetrating the DM halos at different final redshifts of 𝑧f = 6, 4, and 2. All the halos have been chosen to have similar masses of
l𝑜𝑔 𝑀vir /M⊙ ∼ 11.65 ± 0.05 at the final redshifts, evolving in a high or low density environment, i.e., different overdensities. We compare the thermodynamic and kinematic
properties of cosmological filaments at different redshifts, starting with well outside the
halos virial radii and down to the circumgalactic regions, where the filaments are expected
to interact with the galactic environment, dissolve and contribute to the galaxy growth.
We summarize our results and discuss them. We find that,
• Using a modified d-web method applied to the gaseous filaments allows us to map
these filament down to ∼ 50 ℎ−1 kpc, well inside the halo virial radius. Combining
this method with particle kinematics, i.e., following particles whose radial infall
velocity is larger than the local dispersion velocity, allows us to trace the inflow and
its kinematic down to ∼ 10 ℎ−1 kpc — which is the typical galactic boundary.
• Accretion rates via individual filaments at each redshift differ with redshift — there
is a substantial dependence on 𝑧f among them. Filaments at higher redshifts display
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higher mass accretion rate for DM halos with similar masses.
• The typical density of filaments declines with redshift, i.e., from 𝜌 ∼ 10−24 −
10−25 g cm−3 at 𝑧f = 6 to ∼ 3 × 10−26 − 10−27 g cm−3 At 𝑧f = 2.
• The temperature inside the filaments increases within the virial radius, faster at lower
redshifts. This trend correlates with the increase in the cosmic UV background.
• All the filaments have metallicity in the range of (𝑍/𝑍 ⊙ ) ∼ 10−3 − 10−1 , with no
obvious gradient along the radius.
• The radial velocities within the filaments decrease with redshift from ∼ 250 −
150 km s−1 down to ∼ 150 − 75 km s−1 .
• The filaments show a complex structure which can be described as the core-envelope:
the core radial flow surrounded by the lower density envelope. The core exhibits an
elevated density and temperature, a similar metallicity to that in the envelope, but
a higher inflow velocity. This generates velocity gradients between the core and its
envelope.
• The inner ∼ 30 ℎ−1 kpc of the filaments show a developing Kelvin-Helmhotz instability which ablates the filament and dissolves it, as well as excites turbulence in
the circumgalactic region. We have quantified this turbulence and mapped it in two
projections.
As volume density in the universe decreases with redshift, we find that the average gas
density in the filaments decreases with decreasing redshift as well. This is clearly related
to decrease in the average density of the universe with redshift.
According to the cold accretion model, the gas in the filaments can be kept cold while
infalling to the center, without being shocked at around the virial radius (as is the case with
the diffuse accretion gas). We have confirmed this for all filaments. The gas temperature
in the filaments can stay low, ≤ 105 K, which is substantially lower than the halo virial
temperature. Inside the virial radius, the gas temperature keeps increasing steeply. This
indicates that the gas is either being compressed and shocked there, or is heated-up by stellar
feedback.
Comparing to temperature and density radial profiles, we can not find any detectable
gradient existing for the gas metallicity. If a substructure is embedded in a filament, its
metallicity can diffuse by means of outflows or other feedback, smearing the gradients.
The inflow velocity profiles along the filaments are flat, but the average inflow velocity
at higher redshifts is larger than that at lower redshifts (Figure 4.5). The reason was this
change with redshift is that the halo virial radius for our halos is the same in comoving
frame but the inflow velocity depends on strength of the gravitational acceleration in the
physical frame.
Slicing the filaments perpendicular to their spines (e.g., Figure 4.8) allows us to define
the high density core and low density envelope region(s) in each slice. This structure can
be traced along the filaments, e.g., Figures 4.7 and 4.8. This high and low density regions
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can have different infall velocities. The core region separates the higher and lower infall
velocities.
Turning our attention to the innermost halos, inside ∼ 30 ℎ−1 kpc, we observe that the
geometrical width of the filaments exceeds substantially the galaxy cross sections. In all
of our models, the filament is inclined to the equatorial plane of the central galaxy. The
inclination angle is never around 90◦ or around 0◦ . For example, the Figure 4.9, shows the
inclination angle being ∼ 30◦ .
Next, inside this region, the filament is being dissolved (e.g., Figure 4.9) by ablation
process. The turbulent motion of the gas in this region is clearly visible. But, in order to
quantify the turbulence, we have calculated it (see section 4.4.4 and pixelized in Figure 4.10.
It shows that the dissolution is rapid and turbulence which minimal beforehand is spreading
sideways. An interesting question is to what extent this turbulent flow in the circumgalactic
region contributes to the turbulence in the underlying galactic disk.
We can recognize few types of interactions between the filamentary inflow and the
galactic disk. First, some of the inflow impact the galaxy head-on, and has both prograde
and retrograde motion with respect to the rotation of the stellar/gaseous disk. We expect, to
be verified, that the prograde encounter is more smooth than the retrograde one. Second,
some of the gas inflow misses the direct encounter with the disk and created a tail flow,
which appears to be turbulent. We did not study its fate at this point.
We have calculated the fraction of volume occupied by the sheets shown in Figure 4.1,
and found it roughly independent of redshift. By definition, the sheets represent a onedimensional stable manifold, while filaments represent a two-dimensional stable manifold.
Note, that Hahn et al. (2007a) has measured this fraction evolution and found that this
fraction increases till 𝑧 ∼ 2 and decreases thereafter. However, there is no contradiction
with our results — our redshift dependence is not evolutionary one, but compares the
environment of similar mass halos at different redshifts.
Finally, we observe that all the halos are connected typically by 2-3 filaments, and by 4
filaments in one case only. This is in agreement with other simulations (e.g. IllustrisTNG
simulation, Nelson et al. (2018)). The reason for this is still not well understood.
4.6

Conclusions

Based on a set of high-resolution zoom-in cosmological hydrodynamical simulations, we
investigate the baryonic filaments which channel the flow across the virial radius and down to
the circumgalactic regions. We choose DM halos with similar masses of log (Mv𝑖𝑟 /M⊙ ) ∼
11.65 at three representative redshifts, 𝑧f = 6, 4 and 2. These halos have been evolved in
low and high overdensities compared to the average density in the universe.
We find all our halos have typically 2-3 filaments. The density inside the filaments
inversely correlates with their redshifts. The filament gas is confirmed to stay relatively
cold, ≤ 105 K, in tandem with the prediction of the cold accretion model. However, inside
the virial radius, the gas is heated-up gas gradually, either by entraining the surrounding
virialized halo gas or by stellar feedback. We noticed that all our filaments display a
dense core – low density envelope structure, which is also characterized by different radial
infall velocities. This velocity gradients within the filaments lead to the Kelvin-Helmholtz
instability along the spine of the filament. At innermost radii, this leads to a rapid ablation
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and dissolution of the filaments and drives turbulence in the circumgalactic region, i.e.,
inside the inner ∼ 30 ℎ−1 kpc.
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Chapter 5 Summary and Future Work

The study of the galactic morphology is a vibrant subject with a long research history. It is
suggestive of various processes or stages in secular evolution of galaxies. However, many
contributing factors exist that can affect the morphology of a galaxy. Therefore, to obtain a
clearer picture of the origin of galactic morphology depends on the combination of observational input, and analytical numerical research. With the fast increasing computational
capacity in the past decades, numerical simulations provide a working and efficient way to
investigate this subject. In numerical simulations, we can compare and constrast evolution
of galactic morphology with overall evolution of galaxies and the applied constraints. Such
a synthetic approach to galaxy evolution is the only road to understanding of various the
correlations between numerous parameters which characterize galaxies.
The literature is abound with works on the morphology of low redshift galaxies. But
data on the high redshift galaxies is scarce. Therefore, the focus of this work is to present the
> 2. We
results of ultra-high resolution numerical simulations of high redshift galaxies, 𝑧 ∼
attempted to answer the basic question what the factor which determines the morphology of
galaxies that form within similar mass dark matter halos at three representative redshifts, i.e.,
𝑧 = 6, 4 and 2, residing in different environments and subject to different feedbacks. With
a set of simulations subject to well defined constrains, we analyze effects of these factors
during the cosmological evolution of galaxies, focusing on the their internal structure, star
formation, gas fraction, metallicity, etc. We pay a special attention to the triggering of stellar
bars at high redshift, their growth and destruction during violent events characterizing the
early universe.
Of course, some important factors affecting the galaxy evolution has been neglected by
us. For example, we did not invoke the supermassive black holes phenomena, and as a result
we miss the feedback from active galactic nuclei. Furthermore, the supernova feedback
in our simulations is assumed to be isotropic, which clearly over-simplified this process.
We ignored the magnetic fields and radiative feedback, which will obviously affect the gas
dynamics. For the future work, it is important to include these factors in the simulations
to obtain more realistic models of galaxies. Lastly, due to the limitation of computational
allocations, we have only run 12 halos in this work. A larger sample will provide the option
of obtaining statistical results to be compared with observational data for low and high
redshift galaxies to obtain a more complete view and understanding of the galaxy evolution.

Copyright© Da Bi, 2022.
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Appendices

Appendix A: The bulge-disk decomposition based on the stellar surface density
We obtained the bulge and disk components by fitting the 1-D face-on stellar surface density
profile with a model combined the Sersic function and an exponential for the outer disk,
Σ(𝑟) = Σe 𝑒 −𝑏n [(𝑅/𝑅e )

1/𝑛 −1]

+ Σ0 𝑒 −𝑅/𝑅d

(A1)

where, Σe and 𝑅e are the effective surface density and effective radius of the bulge
component. 𝑛 is the Sersic index of the bulge component. Σ0 and 𝑅d are the central surface
density and scalelength of the exponential disk component. Both components are fitted
simultaneously to satisfy the Maximum likelihood estimate for the 1-D face-on projection
surface density profile. We added an additional constrain that 𝑟 d > 𝑟 e to make sure that the
disk component is always outside the bulge component.

Figure A1: Bulge-disk decomposition of CW models based on the stellar surface density.
The sizes are in comoving coordinates.
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Figure A2: Bulge-disk decomposition of VW models based on the stellar surface density.
The sizes are in comoving coordinates.

Appendix B: Bulge-disk decomposition based on the surface photometry
Similar to the stellar surface density decomposition. For the surface photometry, we have
replaced all the mass surface densities with photometric surface brightness,
𝐼 (𝑟) = 𝐼e 𝑒 −𝑏n [(𝑅/𝑅e )

1/𝑛 −1]

+ 𝐼0 𝑒 −𝑅/𝑅d ,

(B1)

where, 𝐼e and 𝑅e are effective surface brightness and effective radius of the bulge component.
𝑛 is the Sersic index of the bulge component. 𝐼0 and 𝑅d are central surface brightness and
scale length of the exponential disk component.
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Figure B1: Bulge-disk decomposition for the CW models based on their photometric
images using JWST filter F356W for 𝑧f = 6, and filter F200W for 𝑧 f = 4 and 2.

Figure B2: Bulge-disk decomposition for the VW models (as in Figure B1).
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